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agenda

• star formation theory 

- phenomenology

- historic remarks

- our current understanding and its limitations

• open questions

- can radiative feedback limit protostellar accretion?

- what are the initial conditions for star cluster formation?

- are molecules needed to form stars?

NGC 3324 (Hubble, NASA/ESA)



phenomenology



Hubble Ultra-Deep FieldHubble Ultra-Deep Field

• star formation sets in very 
early after the big bang

• stars always form in galaxies 
and protogalaxies

• we cannot see the first 
generation of stars, but 
maybe the second one



M51 with Hubble (additional processing R. Gendler)

• correlation between stellar 
birth and large-scale dynamics

• spiral arms

• tidal perturbation from 
neighboring galaxy



HI Maps

SFR Maps

H2 Maps

• HI gas more extended

• H2 and SF well correlated

atomic 
hydrogen

molecular 
hydrogen

star 
formation

galaxies from THINGS and HERACLES survey 
(images from Frank Bigiel, ZAH/ITA)
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distribution of molecular 
gas in the Milky Way as 
traced by CO emission
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Orion

Orion Nebula Cluster (ESO, VLT, 
M. McCaughrean) 



• stars form in molecular clouds

• stars form in clusters

• stars form on ~ dynamical time

• (protostellar) feedback is very 
important

Orion Nebula Cluster (ESO, VLT, M. McCaughrean) 



Ionizing radiation from central star Θ1C Orionis 

Trapezium Cluster: Central Region

(Ricci et al. 2008, Hubble)

Proplyds: Evaporating ``protoplanetary´´ disks 
around young low-mass protostars

(Johnstone et al. 1998, Hubble)
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decrease in spatial scale / increase in density 

• density

- density of ISM: few particles per cm3

- density of molecular cloud: few 100 particles per cm3

- density of Sun: 1.4 g /cm3

• spatial scale

- size of molecular cloud: few 10s of pc

- size of young cluster: ~ 1 pc

- size of Sun: 1.4 x 1010 cm

Andromeda (R. Gendler)

NGC 602 in LMC (Hubble)

Proplyd in Orion (Hubble)

Sun (SOHO)
Earth



decrease in spatial scale / increase in density 

• contracting force

-  only force that can do this compression
 is GRAVITY

• opposing forces

-  there are several processes that can oppose gravity

-  GAS PRESSURE

-  TURBULENCE

-  MAGNETIC FIELDS

-  RADIATION PRESSURE

Andromeda (R. Gendler)

NGC 602 in LMC (Hubble)

Proplyd in Orion (Hubble)

Sun (SOHO)
Earth

Modern star formation 
theory is based on the 
complex interplay between 
all these processes.



•Jeans (1902): Interplay between 
self-gravity and thermal pressure
- stability of homogeneous spherical

density enhancements against 
gravitational collapse

- dispersion relation:

- instability when 

- minimal mass: 
 

early theoretical models

Sir James Jeans, 1877 - 1946
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•von Weizsäcker (1943, 1951)  and 
Chandrasekhar (1951): concept of
MICROTURBULENCE
- BASIC ASSUMPTION: separation of 

scales between dynamics and turbulence

lturb « ldyn

- then turbulent velocity dispersion contributes
to effective soundspeed:

-  Larger effective Jeans masses  more stability

- BUT: (1)  turbulence depends on k:

          (2) supersonic turbulence              usually

first approach to turbulence

S. Chandrasekhar, 
1910 - 1995
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problems of early dynamical theory

•molecular clouds are highly Jeans-unstable,
yet, they do NOT form stars at high rate
and with high efficiency 
(the observed  global SFE in molecular clouds is ~5%)
 something prevents large-scale collapse.

•all throughout the early 1990’s, molecular clouds
had been thought to be long-lived quasi-equilibrium
entities.

•molecular clouds are magnetized



•Mestel & Spitzer (1956): Magnetic
fields can prevent collapse!!!
- Critical mass for gravitational 

collapse in presence of B-field

- Critical mass-to-flux ratio
(Mouschovias & Spitzer 1976)
 

- Ambipolar diffusion can initiate collapse

magnetic star formation 
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• BASIC ASSUMPTION: Stars form from 
magnetically highly subcritical cores

• Ambipolar diffusion slowly 
increases (M/Φ): τAD ≈ 10τff

• Once (M/Φ) > (M/Φ)crit :
dynamical collapse of SIS

•  Shu (1977) collapse solution

•  dM/dt = 0.975 cs
3/G = const. 

• Was (in principle) only intended 
for isolated, low-mass stars

“standard theory” of star formation 

Frank Shu, 1943 -  

magnetic field



problems of “standard theory”

• Observed B-fields are weak, at most 
marginally critical (Crutcher 1999, Bourke et al. 
2001)

• Magnetic fields cannot prevent decay of 
turbulence
(Mac Low et al. 1998, Stone et al. 1998, Padoan & 
Nordlund 1999)

• Structure of prestellar cores
(e.g. Bacman  et al. 2000, Alves et al. 2001)

• Strongly time varying dM/dt
(e.g. Hendriksen et al. 1997, André et al. 2000)

• More extended infall motions than 
predicted by the standard model
(Williams & Myers 2000, Myers et al. 2000)

• Most stars form as binaries
(e.g. Lada 2006)

• As many prestellar cores as protostellar 
cores in SF regions (e.g. André et al 2002)

• Molecular cloud clumps are chemically 
young 
(Bergin & Langer 1997, Pratap et al 1997, Aikawa 
et al 2001)

• Stellar age distribution small (τff << τAD)
(Ballesteros-Paredes et al. 1999, Elmegreen 2000, 
Hartmann 2001)

• Strong theoretical criticism of the SIS as 
starting condition for gravitational 
collapse
(e.g. Whitworth et al 1996, Nakano 1998, as 
summarized in Klessen & Mac Low 2004)

• Standard AD-dominated theory is 
incompatible with observations 
(Crutcher et al. 2009, 2010ab, Bertram et al. 2011)

 (see, e.g. the overview by Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194)



• BASIC ASSUMPTION:  
 

star formation is controlled by interplay between 
supersonic turbulence and self-gravity 

• turbulence plays a dual role:

- on large scales it provides support

- on small scales it can trigger collapse

• some predictions:

- dynamical star formation timescale τff

- high binary fraction

- complex spatial structure of 
embedded star clusters

- and many more . . .

gravoturbulent star formation

frequency of regions of efficient star formation deter-
mines the overall star formation rate in a feedback loop.

The big open question in this area remains the impor-
tance of radiative cooling for efficient star formation,
either on its own or induced by turbulent compression.
Is cooling, and indeed molecule formation, necessary for
gravitational collapse to begin, or is it rather a result of
already occurring collapse in gravitationally unstable
gas? Certainly there are situations in which cooling will
make the difference between gravitational stability and
instability, but are those just marginal cases or the pri-
mary driver for star formation in galaxies?

In Fig. 29 we outline a unified picture that depends on
turbulence and cooling to control the star formation
rate. After describing the different elements of this pic-
ture, we discuss the steps that we think will be needed to
move from this cartoon to a quantitative theory of the
star formation rate. The factor that determines the star
formation rate above any other is whether the gas is
sufficiently dense to be gravitationally unstable without
additional cooling. Galactic dynamics and interactions
with other galaxies and the surrounding intergalactic gas
determine the average gas densities in different regions
of a galaxy. The gravitational instability criterion here
includes both turbulent motions and galactic shear, as
well as magnetic fields. If gravitational instability sets in
at large scale, collapse will continue so long as sufficient
cooling mechanisms exist to prevent the temperature of
the gas from rising (effective adiabatic index !eff"1).
Molecular clouds can form in less than 105 yr, as the gas
passes through densities of 104 cm!3 or higher, as an
incidental effect of the collapse. A starburst results, with
stars forming efficiently in compact clusters. The size of
the gravitationally unstable region determines the size of
the starburst.

If turbulent support, rather than thermal support, pre-
vents the gas from immediately collapsing, compression-
induced cooling can become important. Supersonic tur-
bulence compresses some fraction of the gas strongly. As
most cooling mechanisms depend on the gas density
nonlinearly, the compressed regions cool quickly. When
these regions reach densities of order 104 cm!3, again
molecule formation occurs, allowing the gas to cool to

even lower temperatures (see Sec. VI.A). These cold
regions then can become gravitationally unstable and
collapse, if allowed by the local turbulence. Triggering
by nearby star formation events (Elmegreen and Lada,
1977) represents a special case of this mode (see Sec.
VI.D.2). This mechanism is less efficient than prompt
gravitational instability, as much of the gas is not com-
pressed enough to form molecules. It is, however, more
efficient in regions of higher average density. Galactic
dynamics again determines the local average density and
so, in the end, the star formation efficiency in this re-
gime as well.

If turbulence even in the cooled regions supports the
gas against general gravitational collapse, isolated, low-
rate star formation can still occur locally in regions fur-
ther compressed by the turbulence. This may describe
regions of low-mass star formation like the Taurus
clouds. On the other hand, if the cooled gas begins to
collapse gravitationally, locally efficient star formation
can occur. The size of the gravitationally unstable region
then really determines whether a group, OB association,
or bound cluster eventually forms. Star formation in re-
gions like Orion may result from this branch.

2. Gravitational instabilities in galactic disks

Now let us consider the conditions under which gravi-
tational instability will set in. On galactic scales, the
Jeans instability criterion for gravitational instability
must be modified to include the additional support of-
fered by the shear coming from differential rotation, as
well as the effects of magnetic fields. The gravitational
potential of the stars can also contribute to gravitational
instability on large scales. Which factor determines the
onset of gravitational instability remains unknown. Five
that have been proposed are the temperature of the cold
phase, the surface density, the local shear, the presence
of magnetic fields, and the velocity dispersion, in differ-
ent combinations.

We can heuristically derive the Toomre (1964) crite-
rion for stability of a rotating, thin disk with uniform
velocity dispersion # and surface density $ using time-
scale arguments (Schaye, 2002). First consider the Jeans
criterion for instability in a thin disk, which requires that
the time scale for collapse of a perturbation of size %,

tcoll"!%/G$ , (34)

be shorter than the time required for the gas to respond
to the collapse, the sound crossing time,

tsc"%/cs . (35)

This implies that gravitational stability requires pertur-
bations with size

%#cs
2/G$ . (36)

Similarly, in a disk rotating differentially, a perturbation
will spin around itself, generating centrifugal motions
that can also support against gravitational collapse. This
will be effective if the collapse time scale tcoll exceeds

FIG. 29. Criteria for different regimes of star formation effi-
ciency in galaxies. See text for further details.

173M.-M. Mac Low and R. S. Klessen: Control of star formation by supersonic turbulence

Rev. Mod. Phys., Vol. 76, No. 1, January 2004

 Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194



• energy balance

- in molecular clouds: 

- kinetic energy ~ potential energy ~ magnetic energy > thermal energy 

- models based on HD turbulence misses important physics

- in certain environments (Galactic Center, star bursts), energy density 
in cosmic rays and radiation is important as well

• time scales 

- star clusters form fast, but more slowly than predicted by HD only
(feedback and magnetic fields do help)

- initial conditions do matter 
(turbulence does not erase memory of past dynamics) 

• star formation efficiency (SFE)

- SFE in gravoturbulent models is too high (again more physics needed) 

some concerns



• stars form from the complex interplay of self-gravity and a large number of 
competing processes (such as turbulence, B-field, feedback, thermal pressure)

• the relative importance of these processes depends on the environment

- prestellar cores --> thermal pressure is important
molecular clouds --> turbulence dominates

- massive star forming regions (NGC602): radiative feedback is important 
small clusters (Taurus): evolution maybe dominated by external turbulence  

• star formation is regulated by various feedback processes

• star formation is closely linked to global galactic dynamics

current status

∝(Larson’s relation: σ    L1/2)}

Star formation is intrinsically a multi-scale and multi-physics 
problem, where it is difficult to single out individual processes. 
Simple theoretical approaches usually fail.  



Carina with HST

Star formation is intrinsically a multi-scale and multi-physics 
problem, where it is difficult to single out individual processes. 
Simple theoretical approaches usually fail.  



HH 901/902 in Carina with HST



• how do high-mass stars form?
can radiation stop accretion?

• what are the initial conditions for star cluster formation?
how does core structure translate into cluster structure? 

• how do molecular clouds form? 
are molecules needed for star formation? 

• what drives turbulence?

• what triggers / regulates star formation on galactic scales?

• how does star formation depend on metallicity? 
how do the first stars form?

• what processes generate strong magnetic fields in the early universe?

selected open questions
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Introduction

Why is the formation of massive stars interesting?

Massive stars

govern matter cycle in galaxy

produce heavy elements

release large amounts of energy and momentum into ISM

Formation of massive stars is not understood!

begin hydrogen burning while still in main growth phase

star has to accrete despite high luminosities

Is the accretion terminated by feedback processes?

IMF (Kroupa 2002) Rosetta nebula (NGC 2237)

We want to address the following questions:
• how do massive stars (and their associated clusters) form?
• what determines the upper stellar mass limit?
• what is the physics behind observed HII regions?

high-mass star formation



(proto)stellar feedback processes
• radiation pressure on dust particles
• ionizing radiation
• stellar winds
• jets and outflows

ionization
- few numerical studies so far (e.g. Dale 2007, Gritschneder et al. 
  2009), detailed collapse calculations with ionizing and non-
  ionizing feedback still missing

   - HII regions around massive stars are directly observable 
     --> direct comparison between theory and observations



• focus on collapse of individual high-mass cores...

- massive core with 1,000 M☉

- Bonnor-Ebert type density profile 
(flat inner core with 0.5 pc and rho ~ r-3/2 further out)

- initial m=2 perturbation, rotation with β = 0.05

- sink particle with radius 600 AU and threshold density 
of 7 x 10-16 g cm-3

- cell size 100 AU

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)

our (numerical) approach



• method:

- FLASH with ionizing and non-ionizing radiation using 
raytracing based on hybrid-characteristics

- protostellar model from Hosokawa & Omukai

- rate equation for ionization fraction

- relevant heating and cooling processes

- some models include magnetic fields

- first 3D MHD calculations that consistently treat both 
ionizing and non-ionizing radiation in the context of high-
mass star formation

Peters et al. (2010a,b,c)

our (numerical) approach



Disk Fragmentation

−13.0−15.2−17.5−19.8−22.0

box size 0.324 pc

0.660 Myr 0.691 Myr 0.709 Myr

0.726 Myr 0.746 Myr

log10(dens) in g cm−3

all protostars accrete from common gas reservoir

accretion flow suppresses expansion of ionized bubble

cluster shows “fragmentation-induced starvation”

halting of accretion flow allows bubble to expand
Peters et al. (2010a,b,c)
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• magnetic tower flow creates roundish bubble
• magnetic field does not change HII morphology Peters et al. (2011, ApJ, 729, 72)
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Figure 2. Slice along the z-axis in the weak-field run 26-4, at 2000
yr and 5000 yr after the formation of the first sink particle. The
two top panels show the density field and the poloidal velocity
vectors (black arrows). Note the different spatial scales between
the top and middle panel. The outflow velocity (vz , bottom panel)
and the density field after 5000 yr show a very turbulent structure
caused by internal shocks.
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Figure 3. Position-velocity (top) and position-density (bottom)
diagram for the weak-field run 26-4 after 5000 yr. The contours
have a logarithmic spacing. The bulk velocity increasing with dis-
tance. The maximum velocity show several clear peaks which are
attributed to internal shock fronts.
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Figure 4. Radial profiles of the outflow velocity (top) and the
density (bottom) at different vertical positions for the weak-field
run 26-4 after 5000 yr. The quantities are averaged azimuthally
before plotting. For z < 2000 AU the outflow velocity increases
towards the z-axis whereas at larger distances it has an almost
flat radial profile. The density profiles are rather flat showing only
small variations and a prominent jump associated with the bow
shock.

10 D. Seifried et al.

centrifugal acceleration is not possible indicating that the
outflow is mainly driven by the toroidal magnetic pressure.
The expansion speed in this phase is almost the same in the
vertical and horizontal direction (see top panel of Fig. 2)
with the outer edge of the bubble coinciding with the po-
sition of the accretion shock at the disc edge. It is only in
this initial stage when we call the outflow a magnetic tower
flow (Lynden-Bell 1996, 2003). In contrast to the situation
at 5000 yr in this transient phase there is no acceleration
of gas from the disc. In fact, the gas is accelerated only at
the tip of the outflow. Therefore the situation differs signif-
icantly from the later stages. After ∼ 2000 yr a fast, well
collimated outflow component, the centrifugal driven jet de-
velops in the region close to the z-axis. The launching of the
jet coincides with the build-up of a well defined, extended (∼
100 AU) Keplerian disc whereas prior to that disc rotation
is mostly sub-Keplerian.

In summary, besides the magnetic field line structure,
the application of the criterion derived in this work strongly
indicates that the outflow is mainly driven centrifugally at
|z| ! 800 AU while the dynamics of Bφ gets more important
at large radii and larger heights where the flow is magneto-
centrifugally driven.

4.2 Strong field case 5.2-4

4.2.1 General properties

Next, we describe global properties of the outflow gener-
ated in run 5.2-4 which has a 5 times stronger initial mag-
netic field than run 26-4 (see Table 1). The outflow shown
in Fig. 7 reveals significant differences compared to the out-
flow in run 26-4 (compare Fig. 2). Whereas the latter is well
collimated with a collimation factor of ∼ 4, the former has a
rather sphere-like morphology expanding with roughly the
same speed in all directions, therefore also maintaining a
self-similar morphology for all times. The outflow velocities
reach values of up to 5 km s−1 about a factor of 2 - 3 lower
than in run 26-4. The expansion speed of the outflow is al-
most constant over time with a value of 0.28 AU yr−1 " 1.3
km s−1. This is noticeably smaller than the expansion speed
of 1 AU yr−1 observed in run 26-4. Consequently also the
bow shock structure in run 5.2-4 is less pronounced.

Furthermore, a closer inspection of the outflow in run
5.2-4 reveals that in particular close to the symmetry axis
and the centre of the bubble gas is still falling inwards even
at late times. Gas with outwards motion occurs mainly in
the outer wings. The outflow direction in the inner part is
almost radial and gets collimated at relatively large radii
of ∼ 500 AU. This is remarkably different to the situation
in run 26-4 where almost all the gas within the outflow
area is moving outwards and preferentially parallel to the
z-axis. A consequence of the complicated velocity structure
observed in Fig. 7 is the complex density structure show-
ing several shock-like features in the bubble. We find that
the flattened structure in the midplane is a strongly sub-
Keplerian disc with significant infall motions (see Paper I,
for a detailed discussion). The sub-Keplerian rotation is a
consequence of the strong initial magnetic field decelerat-
ing the rotation of the initial core via the magnetic braking
mechanism (Mouschovias & Paleologou 1980).
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Figure 7. Same as in Fig. 2 but for the strong-field run 5.2-4. The
outflow is poorly collimated and has significantly lower outflow
velocities than the outflow in run 26-4.

4.2.2 Launching mechanism

The different morphologies of the outflows in run 5.2-4 and
run 26-4 raise the question whether the underlying launching
mechanisms differ. Firstly, we examine the relative impor-
tance of the toroidal and poloidal magnetic field components
in the top panel Fig. 8. Here again – as in Section 4.1.2 – all

density in inner region
and early times

density on larger scales 
and later times

velocity on larger scales 
and later times 

weak B-field strong B-field



ray tracing method 
(hydrid characteristics)

Monte Carlo: full RT 
(with scattered radiation)

1000 AU



mass load onto the disk 
exceeds inward transport
--> becomes gravitationally 
unstable (see also Kratter & Matzner 2006, 
Kratter et al. 2010)

fragments to form multiple 
stars --> explains why high-
mass stars are seen in clusters

Peters et al. (2010a, ApJ, 711, 1017), 
Peters et al. (2010b, ApJ, 719, 831),
Peters et al. (2010c, ApJ, 725, 134)



younger protostars form at larger radii

“burst” of 
star formation

mass load onto the disk 
exceeds inward transport
--> becomes gravitationally 
unstable (see also Kratter & Matzner 2006, 
Kratter et al. 2010)

fragments to form multiple 
stars --> explains why high-
mass stars are seen in clusters

Peters et al. (2010a, ApJ, 711, 1017), 
Peters et al. (2010b, ApJ, 719, 831),
Peters et al. (2010c, ApJ, 725, 134)



Accretion History
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Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)
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Importance of Initial Conditions for SF 5

t = 14.3 kyr Mmm = 6.08 M⊙

Nsink = 1 Mtot = 6.08 M⊙

t = 14.4 kyr Mmm = 6.15 M⊙

Nsink = 2 Mtot = 6.20 M⊙

t = 14.5 kyr Mmm = 6.22 M⊙

Nsink = 4 Mtot = 6.36 M⊙

t = 14.7 kyr Mmm = 6.27 M⊙

Nsink = 4 Mtot = 6.42 M⊙

t = 14.8 kyr Mmm = 6.30 M⊙

Nsink = 6 Mtot = 6.56 M⊙

1 10 100
column density [g cm−2]

Figure 2. Column density plots of the central region with the
disc around the most massive sink particle in run PL15-m-2. The
formation of secondary sink particles indicates the fragmenta-
tion into several objects, which quickly leads to the dissolution of
the disc. Spiral arms develop and redirect the gas away from the
central protostar, which gets starved of material. The box spans
roughly 4000× 2000 AU.
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run PL15-m-2. The gas density first increases in the immediate
proximity of the protostar due to the global infall. At later times,
the surrounding companions branch off most of the gas, leading
to a continuous decrease of the density.
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Figure 4. Accretion rate onto spherical shells around the central
protostar in the cluster. Its accretion radius is indicated by rsink.
The plot shows several curves for t � 14.3 kyr, where there is
only one sink particle (N = 1). Before the formation of secondary
protostars the accretion rate in the centre is roughly constant.
Immediately after surrounding companions have condensed out,
the accretion front moves to larger radii and starves the central
object. At later simulation times (t � 15.4 kyr) the accretion rate
varies, but stays very small for all curves.

increasing proximity to other protostars, their attraction as
an N -body system becomes stronger than the force between
protostars and gas. The protostars then dynamically decou-
ple from the filaments and accumulate in the central region
in a more spherically-symmetric configuration rather than
in a flat or string-like structure. The initial filaments get
dispersed in the central region because the N -body system
efficiently stirs the gas. The mass accretion is shown in fig-
ure 6. Note that figure 5 only covers a small time range at
the beginning of the cluster formation, whereas figure 6 cov-
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t = 14.3 kyr Mmm = 6.08 M⊙

Nsink = 1 Mtot = 6.08 M⊙

t = 14.4 kyr Mmm = 6.15 M⊙

Nsink = 2 Mtot = 6.20 M⊙

t = 14.5 kyr Mmm = 6.22 M⊙

Nsink = 4 Mtot = 6.36 M⊙

t = 14.7 kyr Mmm = 6.27 M⊙

Nsink = 4 Mtot = 6.42 M⊙

t = 14.8 kyr Mmm = 6.30 M⊙

Nsink = 6 Mtot = 6.56 M⊙

1 10 100
column density [g cm−2]

Figure 2. Column density plots of the central region with the
disc around the most massive sink particle in run PL15-m-2. The
formation of secondary sink particles indicates the fragmenta-
tion into several objects, which quickly leads to the dissolution of
the disc. Spiral arms develop and redirect the gas away from the
central protostar, which gets starved of material. The box spans
roughly 4000× 2000 AU.
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the accretion front moves to larger radii and starves the central
object. At later simulation times (t � 15.4 kyr) the accretion rate
varies, but stays very small for all curves.

increasing proximity to other protostars, their attraction as
an N -body system becomes stronger than the force between
protostars and gas. The protostars then dynamically decou-
ple from the filaments and accumulate in the central region
in a more spherically-symmetric configuration rather than
in a flat or string-like structure. The initial filaments get
dispersed in the central region because the N -body system
efficiently stirs the gas. The mass accretion is shown in fig-
ure 6. Note that figure 5 only covers a small time range at
the beginning of the cluster formation, whereas figure 6 cov-
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Fragmentation-induced starvation in a complex cluster

gas density as function of radius 
at different times

mass flow towards the center as 
function of radius at different times

Girichidis et al. (2011a,b)



Simulated Radio Continuum Maps

numerical data can be used to generate continuum maps

calculate free-free absorption coefficient for every cell

integrate radiative transfer equation (neglecting scattering)

convolve resulting image with beam width

VLA parameters:
distance 2.65 kpc
wavelength 2 cm
FWHM 0.′′14
noise 10−3 Jy

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)



Classification of UC H II Regions

Wood & Churchwell 1989 classification of UC H II regions

Question: What is the origin of these morphologies?

UC H II lifetime problem: Too many UC H II regions observed!



H II Region Morphologies

45.0033.7522.5011.250.00

shell-like core-halo cometary

spherical irregular

box size 0.122 pc

0.716 Myr 0.686 Myr 0.691 Myr

0.671 Myr 0.704 Myr

23.391M! 22.464M! 22.956M!

20.733M! 23.391M!

emission at 2 cm in mJy/beam

synthetic VLA observations at 2 cm of simulation data
interaction of ionizing radiation with accretion flow creates
high variability in time and shape
flickering resolves the lifetime paradox! Peters et al. (2010a,b,c)



H II Region Morphologies

Type WC89 K94 single multiple

Spherical/Unresolved 43 55 19 60 ± 5
Cometary 20 16 7 10 ± 5
Core-halo 16 9 15 4 ± 2
Shell-like 4 1 3 5 ± 1
Irregular 17 19 57 21 ± 5

WC89: Wood & Churchwell 1989, K94: Kurtz et al. 1994

statistics over 25 simulation snapshots and 20 viewing angles

statistics can be used to distinguish between different models

single sink simulation does not reproduce lifetime problem

Peters et al. (2010a,b,c)



Time Variability
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correlation between accretion events and H II region changes

time variations in size and flux have been observed

changes of size and flux of 5–7%yr−1 match observations
Franco-Hernández et al. 2004, Rodŕıguez et al. 2007, Galván-Madrid et al. 2008

time variability

(Galvan-Madrid et al. 2011)



Some results

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134), Peters et al. (2011, ApJ, 729, 72

• ionization feedback cannot stop accretion

• ionization drives bipolar outflows

• HII regions show high variability in time and shape

• all classified morphologies can be observed in one run

• lifetime of HII regions determined by accretion 
timescale (and not by expansion time)

• rapid accretion through dense and unstable flows

• fragmentation limits further accretion of massive stars 
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ICs of star cluster formation

• key question:

- what is the initial density profile 
of cluster forming cores? how 
does it compare low-mass cores?

• observers answer:

- very difficult to determine!

‣ most high-mass cores have
some SF inside

‣ infra-red dark clouds (IRDCs)
are difficult to study

- but, new results with Herschel

IR
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ICs of star cluster formation

• key question:

- what is the initial density profile of cluster forming cores? 
how does it compare low-mass cores?

• observers answer:

- very difficult to determine!

‣ most high-mass cores have
some SF inside

‣ infra-red dark clouds 
(IRDCs) are difficult to study

- but: new results 
with Herschel

IRDC observed with Herschel, Peretto et al. (2010) 

Peretto et al.: Mapping IRDCs with Herschel
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Fig. 1. (Left): Two color image of one of the 22 IRDCs analyzed
here. The blue is the 160 µm emission while the red and the
contours show the 250 µm .(Right): Spitzer 8 µm image of the
same IRDC on which we have overlaid the Herschel 250 µm
contours.

In total, Peretto & Fuller (2009) catalogued ∼ 450 Spitzer
IRDCs in the 2 tiles of the Hi-GAL SDP fields, 75% of these
being in the l = 30◦ tile. Checking each of these clouds by
eye, we identified 80 to 90% of these IRDCs seen in emission
with Herschel at long wavelengths, confirming that these are real
clouds, not caused by artifacts in the Spitzer 8 µm background.
For this study, we selected a subsample of 22 IRDCs (see Fig. 1),
with sizes ranging from 40��to 180��,1 all large enough to contain
at least one 500 µm beam (i.e., 36��) and with a column density
peak derived from extinction such as Npeak

H2
≥ 3 × 1022 cm−2,

which is high enough to clearly stand out of the Hi-GAL data
background. All images were resampled to a common pixel size
of 2��. We excluded the W43 region because of its complex back-
ground structure (Bally & et al. 2010). Our selected sample is
clearly biased towards rather large and massive IRDCs.

3. Background emission towards the IRDC

The equation governing the emission Iν towards an IRDC in the
optically thin case is:

Iν = Bν(T IRDC
d )

�
1 − e−τ

IRDC
ν

�
+ Iback
ν e−τ

IRDC
ν + Ifore

ν (1)

= Bν(T IRDC
d ) × τIRDC

ν + Ibg
ν , (2)

where Bν(T IRDC
d ) is the Planck function at the temperature of

the IRDC averaged along the line of sight, τIRDC
ν is the opac-

ity of the IRDC at the corresponding frequency, and Ibg
ν is the

combined background and foreground emission, which is ap-
proximately independent of τIRDC

ν in the optically thin limit.
Equation 2 shows that to calculate the opacity and temperature
for images at a range of wavelengths, the background emission
Ibg
ν at each wavelength needs first to be determined.

The full images show that a significant fraction of the total
flux is from large-scale extended emission (Molinari et al. 2010).
It is important to account for this emission to reliably map the
IRDC emission because fluctuations in this background could
otherwise be interpreted as structure in the IRDC. However

1 These sizes are those derived from the extinction and given in
Peretto & Fuller (2009). The sources are systematically larger in emis-
sion because the Hi-GAL data probes lower column density material.

Reconstructed 160µm background image Original 160µm image 

Fig. 2. Comparison of the original 160 µm image (left) with
the corresponding reconstructed background image (right). The
intensity scale is the same for both images. The reconstructed
background image has been smoothed to 36��, the common reso-
lution used in for the SED fitting (cf Sects. 4 and 5). The contour
corresponds to the limit between IRDC and background derived
from the 500 µm data.

defining the background structure is not trivial. Since the cir-
rus noise decreases towards longer wavelengths (Gautier et al.
1992), we used the 500 µm image to define the boundaries of
each IRDC (The 350µm data, which are very similar but have
higherr angular resolution, were also used to confirm the bound-
ary of each IRDC.) The pixel flux distribution at 500 µm toward
IRDCs shows in most cases a well defined peak at low fluxes
and extended tail at larger fluxes corresponding to the IRDC.
The level to separate the background and IRDC was chosen to
be one standard deviation above the peak value, the standard de-
viation being calculated from only those pixels below the peak.
This procedure allows us to identify the pixels in the image as-
sociated with the IRDC, and those pixels containing only back-
ground emission (Fig. 2). This procedure works well, even for
small IRDCs, provided there are sufficient pixels to characterize
the background emission.

To take the background fluctuations into account, we recon-
structed at all wavelengths background images by interpolating
the background pixels at the position of the IRDC pixels. After
experimenting with various interpolation methods, we decided
to use an interpolation based on the nearest neighbors. However,
the interpolation method has little impact on the global physi-
cal properties since flux uncertainties are dominated by cirrus
noise at short wavelengths (cf. next paragraph) and calibration
uncertainties at longer wavelengths. In Fig. 2, we show the re-
constructed background images of the IRDC at 160 µm as well
as the original image on the same intensity scale. The most sig-
nificant feature of this background image is the important de-
crease in intensity on the left part of the image (as also seen at
250 µm ; Fig. 1), which is recovered well on the reconstructed
background image.

Uncertainties in these background images are obviously
higher at the center of the IRDCs, where pixels are further away
from a background pixel. To estimate this uncertainty, we com-
puted a two point flux difference for all background pixels as a
function of their angular separation, and this at each wavelength
(Fig. 3). As observed for all IRDCs, the uncertainties are much
higher at 160 µm than at 500 µm , justifying our choice of choos-
ing the latter for defining the IRDC boundaries. When the uncer-
tainties computed this way are higher than the 20% calibration
uncertainty, we used them on the flux measurement when per-
forming pixel by pixel SED fitting (cf. Sect. 4).
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ICs of star cluster formation

• key question:

- what is the initial density profile of cluster forming 
cores? how does it compare low-mass cores?

• theorists answer:

- top hat (Larson Penston)

- Bonnor Ebert (like low-mass cores)

- power law ρ∝r -1 (logotrop)

- power law ρ∝r -3/2 (Krumholz, McKee, etc)

- power law ρ∝r -2 (Shu)

- and many more



different density profiles

• does the density profile matter?
.
.
.

• in comparison to 

- turbulence ...

- radiative feedback ...

- magnetic fields ...

- thermodynamics ...



different density profiles

• address question in simple numerical experiment

• perform extensive parameter study

- different profiles (top hat, BE, r-3/2, r-3)

- different turbulence fields

‣ different realizations

‣ different Mach numbers 

‣ solenoidal turbulence
dilatational turbulence
both modes

- no net rotation, no B-fields 
(at the moment)

Girichids, Federrath, Banerjee, Klessen (2011abc)



Girichids et al. (2011abc)



for the r-2 profile you need to crank up 
turbulence a lot to get some fragmentation!

M=3 M=6 M=12 M=18

Girichids et al. (2011abc)



ICs with flat inner density profile form 
more fragments

Girichids et al. (2011abc)

number of 
protostars



however, the real situation is very complex: 
details of the initial turbulent field matter 

Girichids et al. (2011abc)

number of 
protostars

very high Mach numbers are needed to make
SIS fragment



different density profiles

• different density profiles lead to very different 
fragmentation behavior

• fragmentation is strongly suppressed for very 
peaked, power-law profiles

• this is good, because it may explain some of the 
theoretical controversy, we have in the field  

• this is bad, because all current calculations are 
“wrong” in the sense that the formation process of 
the star-forming core is neglected. 

Girichids et al. (2011abc)



Carina with HST



Carina with HST

Star formation is intrinsically a multi-scale and multi-physics 
problem, where it is difficult to single out individual processes. 



Carina with HST

Star formation is intrinsically a multi-scale and multi-physics 
problem, where it is difficult to single out individual processes. 

• stars form from the complex interplay of self-gravity and a large number 
of competing processes (such as turbulence, B-field, feedback, thermal 
pressure)

• detailed studies require the consistent treatment of many different 
physical processes (this is a theoretical and computational challenge)

• star formation is regulated by several feedback loops, which are still 
poorly understood



Carina with HST

Star formation is intrinsically a multi-scale and multi-physics 
problem, where it is difficult to single out individual processes. 

• stars form from the complex interplay of self-gravity and a large number 
of competing processes (such as turbulence, B-field, feedback, thermal 
pressure)

• detailed studies require the consistent treatment of many different 
physical processes (this is a theoretical and computational challenge)

• star formation is regulated by several feedback loops, which are still 
poorly understood

• can radiation stop accretion onto high-mass stars?  ➤  probably not

• what are the ICs of star cluster formation?  ➤  more work needed

• are molecules required to form stars?  ➤ no



PPVI comes to Heidelberg 
in summer 2013

... hope to see you there!!!


