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Correlation between molecular gas and the SFR

Bigiel et al. (2008)

Has lead to assumption that molecular gas is needed for star formation: 

• Schaye 2004 
• Krumholz & McKee 2005
• Elmegreen 2007 
• Krumholz et al. 2009
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Figure 4. (Continued)

Table 2
Fitted Power-Law Parameters at 750 pc Resolution

Galaxy H2 H i + H2

Coefficient (A) Index (N) Scatter Coefficient (A) Index (N) Scatter

NGC 628 −1.99 0.98 0.16 −2.35 2.74 0.39
NGC 3184 −2.16 1.12 0.18 −2.45 2.50 0.31
NGC 3521 −2.19 0.95 0.10 −2.75 2.12 0.19
NGC 4736 −1.79 0.95 0.15 −2.00 1.44 0.19
NGC 5055 −2.22 0.92 0.10 −2.63 1.58 0.22
NGC 5194 −2.09 0.84 0.19 −2.22 1.11 0.25
NGC 6946 −1.94 0.92 0.23 −2.33 1.46 0.29
Average −2.06 ± 0.17 0.96 ± 0.07 . . . −2.39 ± 0.28 1.85 ± 0.70 . . .

galaxies span nearly an order of magnitude in SFE at an almost
constant Σgas ≈ 5 M# pc−2. This is clear evidence that the total
gas surface density cannot be the critical quantity setting the
SFR over the H i dominated parts of these galaxies.

There is also variation in the SFE among galaxies. This can
be seen from the range of coefficients to our power-law fits.
At a particular Σgas, the average ΣSFR shows an rms scatter of
∼0.3 dex. Galaxy-to-galaxy variations thus account for a factor
of ∼2 scatter in the SFE in our sample.

3.5. H i Saturation at High Column Densities

Figure 4 and the radial profiles in Figure 2 also illuminate
the relationship between ΣHI and ΣH2. Both show a striking
absence of high surface density H i; this is seen as a sharp right-
hand edge to the distributions shown in the left-hand column
of Figure 4 and the failure of our radial profiles (spirals or H i
dominated galaxies) to cross ΣHI ≈ 9 M# pc−2. The only gas
in excess of this limiting surface density appears to be in the
molecular phase. Wong & Blitz (2002) showed a similar “satu-
ration” effect in azimuthally averaged profiles for their molec-
ular gas-rich spirals, as did, e.g., Martin & Kennicutt (2001)
and Morris & Lo (1978). The data plotted in Figure 4 show
that this effect is present at 750 pc resolution and that it is re-
markably universal. ΣSFR and ΣH2 show no comparable limiting
values.

The vertical dashed line in the left and the right columns of
Figure 4 shows ΣHI,saturation ≈ 9 M# pc−2. In Section 4.1, we will

see that 95 % of the ΣHI values for the combined distribution of
all seven spiral galaxies in our sample are below ΣHI,saturation.

A second effect is best seen in the radial profile points in
the left column of Figure 4: at high SFRs there is often an
anticorrelation between ΣHI and ΣSFR. This occurs in the central
H i holes of spirals where the gas is overwhelmingly molecular
and the SFR is very high. All seven of our spiral galaxies show
some degree of this effect, i.e., at least a mild central depression
in H i.

3.6. ΣSFR Versus Σgas in H i Dominated Galaxies

We have already seen that there are variations in the rela-
tionship between Σgas and ΣSFR among spiral galaxies, mainly
in the H i dominated parts. Figure 5 shows the relationship be-
tween ΣSFR and ΣHI ≈ Σgas for six H i dominated galaxies. Color
contours for the two largest galaxies are coded as in Figure 4.
For these two galaxies we plot points from the radial profiles
(Figures 2 and 3) on the same plot as black crosses. Because
the other four dwarf galaxies are small, we show scatter plots
instead of density contours. Figure 5 shows individual plots for
Ho II, IC 2574, NGC 2976, and NGC 4214. Note that the re-
maining galaxies, Ho I, DDO 154, DDO 53, M81 DwA, and
M81 DwB are so small that they yield only 1–10 sampling points
each. We include these data only later in Figure 12, which shows
aggregate data for all of our dwarf irregular galaxies.

Figure 5 shows that these galaxies display the same saturation
value for ΣHI as the large, centrally H2 dominated spirals.
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Glover et al. (2010)

Can now test the effect of chemistry on gas 
thermodynamics

• Use time dependent chemical network to track 
H2 + CO formation (see Glover & Clark 2012b).

• Implemented in Gadget2 (Springel 2005).

• Sink particle to model the star formation (Bate, 
Bonnell & Price 1995).

• ISRF attenuation treated by TreeCol (Clark, 
Glover & Klessen 2012a).

• Self-consistent gas and dust temperatures.

CO formation in the turbulent ISM 19

Figure 12. (a) Column density of hydrogen nuclei, NH,tot, in run R3 at time t = tend, viewed along a line of sight parallel to the z-axis
of the simulation volume. This direction is also parallel to the initial orientation of the magnetic field. (b) As (a), but for the H2 column
density. (c) As (a), but for the CO column density. (d) Ratio of H2 column density to CO column density along the same line of sight
through run R3 at time t = tend.

suppose, for simplicity, that reactions involving hydrocarbon radicals and ions dominate.1 In that case, we can write the CO

formation rate as RformnC,totnH2 , where nC,tot = nC +nC+ , and where Rform is the formation rate of our intermediate species,

multiplied by a factor that accounts for the fact that some of the intermediate radicals and ions will be photodissociated,
rather than reacting to form CO (or a further intermediate, such as CO+, that reacts rapidly to form CO). If CO is primarily

destroyed by photodissociation, at a rate RpdnCO, then in chemical equilibrium, the CO fractional abundance is given by

xCO =

(

Rform

Rpd

)

xC,totnH2 . (30)

The photodissociation rate Rpd can be written in terms of AV,eff as Rpd = 2× 10−10fsh exp(−2.5AV,eff), where fsh = fCOfH2

is the product of the shielding factors due to CO self-shielding (fCO) and due to the shielding of CO by H2 (fH2) that we

introduced in §2.2. We can therefore rewrite Equation 30 as

xCO =
(

Rform

2 × 10−10

)

f−1
sh e2.5AV,eff xC,totnH2 . (31)

Consideration of the different processes involving C or C+ that lead to the formation of CH or CH+ suggests that Rform

1 We could construct a very similar model in the case that reactions with OH and OH+ dominate, only with the number density of
atomic oxygen, nO, playing the role of nC,tot above.

Simplified PDR code that runs 
alongside a fluid code
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Glover & Clark (2012a)

Suite of models that test the role of chemistry

• 104 M⦿ clouds, with n ~300 cm-3. 

• Initially virialised turbulent velocity field, vRMS ~2.5 km/s (P(k)∝k-4) .

• ‘Black + Drain’ ISRF (1.7G0) + 3×10-17 s-1 CR-ionisation rate.

• Gas has ‘solar’ composition (C, Si, O, dust, etc).

Increase the complexity of the chemical model

No 
shielding

Shielding on

Atomic 
gas

H2 
formation

H2+CO 
formation

Atomic 
ICs

Molecular
ICs+



Do the star formation rates differ?

Glover & Clark (2012a)

• SFRs are the same!

• Atomic gas is slightly delayed:

• Higher mean molecular weight

• Slightly higher Jeans mass.

Clouds with shielding 

• Eventually forms a massive star at 
about 9 Myr.

• Looks almost like Pop III star 
formation. 

Clouds without shielding 



Molecular gas and star formation 3

Figure 1. Upper panel: mass in sinks as a function of time in runs
B (shorted-dashed line), C (solid line), D1 (long-dashed line) and
D2 (dot-dashed line). Middle panel: number of sinks formed in
each simulation, plotted as a function of time. Lower panel: mean
sink mass versus time in the same four simulations. For reference,
the mass resolution in these simulations was 0.5 M�.

for these quantities from Bergin et al. (2004). Finally, once
we have computed fpe for each pixel, we make use of the fact
that the Healpix pixels have equal areas to compute a mean
attenuation factor hfpei for the gas represented by the SPH
particle by averaging fpe over all pixels. The photoelectric
heating rate in this gas is then just �pe = hfpei�pe(0).

We use the same strategy to compute the rate at which
dust is heated by the interstellar radiation field, taking our
expression for the dependence of the heating rate on AV

from Glover & Clark (2011). We also use a similar strategy
to compute the H2 and CO photodissociation rates. How-
ever, in this case it is necessary to use the Treecol algo-
rithm to compute the distributions of H2 and CO column
densities in addition to the total hydrogen column density,
since these are needed in order to compute the mean atten-
uation factors corresponding to H2 self-shielding, hfH2,H2i,
CO self-shielding, hfCO,COi, and the shielding of CO by H2,
hfH2,COi. Our expression for fH2,H2 comes from Draine &
Bertoldi (1996), while those for fH2,CO and fCO,CO come
from Lee et al. (1996). A more accurate treatment of CO
self-shielding and the shielding of CO by H2 has recently
been given by Visser, van Dishoeck, & Black (2009), but
we would not expect our results to change significantly if
we were to use this in place of the older Lee et al. (1996)
treatment.

Figure 2. Gas temperature plotted as a function of n, the number
density of hydrogen nuclei, in runs B, C, D1 and D2 (panels 2–5)
at a time immediately prior to the onset of star formation in each
of these runs. Note that this means that each panel corresponds
to a slightly di↵erent physical time. For comparison, we also plot
the temperature of the gas as a function of density in run A (panel
1, at the top) at a similar physical time, t = 2.3 Myr, although in
this case, this is long before the cloud begins to form stars.

c� 0000 RAS, MNRAS 000, 000–000

Temperature distribution

Glover & Clark (2012a)

• Temperature distribution largely insensitive to 
the gas chemistry.

• Formation of H2 heats gas.

• CO allows gas to cool down to CMB.

• Dust-gas coupling at n > 105 cm-3 regulates 
temperature.

• Dust temperature set by ISRF + CR-ionisation 
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Heating/cooling processes (no CO)

Glover & Clark (2012a)



Glover & Clark (2012a)

Heating/cooling processes (with CO)



Summary so far:

• Molecule formation has very little effect on the rate at 
which stars form.

• Molecular gas and star formation are correlated because 
they both require well-shielded gas.

Glover & Clark (2012a)



So why do we care?

• Observed SFE to CO luminosity ratio (SFE/WCO) is 
systematically higher as we look at progressively more 

metal-poor galaxies.

• Taylor, Kobulnicky & Skillman (1998); Leroy et al. 
(2007); Schruba et al. (2011).

• So either:

• metal-poor gas forms stars more efficiently than 

metal-rich gas (unlikely).

• Xco (NH2/WCO) is much higher than Milky Way 

value.

Low metallicity star formation:



SFR  + CO formation with decreasing metallicity

Glover & Clark (2012c)
Z⊙ 0.3 Z⊙ 0.1 Z⊙ 0.03 Z⊙ 0.01 Z⊙
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Observed SFR/Wco strongly depends on Z!

Glover & Clark (2012c)
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X-factor with metallicity
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Glover & Clark (2012b)

Star formation in metal-poor gas clouds 9

Table 3. CO intensities and XCO

Run WCO,max WCO,mean XCO / XCO,gal

Z1-M 25.7 3.46 2.06
Z1-A 29.9 3.23 1.53

Z03-M 37.0 1.34 4.76
Z03-A 53.5 1.27 1.97

Z01-M 37.7 0.217 22.6
Z01-A 98.2 0.144 4.99

Z003-M 38.7 0.045 66.3
Z003-A 32.8 0.016 10.0

Z001-M 8.16 0.0068 306.7
Z001-A 25.6 0.0106 8.27

Note: WCO,max is the maximum value of the CO velocity-
integrated intensity, while WCO,mean is the mean value, aver-
aged over all of the lines of sight considered in the calculation.
Both values have units of K km s�1. XCO is the mean conver-
sion factor between CO intensity and H2 mass, and XCO,gal =
2 ⇥ 1020 cm�2 (K kms�1)�1 is the canonical Galactic value of
XCO (Dame et al. 2001).

to be smaller in the runs that start with atomic hydrogen
rather than molecular hydrogen, although this is not a large
e↵ect in most of the runs.

We have also computed the mean X-factor for each re-
gion, using the following definition:

XCO =
NH2,mean

WCO,mean
, (3)

where NH2,mean is the mean value of the H2 column den-
sity. We list the resulting values in Table 3, in units of
the canonical value for Galactic GMCs, XCO,gal = 2 ⇥
1020 cm�2 (K km s�1)�1 (see e.g. Dame et al. 2001). We see
that as we reduce the metallicity of the gas, XCO increases,
but that the strength of this e↵ect depends on the initial
chemical state of the gas. In the runs that start with their
hydrogen in molecular form, the mean H2 column density of
the cloud remains large at low metallicities and XCO shows
a strong sensitivity to metallicity, driven by the substantial
decrease in WCO,mean that occurs at low Z. On the other
hand, the low metallicity runs that start with their hydro-
gen in atomic form have much lower H2 column densities
than their higher metallicity counterparts, and hence show
less variation in XCO, as the reduction in WCO,mean is o↵-
set by the reduction in the mean H2 column density. The
behaviour of real clouds probably lies somewhere between
these two extreme cases.

Another issue that should be borne in mind when con-
sidering how XCO varies with metallicity is that the values
that we obtain for our low metallicity clouds are highly time-
dependent. The CO emission of these clouds is dominated by
emission from a few dense, self-gravitating regions, and we
would expect WCO,mean for these clouds to be much lower if
we were to observe them at an earlier time in their evolution,
before the onset of gravitational collapse in these regions.

Looking at the column density projections of the clouds
(also shown in Figure 5), we see that as we decrease the
metallicity, the structure of the cloud changes. The gas be-
comes more centrally condensed as we decrease Z, and loses

much of the substructure that is present in the solar metal-
licity run. This behaviour is a consequence of the higher gas
temperatures found in the lower metallicity runs. A higher
temperature implies a higher sound-speed and hence a lower
Mach number for the turbulence, with the result that the
turbulence is able to generate less structure in the density
field (see e.g. Padoan, Nordlund & Jones 1997; Passot &
Vázquez-Semadeni 1998; Price, Federrath & Brunt 2011;
Molina et al. 2012). It also leads to a higher characteristic
Jeans mass, making it less likely that the overdense regions
generated by the turbulence will be gravitationally bound.

3.6 Environmental sensitivity

The simulations that we have discussed in detail
above were performed using only a single, fixed
value for the strength of the interstellar radiation
field and for the cosmic ray ionization rate. In re-
ality, both of these values will vary somewhat from
region to region within a galaxy, and from galaxy
to galaxy. For example, we would expect the UV
radiation field strength to be higher in a low metal-
licity dwarf galaxy than in a high metallicity spiral,
given the same surface density of star formation in
both systems, owing to the smaller amount of dust
extinction in the lower metallicity system.

Therefore, in order to establish the extent to
which the conclusions that we draw in this paper
depend on our assumptions regarding the strength
of the ISRF and the cosmic ray ionization rate, we
have performed several simulations in which these
values were varied. To prevent the number of sim-
ulations from becoming completely impractical, we
considered only the two extreme cases where Z = Z�
and Z = 0.01 Z�, and in both cases adopted molecu-
lar initial conditions. We performed simulations in
which the strength of the ISRF was increased or de-
creased by a factor of ten (hereafter referred to with
labels of the form Zn-G10 and Zn-G01, respectively,
where n denotes the metallicity, as before)3 and sim-
ulations in which ⇣H was increased or decreased by
a factor of ten (hereafter referred to with labels of
the form Zn-CR10 and Zn-CR01, respectively). In
the runs in which ⇣H was varied, the other cosmic
ray ionization rates were also varied so as to keep
their ratios with ⇣H unaltered.

In our present study, we do not explore the ef-
fect of more extreme changes in the radiation field
strength or cosmic ray ionization rate, such as may
be expected in starburst environments. We plan to
address this issue in future work.

3 We remind the reader than in most of our runs, the strength of
the ultraviolet portion of the radiation field is G0 = 1 in units of
the Draine (1978) field, while the longer wavelength portions of
the field are taken from Black (1994). Our additional runs there-
fore correspond to runs with G0 = 10 and G0 = 0.1, respectively,
with a similar change also being made at longer wavelengths.

c� 0000 RAS, MNRAS 000, 000–000



Temperature - density distribution

Glover & Clark (2012c)
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• At low metallicities, where molecular formation becomes 
difficult, star formation proceeds in largely atomic gas.

• Star formation rate is insensitive to the metallicity of the 
gas.

• ‘X-factor’ is strongly metallicity-dependent (and likely 
time-dependent).

Summary so far:

Glover & Clark (2012b)



But those clouds were pre-assembled...

Clark et al. (2012b)

... what happens when we try to form them?

Cloud formation in colliding flows:



Delay between CO formation and star formation?

Clark et al. (2012b)

Fast flow Slow flow

• CO appears 2 Myr before star formation in both 
flows.

• H2 can appear much earlier (depending on flow).
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• CO is tracer of star-forming gas, but is not needed for 
stars to form.

• At lower metallicities, CO is confined to denser, hotter 
cores.

• XCO varies dramatically as we go to lower metallicities.

• CO seems to preceed star formation by about 2 Myr 
under local galactic conditions.

Summary:


