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NGC 602 in the LMC: Hubble Heritage Image



stellar mass fuction
stars seem to follow a universal 
mass function at birth --> IMF

(Kroupa 2002) Orion, NGC 3603, 30 Doradus 
(Zinnecker & Yorke 2007)
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image from Alyssa Goodman: COMPLETE survey



velocity cube from Alyssa Goodman: COMPLETE survey

velocity distribution in Perseus



image from Alyssa Goodman: COMPLETE survey



(movie from Christoph Federrath)
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 molecular clouds 

σrms  ≈ several km/s
Mrms > 10
    L  > 10 pc

Turbulent cascade in ISM
lo

g 
E

log kL-1 ηK
-1

energy source & scale 
NOT known
(supernovae, winds, 
spiral density waves?)

dissipation scale not known 
(ambipolar diffusion,  
molecular diffusion?)
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 massive cloud cores 

σrms  ≈ few km/s        
Mrms ≈ 5
      L ≈ 1 pc 

dense 
protostellar 
cores 

σrms << 1 km/s         
Mrms ≤ 1   
     L ≈ 0.1 pc 
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experimental set-up

6 ray approximation to 
external radiation field

- AMR MHD (B = 2 muG)
- stochastic forcing   
   (Ornstein-Uhlenbeck)
- self-gravity
- time-dependent chemistry
- cooling & heating processes
   --> thermodynamics done 
        right!

- gives you mathematically 
  well defined boundary 
  conditions 
  --> good for statistical 
       studies



chemical model 0

32 chemical species
17 in instantaneous equilibrium:

19 full non-equilibrium evolution

218 reactions
various heating and cooling processes

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)
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HI to H2 conversion rate

(Glover, Federrath, Mac Low, Klessen, 2010)



HI to H2 conversion rate

(Glover, Federrath, Mac Low, Klessen, 2010)

H2 forms rapidly in shocks / 
transient density fluctuations / 
H2 gets destroyed slowly in 
low density regions / result: 
turbulence greatly enhances 
H2-formation rate



HI to H2 conversion rate

(Glover, Federrath, Mac Low, Klessen, 2010)

compare to data from 
Tamburro et al. (2008) study: 

tform ~ few x 106 years



CO, C+ formation rates

(Glover, Federrath, Mac Low, Klessen, 2010)

C
C+

CO



effects of chemistry 1
total column density

12CO column density

H2 column density

temperature

(Glover, Federrath, Mac Low, Klessen, 2010)



effects of chemistry 2
total column density

12CO column density

H2 column density

temperature

(Glover, Federrath, Mac Low, Klessen, 2010)

ratio N(H2)/N(12CO)     



effects of chemistry 4

deliverables / predictions:
x-factor estimates (as function of environmental conditions)

synthetic line emission maps (in combination with line 
transfer)

pdf’s of density, velocity, emissivity / structure 
functions (to directly connect to observational regime)

COMMENT: density pdf is NOT lognormal!
--> implications for analytical IMF theories 



the x-factor

(Shetty, Glover, Dullemond, Klessen 2011)



Modelling CO emission from MCs 9

Figure 4. Images of (a) NCO, (b) W, (c) NH2 and (d) the X factor of model n300-Z03. Each side has a length of 20 pc. In (a) and (b), solid contours indicate
log(NCO) = 12, 14 and log(W) = −3, −1; dashed contours are log(NCO) = 16.5 and log(W) = 1.5 (see the text and Fig. 2d).

by ≈1 order of magnitude. Since the X factor directly depends on
W and only indirectly on NCO, the X factor also only falls into a
limited range.

Positions with the largest X factors correspond to the lowest NH2

regions as well as low NCO and W regions. These are the regions
where CO is most affected by photodissociation. Since the amount
of photodissociation depends on the ‘effective’ column density in
each location of the 3D simulation volume, regions with similar
NH2 can have very different NCO values (see also Papers I and II),
as evident in Fig. 5(b): at low-to-intermediate H2 densities 1021 !
NH2 ! 1022 cm−2, there is a wide range of NCO for a given NH2 .
Since the X factor (indirectly) depends on NCO, at such densities
the X factor also takes on a wide range. For instance, at NH2 =

5 × 1021 cm−2, the X factor varies from ∼1020 to 1023 cm−2 K−1

km−1 s. Evidently, the X factor can have a wide distribution within
an MC, even for regions with identical molecular column densities.
This is a consequence of the combination of a large distribution of
NCO for a given NH2 , as well as the lack of a simple correlation
between W and NCO due to the optically thick nature of CO.

Fig. 5(d) shows that there can be a wide range in the X factor
even in very low-density regions. For this model (n0 = 100 cm−2

and Z = Z%), much of the gas has NH2 ! 1021 cm−2. Unlike model
n300 (in Fig. 5a), there is a very wide distribution in the X factor in
the range 1020 ! NH2 ! 1021 cm−2. This model also differs from
model n300-Z03 (in Fig. 5b), showing a much larger distribution in
NCO and the X factor for a given NH2 at NH2 ! 2 × 1021 cm−2. The

C© 2011 The Authors
Monthly Notices of the Royal Astronomical Society C© 2011 RAS
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10 R. Shetty et al.

Figure 5. X factor for four models. NCO is plotted as a function of NH2 . The colour of each point indicates the X factor. Inset figures show the colour scale and
PDF of the X factor. The corresponding maps of NH2 , NCO and the X factor from model n300-Z03 are shown in Fig. 4.

multiple peaks in the X factor distributions can be understood from
the W and NCO distributions shown in Fig. 2(h). Model n100 has a
large distribution of NCO; the W distribution is similar, with multiple
peaks (which are not aligned with the NCO peaks), contributing to
the wide range and multiple peaks of the X factor shown in Fig. 5(d).

At very high densities, more self-shielding allows for CO forma-
tion to be more effective. As Fig. 5(c) shows for model n1000, NCO

is a much better tracer of NH2 . However, though NH2 for this model
reaches values three times greater than model n300 (Fig. 5a), the
distribution in the X factors of both models is very similar. In model
n1000, the X factor increases with increasing (CO or H2) density,
a trend opposite to that apparent for the other models shown in
Fig. 5.

The correlation between the X factor and NH2 is shown in Fig. 6.
Model n300 shows that at NH2 ! 1021 cm−2, the X factor is approx-
imately constant (with a mean value of 2 × 1020 cm−2 K−1 km−1 s).
Only at the highest densities [log(NH2 ) ! 22.0] do the effects of
saturation become clearly evident. On the other hand, model n1000
(shown in Fig. 6c) shows an increase in the X factor at all NH2 .
The line shows the X = NH2 /(70 K km s−1) relationship, which is
simply the H2 column density divided by the mean CO intensity
from this model. This line is a very good fit at log(NH2 ) ! 22, in-
dicating that at most densities the CO line emission is completely
saturated.

The models with lower metallicity and density (Figs 6b and d)
show a decreasing X factor with increasing density (as can also be
seen in Fig. 5). In this regime, an increase in the molecular density

is associated with a greater increase in CO line intensity, resulting
in a decrease in the X factor. Such a trend is also present at the
lowest densities of model n300 (Fig. 6a).

Given that W can have rather different distributions than NCO,
it comes as no surprise that the X factor does not neatly follow
from NCO. For clouds with high CO abundances, such as models
n300 and n1000, NCO is well correlated with NH2 , resulting in a
limited range in the distribution of the X factor. We have seen
that CO line saturation may not be discernible solely from the X
factor distributions, as evident from the similarity of the X factor
(normal) distributions of models n300 (with saturation occurring
only at the highest densities) and n1000 (which is close to fully
saturated). The relationship between X and NH2 (Fig. 6), however,
clearly demonstrates the saturation of the CO line. For the models
with lower density or metallicity, where the W–NH2 correlation is
rather complex, the X factor can have a large distribution and can
even have multiple peaks in its PDF (such as model n100, Fig. 5d).

4 D I S C U S S I O N A N D C O M PA R I S O N
TO OBSERVATIONS

4.1 The column density distributions: can CO observations
reveal lognormal PDFs?

Observed morphological characteristics, such as the density dis-
tribution, may be signatures of the internal dynamics of a cloud.
Numerous simulations have shown that the (3D) volume density

C© 2011 The Authors
Monthly Notices of the Royal Astronomical Society C© 2011 RAS

the x-factor

(Shetty, Glover, Dullemond, Klessen 2011)
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Figure 5. X factor for four models. NCO is plotted as a function of NH2 . The colour of each point indicates the X factor. Inset figures show the colour scale and
PDF of the X factor. The corresponding maps of NH2 , NCO and the X factor from model n300-Z03 are shown in Fig. 4.
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saturated.

The models with lower metallicity and density (Figs 6b and d)
show a decreasing X factor with increasing density (as can also be
seen in Fig. 5). In this regime, an increase in the molecular density

is associated with a greater increase in CO line intensity, resulting
in a decrease in the X factor. Such a trend is also present at the
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C© 2011 The Authors
Monthly Notices of the Royal Astronomical Society C© 2011 RAS



different metallicities10 R. Shetty et al.

Figure 5. X factor for four models. NCO is plotted as a function of NH2 . The colour of each point indicates the X factor. Inset figures show the colour scale and
PDF of the X factor. The corresponding maps of NH2 , NCO and the X factor from model n300-Z03 are shown in Fig. 4.

multiple peaks in the X factor distributions can be understood from
the W and NCO distributions shown in Fig. 2(h). Model n100 has a
large distribution of NCO; the W distribution is similar, with multiple
peaks (which are not aligned with the NCO peaks), contributing to
the wide range and multiple peaks of the X factor shown in Fig. 5(d).

At very high densities, more self-shielding allows for CO forma-
tion to be more effective. As Fig. 5(c) shows for model n1000, NCO

is a much better tracer of NH2 . However, though NH2 for this model
reaches values three times greater than model n300 (Fig. 5a), the
distribution in the X factors of both models is very similar. In model
n1000, the X factor increases with increasing (CO or H2) density,
a trend opposite to that apparent for the other models shown in
Fig. 5.

The correlation between the X factor and NH2 is shown in Fig. 6.
Model n300 shows that at NH2 ! 1021 cm−2, the X factor is approx-
imately constant (with a mean value of 2 × 1020 cm−2 K−1 km−1 s).
Only at the highest densities [log(NH2 ) ! 22.0] do the effects of
saturation become clearly evident. On the other hand, model n1000
(shown in Fig. 6c) shows an increase in the X factor at all NH2 .
The line shows the X = NH2 /(70 K km s−1) relationship, which is
simply the H2 column density divided by the mean CO intensity
from this model. This line is a very good fit at log(NH2 ) ! 22, in-
dicating that at most densities the CO line emission is completely
saturated.

The models with lower metallicity and density (Figs 6b and d)
show a decreasing X factor with increasing density (as can also be
seen in Fig. 5). In this regime, an increase in the molecular density

is associated with a greater increase in CO line intensity, resulting
in a decrease in the X factor. Such a trend is also present at the
lowest densities of model n300 (Fig. 6a).

Given that W can have rather different distributions than NCO,
it comes as no surprise that the X factor does not neatly follow
from NCO. For clouds with high CO abundances, such as models
n300 and n1000, NCO is well correlated with NH2 , resulting in a
limited range in the distribution of the X factor. We have seen
that CO line saturation may not be discernible solely from the X
factor distributions, as evident from the similarity of the X factor
(normal) distributions of models n300 (with saturation occurring
only at the highest densities) and n1000 (which is close to fully
saturated). The relationship between X and NH2 (Fig. 6), however,
clearly demonstrates the saturation of the CO line. For the models
with lower density or metallicity, where the W–NH2 correlation is
rather complex, the X factor can have a large distribution and can
even have multiple peaks in its PDF (such as model n100, Fig. 5d).
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Numerous simulations have shown that the (3D) volume density
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4 R. Shetty et al.

Figure 1. Compilation of estimated X factors from a range of systems, shown as a function of surface density. Figure reproduced from
Tacconi et al. (2008).

Figure 2. Mean X factor in bins of gas surface density Σgas for 5 models. The X factor is averaged in different Σgasbins. The value
of X is plotted on the midpoint value of Σgas of each bin. Each model is identified by different colors and symbols (and labeled in the
legend). The large symbols shows the global (emission weighted) mean X factor and mean Σgas from each model.

This indicates that the X factor is dependent on three quan-
tities: the column density of H2, the peak CO intensity, and
the range in velocities. Due to the coupling between hydro-
dynamics, thermodynamics, and chemistry, TB is also de-
pendent on the velocity and density (as well as the kinetic
temperature). We aim to understand the relative contribu-
tion of each of these three properties of the MC. After assess-
ing the X factor from the original Milky Way MC model,
we alter one of these properties, while keeping the others
fixed, and recompute the X factor. In this manner, we can
identify the most important cloud properties responsible for
setting the X factor.

3 MODELING METHOD

3.1 Numerical Magnetohydrodynmics, Chemistry,

and Radiative Transfer

To investigate how MC characteristics affect the X factor,
we analyze magnetohydrodynamic (MHD) models of molec-
ular clouds that include a treatment of chemistry. We per-
form radiative transfer calculations on these numerical mod-
els, in order to solve for the CO level populations and com-
pute the emergent CO intensity. The ratio of the H2 column
density to the emergent CO intensity then gives the X factor
(Eqn. [1]).

The MHD grid-based models follow the evolution of
an initially fully atomic medium with constant density in
a (20 pc)3 periodic box. Thermodynamics is coupled with

c© 2010 RAS, MNRAS 000, 1–23

Tacconi et al. (2008)
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tities: the column density of H2, the peak CO intensity, and
the range in velocities. Due to the coupling between hydro-
dynamics, thermodynamics, and chemistry, TB is also de-
pendent on the velocity and density (as well as the kinetic
temperature). We aim to understand the relative contribu-
tion of each of these three properties of the MC. After assess-
ing the X factor from the original Milky Way MC model,
we alter one of these properties, while keeping the others
fixed, and recompute the X factor. In this manner, we can
identify the most important cloud properties responsible for
setting the X factor.

3 MODELING METHOD

3.1 Numerical Magnetohydrodynmics, Chemistry,

and Radiative Transfer

To investigate how MC characteristics affect the X factor,
we analyze magnetohydrodynamic (MHD) models of molec-
ular clouds that include a treatment of chemistry. We per-
form radiative transfer calculations on these numerical mod-
els, in order to solve for the CO level populations and com-
pute the emergent CO intensity. The ratio of the H2 column
density to the emergent CO intensity then gives the X factor
(Eqn. [1]).

The MHD grid-based models follow the evolution of
an initially fully atomic medium with constant density in
a (20 pc)3 periodic box. Thermodynamics is coupled with

c© 2010 RAS, MNRAS 000, 1–23

(Shetty, Glover, Dullemond, Klessen, in prep.)



line ratios
ratio of CO(J=2-1) to CO(J=1-0) line

(Shetty, Glover, Dullemond, Klessen, in prep.)



X-factor

from Glover & Mac Low (2010, ApJ, submitted)
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Introduction

Why is the formation of massive stars interesting?

Massive stars

govern matter cycle in galaxy

produce heavy elements

release large amounts of energy and momentum into ISM

Formation of massive stars is not understood!

begin hydrogen burning while still in main growth phase

star has to accrete despite high luminosities

Is the accretion terminated by feedback processes?

IMF (Kroupa 2002) Rosetta nebula (NGC 2237)

We want to address the following questions:
• how do massive stars (and their associated clusters) form?
• what determines the upper stellar mass limit?
• what is the physics behind observed HII regions?



(proto)stellar feedback processes
• radiation pressure on dust particles
• ionizing radiation
• stellar winds
• jets and outflows

• radiation pressure on dust particles
- has gained most attention in the literature 
  (see e.g. Krumholz et al. 2007, 2008, 2009)

• ionization
- few numerical studies so far (e.g. Dale 2007, Gritschneder et al. 
  2009), detailed collapse calculations with ionizing and non-
  ionizing feedback still missing

   - HII regions around massive stars are directly observable 
     --> direct comparison between theory and observations



• focus on collapse of individual high-mass cores...

- massive core with 1,000 M☉

- Bonnor-Ebert type density profile 
(flat inner core with 0.5 pc and rho ~ r-3/2 further out)

- initial m=2 perturbation, rotation with β = 0.05

- sink particle with radius 600 AU and threshold density 
of 7 x 10-16 g cm-3

- cell size 100 AU

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)

our (numerical) approach



• method:

- FLASH with ionizing and non-ionizing radiation using 
raytracing based on hybrid-characteristics

- protostellar model from Hosokawa & Omukai

- rate equation for ionization fraction

- relevant heating and cooling processes

- some models include magnetic fields

- first 3D MHD calculations that consistently treat both 
ionizing and non-ionizing radiation in the context of high-
mass star formation

Peters et al. (2010a,b,c)

our (numerical) approach



Disk edge on Disk plane

model of high mass star formation

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)



ray tracing method 
(hydrid characteristics)

Monte Carlo: full RT 
(with scattered radiation)

1000 AU



mass load onto the disk 
exceeds inward transport
--> becomes gravitationally 
unstable (see also Kratter & Matzner 2006, 
Kratter et al. 2010)

fragments to form multiple 
stars --> explains why high-
mass stars are seen in clusters

Peters et al. (2010a, ApJ, 711, 1017), 
Peters et al. (2010b, ApJ, 719, 831),
Peters et al. (2010c, ApJ, 725, 134)



younger protostars form at larger radii

“burst” of 
star formation

mass load onto the disk 
exceeds inward transport
--> becomes gravitationally 
unstable (see also Kratter & Matzner 2006, 
Kratter et al. 2010)

fragments to form multiple 
stars --> explains why high-
mass stars are seen in clusters

Peters et al. (2010a, ApJ, 711, 1017), 
Peters et al. (2010b, ApJ, 719, 831),
Peters et al. (2010c, ApJ, 725, 134)



Accretion History
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total accretion rate does not change with accretion heating

expansion of ionized bubble causes turn-off

no triggered star formation by expanding bubble
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Importance of Initial Conditions for SF 5

t = 14.3 kyr Mmm = 6.08 M⊙

Nsink = 1 Mtot = 6.08 M⊙

t = 14.4 kyr Mmm = 6.15 M⊙

Nsink = 2 Mtot = 6.20 M⊙

t = 14.5 kyr Mmm = 6.22 M⊙

Nsink = 4 Mtot = 6.36 M⊙

t = 14.7 kyr Mmm = 6.27 M⊙

Nsink = 4 Mtot = 6.42 M⊙

t = 14.8 kyr Mmm = 6.30 M⊙

Nsink = 6 Mtot = 6.56 M⊙
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Figure 2. Column density plots of the central region with the
disc around the most massive sink particle in run PL15-m-2. The
formation of secondary sink particles indicates the fragmenta-
tion into several objects, which quickly leads to the dissolution of
the disc. Spiral arms develop and redirect the gas away from the
central protostar, which gets starved of material. The box spans
roughly 4000× 2000 AU.
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Figure 3. Radial density profile round the central protostar in
run PL15-m-2. The gas density first increases in the immediate
proximity of the protostar due to the global infall. At later times,
the surrounding companions branch off most of the gas, leading
to a continuous decrease of the density.
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Figure 4. Accretion rate onto spherical shells around the central
protostar in the cluster. Its accretion radius is indicated by rsink.
The plot shows several curves for t � 14.3 kyr, where there is
only one sink particle (N = 1). Before the formation of secondary
protostars the accretion rate in the centre is roughly constant.
Immediately after surrounding companions have condensed out,
the accretion front moves to larger radii and starves the central
object. At later simulation times (t � 15.4 kyr) the accretion rate
varies, but stays very small for all curves.

increasing proximity to other protostars, their attraction as
an N -body system becomes stronger than the force between
protostars and gas. The protostars then dynamically decou-
ple from the filaments and accumulate in the central region
in a more spherically-symmetric configuration rather than
in a flat or string-like structure. The initial filaments get
dispersed in the central region because the N -body system
efficiently stirs the gas. The mass accretion is shown in fig-
ure 6. Note that figure 5 only covers a small time range at
the beginning of the cluster formation, whereas figure 6 cov-
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Fragmentation-induced starvation in a complex cluster

gas density as function of radius 
at different times

mass flow towards the center as 
function of radius at different times

Girichidis et al. (2011a,b)



Simulated Radio Continuum Maps

numerical data can be used to generate continuum maps

calculate free-free absorption coefficient for every cell

integrate radiative transfer equation (neglecting scattering)

convolve resulting image with beam width

VLA parameters:
distance 2.65 kpc
wavelength 2 cm
FWHM 0.′′14
noise 10−3 Jy

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)



Disk face on Disk edge on

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)



Classification of UC H II Regions

Wood & Churchwell 1989 classification of UC H II regions

Question: What is the origin of these morphologies?

UC H II lifetime problem: Too many UC H II regions observed!



H II Region Morphologies

45.0033.7522.5011.250.00

shell-like core-halo cometary

spherical irregular

box size 0.122 pc

0.716 Myr 0.686 Myr 0.691 Myr

0.671 Myr 0.704 Myr

23.391M! 22.464M! 22.956M!

20.733M! 23.391M!

emission at 2 cm in mJy/beam

synthetic VLA observations at 2 cm of simulation data
interaction of ionizing radiation with accretion flow creates
high variability in time and shape
flickering resolves the lifetime paradox! Peters et al. (2010a,b,c)



Morphology of HII region depends on 
viewing angle

Peters et al. (2010a,b,c)



H II Region Morphologies

Type WC89 K94 single multiple

Spherical/Unresolved 43 55 19 60 ± 5
Cometary 20 16 7 10 ± 5
Core-halo 16 9 15 4 ± 2
Shell-like 4 1 3 5 ± 1
Irregular 17 19 57 21 ± 5

WC89: Wood & Churchwell 1989, K94: Kurtz et al. 1994

statistics over 25 simulation snapshots and 20 viewing angles

statistics can be used to distinguish between different models

single sink simulation does not reproduce lifetime problem

Peters et al. (2010a,b,c)



Time Variability
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correlation between accretion events and H II region changes

time variations in size and flux have been observed

changes of size and flux of 5–7%yr−1 match observations
Franco-Hernández et al. 2004, Rodŕıguez et al. 2007, Galván-Madrid et al. 2008

time variability

(Galvan-Madrid et al. 2011, submitted)



Conclusions and Outlook

Conclusions

Ionization feedback cannot stop accretion

Ionization drives bipolar outflow

H II region shows high variability in time and shape

All classified morphologies can be observed in one run

Lifetime of H II region determined by accretion time scale

Rapid accretion through dense, unstable flows

Fragmentation-induced mass limits of massive stars

Some results

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134), Peters et al. (2011, ApJ, 729, 72





High-mass star formation

First star formation

Magnetic fields in the primordial universe

decreasing spatial scales
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stellar masses
• distribution of stellar masses depends on

- turbulent initial conditions 
--> mass spectrum of prestellar cloud cores

- collapse and interaction of prestellar cores
--> accretion and N-body effects

- thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

- (proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

(Kroupa 2002)
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- collapse and interaction of prestellar cores
--> accretion and N-body effects

- thermodynamic properties of gas
--> balance between heating and cooling
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- (proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

(Kroupa 2002)



example: model of Orion cloud
„model“ of Orion cloud:
15.000.000 SPH particles,
104 Msun in 10 pc, mass resolution 
0,02 Msun, forms ~2.500 
„stars“ (sink particles)

isothermal EOS, top bound, bottom 
unbound

has clustered as well as distributed 
„star“ formation

efficiency varies from 1% to 20%

develops full IMF 
(distribution of sink particle masses)

(Bonnell & Clark 2008)



(Spitzer: Megeath et al.)

example: model of Orion cloud

Bonnell & Clark  2008

„model“ of Orion cloud:
15.000.000 SPH particles,
104 Msun in 10 pc, mass resolution 
0,02 Msun, forms ~2.500 
„stars“ (sink particles)

MASSIVE STARS
- form early in high-density 
  gas clumps (cluster center)
- high accretion rates,   
  maintained for a long time

LOW-MASS STARS
- form later as gas falls into 
  potential well
- high relative velocities
- little subsequent accretion



Trajectories of protostars in a nascent dense cluster created by gravoturbulent fragmentation 
(from Klessen & Burkert 2000, ApJS, 128, 287)

dynamics of nascent star cluster

in dense clusters protostellar interaction may be come important!



Dynamics of nascent star cluster

Trajectories of protostars in a nascent dense cluster created by gravoturbulent fragmentation 
(from Klessen & Burkert 2000, ApJS, 128, 287)

in dense clusters protostellar interaction may be come important!



Mass accretion 
rates  vary with 
time and are 
strongly 
influenced by the 
cluster 
environment.

accretion rates in clusters

(Klessen 2001, ApJ, 550, L77;
also Schmeja & Klessen,
2004, A&A, 419, 405)



stellar masses
• distribution of stellar masses depends on

- turbulent initial conditions 
--> mass spectrum of prestellar cloud cores

- collapse and interaction of prestellar cores
--> accretion and N-body effects

- thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

- (proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

(Kroupa 2002)



stellar masses
• distribution of stellar masses depends on

- turbulent initial conditions 
--> mass spectrum of prestellar cloud cores

- collapse and interaction of prestellar cores
--> accretion and N-body effects

- thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

- (proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

application to first star formation

(Kroupa 2002)



EOS as function of metallicity

(Omukai et al. 2005)



(Omukai et al. 2005)

τ = 1

EOS as function of metallicity



(Omukai et al. 2005)

τ = 1

102 M0 1 M0

10-2 M0

EOS as function of metallicity



(Omukai et al. 2005, Jappsen et al. 2005, Larson 2005)

Z = 0

τ = 1

present-day star formation



Z = 0

τ = 1

(Larson 1985, Larson 2005)

γ = 1.1

γ = 0.7

present-day star formation



Z = 0

τ = 1

(Larson 1985, Larson 2005)

γ = 1.1

γ = 0.7

This kink in EOS is very insensitive to environmental        
conditions such as ambient radiation field 
--> reason for universal for of the IMF? (Elmegreen et al. 2008)

present-day star formation



IMF in nearby molecular clouds

(Jappsen et al. 2005, A&A, 435, 611)

with ρcrit
 ≈ 2.5×105 cm-3 

at SFE  ≈ 50%

 need appropriate
 EOS in order to get
 low mass IMF right

                           
                



transition: Pop III to Pop II.5

(Omukai et al. 2005)

Z = - 5

τ = 1
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where [He] is the helium abundance, and n is the number den-
sity of hydrogen nuclei. At other temperatures, κ ∝ T 2

gr, so
long as Tgr < 200 K. For grain temperatures larger than 200 K,
it is necessary to account for the effects of ice-mantle evapo-
ration, while at much higher grain temperatures, the opacity
falls off extremely rapidly due to the melting of the grains.
We account for these effects (see Semenov et al., 2003) and
so our opacity varies with dust temperature following the re-
lationship

κ = κ(T0) ×



T 2 T < 200K
T 0 200K < T < 1500K
T−12 T > 1500K

(6)

2.2. Setup and Initial conditions
2.3. Thermodynamical evolution of gas and dust

Fig. 1.— Results of our low-resolution simulations, showing the dependence
of gas and dust temperatures on gas density for metallicities 10−4 and 10−5

times the solar value. In red, we show the gas temperature, and in blue the
dust temperature for the turbulent and rotating cloud. The simple core col-
lapse is overploted in dark red and green. The points with thinner features
are from the simulations without rotation or turbulence, while those showing
more scatter come from the simulations with rotation and turbulence. The
dashed lines show constant Jeans mass values.

Resolution Number of Particle Turbulence Angular
Level Particles Mass Momentum

(10−5M⊙) (Eturb/|Egrav|) (Erot/|Egrav|)
High 40 × 106 2.5 0.1 0.02
Low 4 × 106 25.0 0.1 0.02

0.0 0.00

TABLE 1
Simulation properties.

Fig. 2.— Number density maps for a slice through the high density region.
The image shows a sequence of zooms in the density structure in the gas
immediately before the formation of the first protostar.

We performed three sets of simulations, two at low resolution
and one at high resolution. The details are shown in Table 1.
Our low resolution simulations were performed to explore the
thermal evolution of the gas during the collapse, and had 4
million SPH particles which was insufficient to fully resolve
fragmentation. We used these simulations to model the col-
lapse of an initially uniform gas cloud with an initial num-
ber density of 105 cm−3 and an initial temperature of 300 K.
We modelled two different metallicities (10−4Z⊙ and 10−5Z⊙).
The initial cloud mass was 1000 M⊙, and the mass resolu-
tion was 25 × 10−3 M⊙. In one set of low-resolution simula-
tions the gas was initially at rest, while in the other, we in-
cluded small amounts of turbulent and rotational energy, with
Eturb/|Egrav| = 0.1 and β = Erot/|Egrav| = 0.02, where Egrav is
the gravitational potential energy, Eturb is the turbulent kinetic
energy and Erot is the rotational energy. For our high resolu-
tion simulations, which were designed to investigate whether
the gas would fragment, we employed 40 million SPH par-
ticles. We adopted initial conditions similar to those in the
low-resolution run with turbulence and rotation. As with the
low resolution runs, we simulated two metallicities, 10−4Z⊙
and 10−5Z⊙. The mass resolution (taken to be 100 times the
SPH particle mass) was 2.5 × 10−3M⊙.

3. ANALYSIS

In Figure 1, we compare the evolution of the dust and gas
temperatures in the low-resolution simulations. The dust tem-
perature, shown in the lower part of the panels, varies from the

transition: Pop III to Pop II.5
4 Dopcke et al.

CMB temperature in the low density region to the gas temper-
ature at much higher densities. At densities higher than 1011–
1012 cm−3, dust cooling starts to be effective and begins to
cool the gas. The gas temperature decreases to roughly 600 K
in the 10−5 Z⊙ simulations, and 300 K in the Z = 10−4Z⊙ case.
This temperature decrease significantly increases the number
of Jeans masses present in the collapsing region, making the
gas unstable to fragmentation. The dust and the gas temper-
atures couple for densities higher then 1013cm−3, when the
compressional heating starts to dominate again over the dust
cooling. The subsequent evolution of the gas is close to adia-
batic. If we compare the results of the runs with and without
rotation and turbulence, then the most obvious difference is
the much greater scatter in the n − T diagram in the former
case. Variations in the infall velocity lead to different fluid el-
ements undergoing different amounts of compressional heat-
ing. The overall effect is to reduce both the infall velocity
and the average compressional heating rate. This allows dust
cooling to dominate at a density that is up to five times smaller
than in the case without rotation or turbulence. The gas also
reaches a lower temperature, cooling down to ≈ 200K (instead
of 300K) for the Z = 10−4Z⊙ case, and to ≈ 400K (instead of
600K) for the Z = 10−5Z⊙ case. This behavior shows that
it is essential to use 3D simulations to follow the evolution
of the collapsing gas. A similar effect can be seen in Clark
et al. (2010). If we compare our results to the calculations of
Omukai et al. (2010), we find that dust cooling is considerably
less effective than predicted by the one-zone models, but the
agreement is better with their one-zone plus 1D hydrodynam-
ical models. We find that a metallicity of 10−4Z⊙ is required
to cool the gas down to 300 K, while for the same metallicity,
Omukai et al. (2010) find that the gas cools down to 200 K.

3.1. Fragmentation
We follow the thermodynamical evolution of the gas up to

very high densities of order 1017cm−3, where the Jeans mass
is ≈ 10−2M⊙, and so we need a high resolution simulation to
study the fragmentation behaviour. The transport of angular
momentum to smaller scales during the collapse leads to the
formation of a dense disk-like structure, supported by rotation
which then fragments into several objects. Figure 2 shows the
density structure in the gas immediately before the formation
of the first protostar. The top-left panel shows a density slice
on a scale comparable to the size of the initial gas distribu-
tion. The structure is very filamentary and there are two main
overdense clumps in the center. If we zoom in on one of the
clumps, we see that its internal structure is also filamentary.
We can follow the collapse down to scales of the order of an
AU, but at this point we reach the limit of our computational
approach: as the gas collapses further, the Courant timestep
becomes very small, making it difficult to follow the further
evolution of the cloud. In order to avoid this difficulty, we
replace very dense, gravitationally bound, and collapsing re-
gions by sink particles. Once the conditions for sink particle
creation are met, they start to form in the highest density re-
gions (Figure 3). Due to interactions with other sink particles
that result in an increase in velocity, some sink particles can
be ejected from the high-density region, but most of the par-
ticles still remain within the dense gas. Within 137 years of
the formation of the first sink particle, 45 sink particles have
formed. At this time, approximately 4.6M⊙ of gas has been
accreted by the sink particles.

Fig. 3.— Number density map showing a slice in the densest clump, and the
sink formation time evolution, for the 40 million particles simulation, and Z
= 10−4Z⊙. The box is 100AU x 100AU and the time is measured from the
formation of the first sink particle.

Fig. 4.— Sink particle mass function at the end of the simulations. High
and low resolution results and corresponding resolution limits are shown. To
resolve the fragmentation, the mass resolution should be smaller than the
Jeans mass at the point in the temperature-density diagram where dust and
gas couple and the compressional heating starts to dominate over the dust
cooling. At the time shown, around 5 M⊙ of gas had been accreted by the
sink particles in each simulation.

3.2. Properties of the fragments
Figure 4 shows the mass distribution of sink particles when

we stop the calculation. We typically find masses below 1M⊙,
with somewhat smaller values in the 10−4Z⊙ case compared
to the 10−5Z⊙ case. Both histograms have the lowest sink par-
ticle mass well above the resolution limit of 0.0025M⊙. Note
that in both cases, we are still looking at the very early stages
of star cluster evolution. As a consequence, the sink particle
masses in Figure 4 are not the same as the final protostellar
masses – there are many mechanisms that will affect the mass
function, such as continuing accretion, mergers between the
newly formed protostars, feedback from winds, jets and lu-
minosity accretion, etc. Nevertheless, we can speculate that
the typical stellar mass is similar to what is observed for Pop
II stars in the Milky Way. This suggests that the transition
from high-mass primordial stars to Population II stars with
mass function similar to that at the present day occurs early
in the metal evolution history of the universe, at metallicities
Zcrit < 10−5Z⊙. The number of protostars formed by the end

Dopcke et al. (2011, ApJ 729, L3)



transition: Pop III to Pop II.5

Dopcke et al. (2011, ApJ 729, L3)
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where [He] is the helium abundance, and n is the number den-
sity of hydrogen nuclei. At other temperatures, κ ∝ T 2

gr, so
long as Tgr < 200 K. For grain temperatures larger than 200 K,
it is necessary to account for the effects of ice-mantle evapo-
ration, while at much higher grain temperatures, the opacity
falls off extremely rapidly due to the melting of the grains.
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Fig. 2.— Number density maps for a slice through the high density region.
The image shows a sequence of zooms in the density structure in the gas
immediately before the formation of the first protostar.

We performed three sets of simulations, two at low resolution
and one at high resolution. The details are shown in Table 1.
Our low resolution simulations were performed to explore the
thermal evolution of the gas during the collapse, and had 4
million SPH particles which was insufficient to fully resolve
fragmentation. We used these simulations to model the col-
lapse of an initially uniform gas cloud with an initial num-
ber density of 105 cm−3 and an initial temperature of 300 K.
We modelled two different metallicities (10−4Z⊙ and 10−5Z⊙).
The initial cloud mass was 1000 M⊙, and the mass resolu-
tion was 25 × 10−3 M⊙. In one set of low-resolution simula-
tions the gas was initially at rest, while in the other, we in-
cluded small amounts of turbulent and rotational energy, with
Eturb/|Egrav| = 0.1 and β = Erot/|Egrav| = 0.02, where Egrav is
the gravitational potential energy, Eturb is the turbulent kinetic
energy and Erot is the rotational energy. For our high resolu-
tion simulations, which were designed to investigate whether
the gas would fragment, we employed 40 million SPH par-
ticles. We adopted initial conditions similar to those in the
low-resolution run with turbulence and rotation. As with the
low resolution runs, we simulated two metallicities, 10−4Z⊙
and 10−5Z⊙. The mass resolution (taken to be 100 times the
SPH particle mass) was 2.5 × 10−3M⊙.

3. ANALYSIS

In Figure 1, we compare the evolution of the dust and gas
temperatures in the low-resolution simulations. The dust tem-
perature, shown in the lower part of the panels, varies from the

red / blue: turbulence and rotation
dark red / green: simple collapse
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CMB temperature in the low density region to the gas temper-
ature at much higher densities. At densities higher than 1011–
1012 cm−3, dust cooling starts to be effective and begins to
cool the gas. The gas temperature decreases to roughly 600 K
in the 10−5 Z⊙ simulations, and 300 K in the Z = 10−4Z⊙ case.
This temperature decrease significantly increases the number
of Jeans masses present in the collapsing region, making the
gas unstable to fragmentation. The dust and the gas temper-
atures couple for densities higher then 1013cm−3, when the
compressional heating starts to dominate again over the dust
cooling. The subsequent evolution of the gas is close to adia-
batic. If we compare the results of the runs with and without
rotation and turbulence, then the most obvious difference is
the much greater scatter in the n − T diagram in the former
case. Variations in the infall velocity lead to different fluid el-
ements undergoing different amounts of compressional heat-
ing. The overall effect is to reduce both the infall velocity
and the average compressional heating rate. This allows dust
cooling to dominate at a density that is up to five times smaller
than in the case without rotation or turbulence. The gas also
reaches a lower temperature, cooling down to ≈ 200K (instead
of 300K) for the Z = 10−4Z⊙ case, and to ≈ 400K (instead of
600K) for the Z = 10−5Z⊙ case. This behavior shows that it
is essential to use 3D simulations to follow the evolution of
the collapsing gas. A similar effect can be seen in Clark et al.
(2011).

3.2. Fragmentation
We follow the thermodynamical evolution of the gas up to

very high densities of order 1017cm−3, where the Jeans mass
is ≈ 10−2M⊙, and so we need a high resolution simulation to
study the fragmentation behaviour. The transport of angular
momentum to smaller scales during the collapse leads to the
formation of a dense disk-like structure, supported by rotation
which then fragments into several objects. Figure 2 shows the
density structure in the gas immediately before the formation
of the first protostar. The top-left panel shows a density slice
on a scale comparable to the size of the initial gas distribu-
tion. The structure is very filamentary and there are two main
overdense clumps in the center. If we zoom in on one of the
clumps, we see that its internal structure is also filamentary.
We can follow the collapse down to scales of the order of an
AU, but at this point we reach the limit of our computational
approach: as the gas collapses further, the Courant timestep
becomes very small, making it difficult to follow the further
evolution of the cloud. In order to avoid this difficulty, we
replace very dense, gravitationally bound, and collapsing re-
gions by sink particles. Once the conditions for sink particle
creation are met, they start to form in the highest density re-
gions (Figure 3). Due to interactions with other sink particles
that result in an increase in velocity, some sink particles can
be ejected from the high-density region, but most of the par-
ticles still remain within the dense gas. Within 137 years of
the formation of the first sink particle, 45 sink particles have
formed. At this time, approximately 4.6M⊙ of gas has been
accreted by the sink particles.

Fig. 3.— Number density map showing a slice in the densest clump, and the
sink formation time evolution, for the 40 million particles simulation, and Z
= 10−4Z⊙. The box is 100AU x 100AU and the time is measured from the
formation of the first sink particle.

Fig. 4.— Sink particle mass function at the end of the simulations. High
and low resolution results and corresponding resolution limits are shown. To
resolve the fragmentation, the mass resolution should be smaller than the
Jeans mass at the point in the temperature-density diagram where dust and
gas couple and the compressional heating starts to dominate over the dust
cooling. At the time shown, around 5 M⊙ of gas had been accreted by the
sink particles in each simulation.

3.3. Properties of the fragments
Figure 4 shows the mass distribution of sink particles when

we stop the calculation. We typically find masses below 1M⊙,
with somewhat smaller values in the 10−4Z⊙ case compared
to the 10−5Z⊙ case. Both histograms have the lowest sink par-
ticle mass well above the resolution limit of 0.0025M⊙. Note
that in both cases, we are still looking at the very early stages
of star cluster evolution. As a consequence, the sink particle
masses in Figure 4 are not the same as the final protostellar
masses – there are many mechanisms that will affect the mass
function, such as continuing accretion, mergers between the
newly formed protostars, feedback from winds, jets and lu-
minosity accretion, etc. Nevertheless, we can speculate that
the typical stellar mass is similar to what is observed for Pop
II stars in the Milky Way. This suggests that the transition
from high-mass primordial stars to Population II stars with
mass function similar to that at the present day occurs early
in the metal evolution history of the universe, at metallicities
Zcrit < 10−5Z⊙. The number of protostars formed by the end



dense cluster of low-mass 
protostars builds up: 

- mass spectrum 
  peaks below 1 Msun

- cluster VERY dense
  nstars = 2.5 x 109 pc-3

- fragmentation 
  at density 
  ngas = 1012 - 1013 cm-3

400 AU

(Clark et al. 2008, ApJ 672, 757)

dust induced fragmentation at Z=10-5



dense cluster of low-mass 
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  peaks below 1 Msun
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- predictions:
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dust induced fragmentation at Z=10-5



(Clark et al. 2008)
(plot from Salvadori et al. 2006, data from Frebel et al. 2005)

2 extremely metal deficient stars 
with masses below 1 Msun.

dense cluster of low-mass 
protostars builds up: 

- mass spectrum 
  peaks below 1 Msun
- cluster VERY dense
  nstars = 2.5 x 109 pc-3

- predictions:
* low-mass stars    
   with [Fe/H] ~ 10-5

* high binary fraction 

dust induced fragmentation at Z=10-5



metal-free star formation

(Omukai et al. 2005)

Z = - ∞

τ = 1

• slope of EOS in the density range 
5 cm-3 ≤ n ≤ 16 cm-3 is γ≈1.06.

• with non-zero angular 
momentum, disk forms.

• disk is unstable against frag- 
mentation at high density



turbulence in Pop III halos
• star formation will depend on degree of

turbulence in protogalactic halo

• speculation: differences in 
stellar mass function, just 
like in present-day star 
formation

 (Greif et al. 2008) 



turbulence in Pop III halos
• star formation will depend on degree of

turbulence in protogalactic halo

• speculation: differences in 
stellar mass function, just 
like in present-day star 
formation

 (G
reif et al. 2008) 

turbulence developing in an atomic cooling halo



multiple Pop III stars in halo

• parameter study with different strength of 
turbulence using SPH: study Pop III.1 and Pop III.2 
case (Clark et al., 2011a, ApJ, 727, 110)

• 2 very high resolution studies of Pop III star 
formation in cosmological context

- SPH: Clark et al. 2011b, Science, 311, 1040

- Arepo: Greif et al. 2011a, ApJ, submitted (arXiv:1101.5491)

- complementary approaches with interesting similarities 
and differences....



(Clark et al. 2011b, Science, 331, 1040)

SPH
 study: face on look at accretion diskFigure 1: Density evolution in a 120 AU region around the first protostar, showing the build-up

of the protostellar disk and its eventual fragmentation. We also see ‘wakes’ in the low-density
regions, produced by the previous passage of the spiral arms.
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SPH
 study: som

e disk param
eters

Figure 2: Radial profiles of the disk’s physical properties, centered on the first protostellar core
to form. The quantities are mass-weighted and taken from a slice through the midplane of the
disk. In the lower right-hand plot we show the radial distribution of the disk’s Toomre parameter,
Q = csκ/πGΣ, where cs is the sound speed and κ is the epicyclic frequency. Beause our disk
is Keplerian, we adopted the standard simplification, and replaced κ with the orbital frequency.
The molecular fraction is defined as the number density of hydrogen molecules (nH2), divided
by the number density of hydrogen nuclei (n), such that fully molecular gas has a value of 0.5
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(Clark et al. 2011b, Science, 331, 1040)



SPH
 study: m

ass accretion onto disk 
 and onto protostars

Figure 3: The mass transfer rate through the disk is denoted by the solid black line, while
the mass infall rate through spherical shells with the specified radius is shown by the dark
blue dashed line. The latter represents the total amount of material flowing through a given
radius, and is thus a measure of the material flowing through and onto the disk at each ra-
dius. Both are shown at the onset of disk fragmentation. In the case of the disk accretion
we have denoted annuli that are moving towards the protostar with blue dots, and those mov-
ing away in pink (further details can be found in Section 6 of the online material). The light
blue dashed lines show the accretion rates expected from an ‘alpha’ (thin) disk model, where
Ṁ(r) = 3 π α cs(r) Σ(r) H(r), with two global values of alpha and where cs(r), Σ(r), and
H(r) are (respectively) the sound speed, surface density and disk thickness at radius r.
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(Clark et al. 2011b, Science, 331, 1040)



Figure 7: (a) Dominant heating and cooling processes in the gas that forms the second sink

particle. (b) Upper line: ratio of the thermal timescale, tthermal, to the free-fall timescale, tff ,

for the gas that forms the second sink particle. Periods when the gas is cooling are indicated in

blue, while periods when the gas is heating are indicated in red. Lower line: ratio of tthermal to

the orbital timescale, torbital, for the same set of SPH particles (c) Temperature evolution of the

gas that forms the second sink (d) Density evolution of the gas that forms the second sink
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SPH
 study: com

parison of all relevant 
heating and cooling processes

(Clark et al. 2011b, Science, 331, 1040)



(Greif et al. 2011a, submitted)

Arepo study: surface density at different times

one out of five halos



(Greif et al. 2011a, submitted)
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Arepo study: mass spectrum of fragments 

(Greif et al. 2011a, submitted)



primordial star formation

just like in present-day SF, we expect 
turbulence
thermodynamics
feedback
magnetic fields 

to influence Pop III/II star formation.
masses of Pop III stars still uncertain (surprises from new 
generation of high-resolution calculations that go beyond first collapse)

disks unstable: Pop III stars should be binaries or part of 
small clusters
effects of feedback less important than in present-day SF



questions

• is claim of Pop III stars with M ~ 0.5 M☉ really justified?

- stellar collisions

- magnetic fields

- radiative feedback

• how would we find them? 

- spectral features

• where should we look?

• what about magnetic fields?





High-mass star formation

First star formation

Magnetic fields in the primordial universe

decreasing spatial scales
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B fields in the early universe?

• we know the universe is magnetized (now)

• knowledge about B-fields in the high-redshift 
universe is extremely uncertain

- inflation / QCD phase transition / Biermann battery / 
Weibel instability

• they are thought to be extremely small 

• however, THIS MAY BE WRONG!



small-scale turbulent dynamo

• idea: the small-scale turbulent dynamo can generate 
strong magnetic fields from very small seed fields

• approach: model collapse of primordial gas ---> 
formation of the first stars in low-mass halo at 
redshift z ~ 20 

• method: solve ideal MHD equations with very high 
resolution

- grid-based AMR code FLASH 
(effective resolution 655363)



magnetic field structure density structure

(Sur et al. 2010, ApJ, 721, L734)



(Sur et al. 2010, ApJ, 721, L734)

Field amplification during first 
collapse seems unavoidable.

QUESTIONS:

• Is it really the small scale dynamo? 
• What is the saturation value? 
  Can the field reach dynamically 
  important strength?

radial density profile

radial velocity profile

Mach number profile



analysis of magnetic field spectra

Slope +3/2 of 
Kazantsev theory

initial slope of 
B fluctuations

initial peak of 
B fluctuation 
spectrum

(e.g. Brandenburg & Subramanian, 
2005, Phys. Rep., 417, 1)

(Federrath et al., 2010, ApJ)



analysis of magnetic field spectra

B fluctuation spectrum 
in flat inner core

B fluctuation spectrum 
in 1/r2 fall-off

(Federrath et al., 2010, ApJ)



(Sur et al., in prep.)

Jeans mass

ratio of magnetic 
to kinetic energy

We seem to get a saturation level of ~10%

QUESTIONS: • Is this true in a proper cosmological context? 
• What does it mean for the formation of the first stars 

first attempts to calculate the saturation level.

(see, e.g., Subramanian 1997, or
Brandenburg & Subramanian 2005)



questions

• small-scale turbulent dynamo is expected to operate 
during Pop III star formation

• process is fast (104 x tff), so primordial halos may 
collapse with B-field at saturation level!

• simple models indicate saturation levels of ~10% 
--> larger values via αΩ dynamo?

• QUESTIONS:

- does this hold for “proper” halo calculations (with 
chemistry and cosmological context)?

- what is the strength of the seed magnetic field?





High-mass star formation

First star formation

Magnetic fields in the primordial universe
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(Sur et al., in prep.)

Galactic scale star formation



High-mass star formation:
What set upper stellar mass limit?
Can we see UC HII regions flicker?

First star formation:
Are there still Pop III stars around?
How can we see them? And where?

Magnetic fields in the primordial universe:
Is there a minimum primordial field?
What is the influence of B on Pop III star?

decreasing spatial scales
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Molecular cloud formation
What are the initial conditions for MC formation? 
How do star clusters form inside?


