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Disclaimer

@ | try to cover the field as broadly as possible, however,
there will clearly be a bias towards my personal
interests and many examples will be from my own

work.



Schedule

e Formation of molecular clouds

 Origin and statistical characteristics of ISM turbulence
and introduction to star (cluster) formation

e Stellar initial mass function
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X (80% of mass): stars of all ages 0-12Gyr
o (5% of mass): older stars with lower metallicity

X (15% of mass): hot, warm, and cool component (atomic and
molecular)

X (<1% of gas mass): well mixed with the cool gas
X . relativistic particles
o . frozen to the gas (field lines are co-moving with

the gas); energy density comparable to the kinetic energy of gas



Interstellar Matter: ISM

Abundances, scaled to 1.000.000 H atoms

element atomic nhumber abundance Taurus
hydrogen H 1 1,000.000 o=

deuterium  HZ2 1 16 ki Do
helium He 2 68.000 - N *
carbon C 6 420 ‘

nitrogen N 7 90

oxygen O 8 700

neon Ne 10 100

sodium Na 11 2 hydrogen is by far the most
magnesium Mg 12 40 a%undgant eler¥1ent (more than
aluminium Al 13 3 90% in number).

silicium Si 14 38

sulfur S 16 20

calcium Ca 20 2

iron Fe 26 34

nickel Ni 28 2



Phases of the ISM

Because hydrogen is the dominating element, the classification scheme is based
on its chemical state:

ionized atomic hydrogeN HIl (H*) ionization
neutraler atomic hydrogen HI (H) _ T
molecular hydrogen H, dissociation

different regions consist of almost 100% of the appropriate phase, the transition
regions between HII, H and H, are very thin.

star formation always takes place in dense and cold molecular clouds.



Phases of the ISM
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HIl HI H,
A, denotes the extinction, the attenuation of radiation due to

density / column density increases absorption (mostly on dust grains)
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Life-cycle of ISM
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Data from Thomas Dame, CfA Harvard
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ata from Thomas Dame, CfA Harvard
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stars form in molecular clouds
stars form in clusters

stars form on ~ dynamical time

(protostellar) feedback is very
important




¢ strong feedback: UV radiation

from © 1 C Orionis affects star
formation on all cluster scales




eventually, clusters like the ONC

(I Myr) will evolve into clusters
like the Pleiades (100 Myr)




scales to same scale

nearby molecular clouds
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what drives ISM turbulence?

@seems to be driven on large scales, little
difference between star-forming and non-SF
clouds
---> rules out internal sources

eproposals in the literature

@ supernovae
o expanding HIl regions / stellar winds / outflows
o spiral density waves

@ magneto-rotational instability

@ more recent idea: accretion onto disk



what drives ISM turbulence?

some energetic arguments...
energy decay by turbulent dissipation:

é=—(112)pv> /L4

_ ~3 —1 n
= (3xl@ergcm S )(W)

X Urms 3 Ld -
10 kms~!/ {100 pc/

decay timescale:

Td=e/é=Ld/v,mS

— 98 M ) Ld ) vrms -1
=98 Myn| 150 ¢/ | 10 kms 1)

(from Mac Low & Klessen, 2004)
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what drives ISM turbulence?

magneto-rotational instability:

B \2 Q
e‘=(3x1@ergcm_3s‘l)(3MG) ((220 Myr)“l)'

gravitational instability (spiral waves)

e=G(2,/H)*\*Q
=(4X1 ergem s 1)
2

2 H -2
X g
10M pc'z) (100 pc)

X
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(from Walter et al. 2008)

(from Mac Low & Klessen, 2004)



what drives ISM turbulence?

protostellar outflows expanding HIl regions
1 3, -~ {pI)N(>1)v;
fw77w > 2 €= Vt.

~(2xlerg cm™ -1)( c)—l(f—w) =(3><1ergs -3y
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1.5%X10% cm™? 10°M

X(Lﬁﬁl)(Ngol))(lo ;r;s-l)
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200 km s /|10 km s~ !

24
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45%10°My pc 2 yr'l) ’ o H, 1( Ry \7? ti !
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(Li & Nakamura 2006, Wang et al. 2010 vs. (note: different numbers by Matzner 2002)

Banerjee et al. 2008)

(from Mac Low & Klessen, 2004)



what drives ISM turbulence?

supernovae

,_ TSN nsnEsn
mR%H,

Y OsN
(3><1.ergs cm )( 0.1)(1 SNu)
1

« H, \™'[ Ry \™*| Egy
100 pc/ \15 kpc/ \10°! erg/”

in star-forming parts of the disk,
clearly SN provide enough energy X (pc)

tO Compensate for the decay Of (distribution of temperature in SN driven disk turbulence, by
ISM turbulence. de Avillez & Breitschwerdt 2004)

BUT: what is outside the disk?

(from Mac Low & Klessen, 2004)



accretion driven turbulence

@ yet another thought:

o astrophysical objects form by accretion of ambient
material

othe kinetic energy associated with this process is a
key agent driving internal turbulence.

othis works on ALL scales:

- galaxies
- molecular clouds
- protostellar accretion disks

Klessen & Hennebelle (2010, A&A)



concept

@ turbulence decays on a crossing time

Lg
3
@ energy decay rate Edecay ~ £ — _%]\i_a
T4 d

@ kinetic energy of infalling material

i 1 .
lghl - '_]V[h1 ¢
2 /Ull’l

@ can both values match, modulo some efficiency?
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(Field et al.. 2008, MNRAS, 385, 181, Mac Low & Klessen 2004, RMP, 76, 125)
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some estimates from convergent flow studies
1

Klessen & Hennebelle (2010)



application to galaxies

@underlying assumption

o@galaxy is in steady state
---> accretion rate equals star formation rate

owhat is the required efficiency for the
method to work?

o@study Milky Way and 11 THINGS

o excellent observational data in HI:
velocity dispersion, column density, rotation curve



11 THINGS galaxies
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some further thoughts

@method works for Milky Way type galaxies:
@ required efficiencies are ~1% only!
@relevant for outer disks (extended HI disks)

othere are not other sources of turbulence (certainly
not stellar sources, maybe MRI)

@works well for molecular clouds
@ example clouds in the LMC (Fukui et al.)
@potentially interesting for TTS

@ model reproduces dM/dt - M relation (e.g Natta et al. 2006,
Muzerolle et al. 2005, Muhanty et al. 2005, Calvet et al. 2004, etc.)






molecular cloud formation

@star formation on galactic scales
-> requires understanding of
formation of molecular clouds

@questions

@ where and when do molecular clouds form?
@ what are their properties?

@ how do stars form in their interior?

o global correlations? - Schmidt law




molecular cloud formation

o (200

(Deul & van der Hulst 1987, Blitz et al. 2004)
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Thesis:

Molecular clouds form
at stagnation points of
large-scale
convergent flows,
mostly triggered by
global (or external)

perturbations.




correlation with large-scale perturbations
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density/temperature
fluctuations in warm atomar
ISM are caused by thermal/
gravitational instability and/
or supersonic turbulence

density

space some fluctuations are dense
enough to form H, within

“reasonable time”
> molecular cloud

(e.g. on arm)

density

external perturbuations (i.e.
potential changes) increase
likelihood




star formation on global scales =

8 - -
L <

probability distribution
1 function of the density

(p-pdf)

s
=

n

L.

varying rms Mach

numbers:
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log o p

mass weighted P-pdf, each shifted by AlogN=1
(from Klessen, 2001; also Gazol et al. 2005, Krumholz & McKee 2005, Glover & Mac Low 2007ab)



log,g N

mass weighted P-pdf, each shifted by AlogN=1
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star formation on global scales

YT YT T T T T YT T YT T T T YT T YT TYTYTTYD

H, formation rate:

Ty, =

1.5Gyr
n,/1cm™

(rate from Hollenback, Werner, & Salpeter 1971)

-3 -2 -1 0
log,p P

for ny= 100 cm3, H, forms

within 10 Myr, this is about
the lifetime of typical MC'’s.

in turbulent gas, the H,

fraction can become
very high on short

timescale

(for models with coupling
between cloud dynamics and
time-dependent chemistry, see
Glover & Mac Low 2007a,b)



star formation on global scales
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mass weighted P-pdf, each shifted by AlogN=1
(rate from Hollenback, Werner, & Salpeter 1971)

BUT: it doesn’t work
(at least not so easy):

Chemistry has a
memory effect!

H2 forms more quickly
in high-density regions
as it gets destroyed in
low-density parts.

(for models with coupling
between cloud dynamics and
time-dependent chemistry, see
Glover & Mac Low 2007a,b)



SFR estimates from the PDF

log density PDF:
. _ _
V2mo? 207 -
log density, normalized to the mean | ]
f logo P g

s =1In(p/po) .

relation between mean density and turbulent Mach number M and magnetic field strength f3:

1
—- 03 o =1In <1+b2/\/12—6f_1>

IMZ
2 1 (1 4 b2 A2 A
s Il( _|_b./\/l./\/12-|—2./\/l%x

e.g. Padoan & Nordlund 2002, Krumholz & McKee 2005, Hennebelle & Chabrier 2009, Federrath & Klessen 2012, Molina et al. 2012



SFR estimates from the PDF

star formation rate (Msun/yr) in terms of the SF efficiency per free-fall time SFRg

M,
te(po)

SFR = SFRff .

€ > e
SFRH — a/ tff((I?OO)) ,;OO p(S) ds. SF efficiency per free-fall time

Scrit

37 1/2
tg(p) = (32G,0) free-fall time

e.g. Padoan & Nordlund 2002, Krumholz & McKee 2005, Hennebelle & Chabrier 2009, Federrath & Klessen 2012



SFR estimates from the PDF

comparison and extension of existing models

TABLE 1

SIX ANALYTIC MODELS FOR THE STAR FORMATION RATE PER FREEFALL TIME.
Analytic Freefall-time Critical Density pcrit/po = exp(Scrit) SFRg
Model Factor
KM 1 72/5) 2 X ayiy M2 (1+B671)7 €/ (2¢¢) {1 + erf [(02 — 25crit)/(802)1/2] }
PN tg(po)/ta(perit) (0.067) 0~ 2x ozwr/\/lzf(ﬁ) €/(2¢¢) {1+ erf (02 — 23cr1t)/(802)1/2} }exp [(1/2) scrit]
HC teg (po)/te(p) 72 /5) Yore X Qi M 2 ) + Berit,ourd €/ (20¢) {1+ erf [(02 — sarit)/(202)1/2] } exp [(3/8)02]
multi-ff KM tg(po)/ta(p) 72 /5) ¢2 X aryip M? (1 +B871 €/(2¢¢) {1 + erf [(02 Serit)/ (202 1/2} } exp [(3/8 }
multi-ff PN ff(po)/tff (p) 0'067) 62 x O‘VirMQf(B) (2¢t) {1 + erf [(O’? Scrlt)/(2 2)1/2} } exp [(3/8)0 }
multi-ff HC tg(po)/te(p) 7r2/5) yc_u% X Qyip M 2 €/(2¢¢) {1 + erf [(og Scrit /(2 1/2} } exp [(3/8 }

Federrath & Klessen 2012



SFR estimates from the PDF

comparison between analytic models and numerical simulations
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SFR estimates from the PDF

comparison between numerical simulations and observations

10919 Lsrr [MG Wgw kpCAZJ

(0)
e=1.0 ~ T
——GRAVTURB SFE=10%
——GRAVTURB SFE= 1

g = ESF/(ZMyr)

Class | YSO %V
’ Flat YSO v
HCN(1—-0) Clumps <

CZD‘JrGB C\quds O

Class | YS0O %V

Flat YSO %V
HCN(1-=0) Clumps <
€=0.5 - | CZD‘+GB C\quds |

0G0 Lsrr [Me qu Kpci]

1.0 1.5 2.0 2.5 3.0 3.5 4.0 2.5 3.0 3.5 4.0
‘OgTO 2gos [MO p072] ‘OQWO 2g<:|s [MQ pciz]

(@)
o
N
@)

Federrath & Klessen 2012



modeling galactic SF

SPH calculations of self-gravitating disks of stars and (isothermal) gas in dark-
matter potential, sink particles measure local collapse --> star formation

Y (kpc)
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(Li, Mac Low, & Klessen, 2005, ApJ, 620,119 - L22)
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log Zsrr (Mo yr~! kpc™2)
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log Zsrr (Mo yr=1 kpc™2)

In both cases:

(from Kennicutt 1998)
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molecular cloud formation
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(from Dobbs et al. 2008)
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molecular cloud formation

molecular gas fraction as function of time
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molecular gas fraction as function of density
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H fraction

molecular

molecular gas fraction of fluid
element as function of time

cloud formation

molecular gas fraction as function of density
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(movie from Christoph Federrath)



experimental set-up

6 ray approximation to
external radiation field

- AMR MHD (B =2 muG)

- stochastic forcing
(Ornstein-Uhlenbeck)

- self-gravity
- time-dependent chemistry
- cooling & heating processes
--> thermodynamics done
right!

- gives you mathematically
well defined boundary
conditions
--> good for statistical

studies



chemical model O

@32 chemical species

@17 in instantaneous equilibrium:
H-, Hi, H, CH*, CH}, OH't, H,Ot, Hs0*, CO*, HOC*, O~, C~ and OF
@ 19 full non-equilibrium evolution
e ,H", H, Hy, He, He™, C, C*, O, O, OH, H,0, CO,
Cz, Oz, HCO', CH, CH; and CHZ
@218 reactions

@various heating and cooling processes

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)



(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

Process

chemical model 1

Cooling:
C fine structure lines

C* fine structure lines

O fine structure lines

H» rovibrational lines

CO and H;0 rovibrational lines
OH rotational lines

Gas-grain energy transfer
Recombination on grains
Atomic resonance lines

H collisional ionization

Hs collisional dissociation
Compton cooling

Atomic data — Silva & Viegas (2002)

Collisional rates (H) -~ Abrahamsson, Krems & Dalgarno (2007)
Collisional rates (Hy) — Schroder et al. (1991)

Collisional rates (e~ ) — Johnson et al. (1987)

Collisional rates (H") — Rouefl & Le Bourlot (1990)

Atomic data — Silva & Viegas (2002)

Collisional rates (Hy) — Flower & Launay (1977)

Collisional rates (H, T' < 2000 K) - Hollenbach & McKee (1989)
Collisional rates (H, 7' > 2000 K) ~ Keenan et al. (1986)
Collisional rates (e~ ) — Wilson & Bell (2002)

Atomic data — Silva & Viegas (2002)

Collisional rates (H) — Abrahamsson, Krems & Dalgarno (2007)
Collisional rates (H2) — see Glover & Jappsen (2007)
Collisional rates (e~ ) - Bell, Berrington & Thomas (1998)
Collisional rates (H") ~ Pequignot (1990, 1996)

Le Bourlot, Pineau des Foréts & Flower (1999)

Neufeld & Kaufman (1993); Neufeld, Lepp & Melnick (1995)
Pavlovski et al. (2002)

Hollenbach & McKee (1989)

Wolfire et al. (2003)

Sutherland & Dopita (1993)

Abel et al. (1997)

See Table B1

Cen (1992)

Heating:

Photoelectric effect

H» photodissociation

UV pumping of Hp

H» formation on dust grains
Cosmic ray ionization

Bakes & Tielens (1994); Wolfire et al. (2003)
Black & Dalgarno (1977)

Burton, Hollenbach & Tielens (1990)
Hollenbach & McKee (1989)

Goldsmith & Langer (1978)

%Rmn.n.sé



Table B1. List of coll

~—— chemical model 2

1 H+e —H

RI+ITAsLS

— B.UBZTalog 1)7) 1% 6UOU K
= dex[—16.420 + 0.1998(log T')*
— 5447 x 10" *{log T)*
+4.0415 x 10~>(log T)%] T = 6000 K
2 H +H—Hx+e k2=15x10"" T < 300K
=4.0 x 1079707 T > 300 K
3 H+HY —Hy +4 ks = dex|—19.38 — 1.523log T' 3
+ 1.118(log T)? — 0.1269(log 7))
H+ Hf — Hy + H* ks =6.4x 10-10 4
H™4+HY - H+H ks = 2.4 x 10797~ Y2(1.0 + T/20000) 5
H) +e —H+H ke =10x10"% T <61TK i
=1.32 x 10-%7-0.76 T>61TK
7 Hy+H™ —Hy +H k7 = [—3.3232183 x 107 7
+3.3735382 x 10 TInT
— 1.4491368 x 10" "{InT)?
+3.4172805 x 10~ %{InT)*
— 4.7813720 x 10" *{InT)*
+3.9731542 x 10~ 2(InT)°
— 18171411 x 10~V (In T8
+3.5311932 x 10" ¥ (InT)7]
x exp( J"] =
8  Hat+e —H+Hie ks =3.73 % 10 "1*”“-exp( e 8
9 Ho+H—-H+H+H ko) = 6.67 x 10 T /2 exp (1,913%99)] g
Koy = 3.52 x 10~% exp (— 1391 °) 10
fies, 1 = dex [3.0 —~0.416log ( ;55 ) — 0.327 {log ( me)}’] 10
10 H2 +Hz - Hz2+H+H k..;v—%exp(—@) 11

(1.046.761x10-5T)
kion = 1.3 x 10 9exp(—2—f"') 12

L~

-

=

=]

T
Tier, 1, = dex [4.8-15 ~ 1.31og (1:755) + 1.62 {1og (17 }"] 12

11 H+e —H +e +e ki =exp[—3.271396786 x 10’ 13

+ 1.35365560 x 10" InT,

— 5.73932875 x 109(InT0.)*

+ 1.56315498 x 109(1n T)®

— 2.87705600 x 10~ {InT.)*

+ 3.48255077 x 10 *{(InT.)®

— 2.63197617 x 10 *{InT..)"

+ 1.11954395 x 10~ (InT..)7

— 2.03914985 x 10 "(lnT ) l
12 Ht4e —H+xy kiaa = 1.269 x 10713 (~'-"°“ . Case A 14

x [1.0+ (4.0402..)" "'U]-x 923

kia,p = 2.753 x 1014 (313614) 1500 Case B 14

* [1.0 + ( “5_)[!5-‘3)9"“)7]—2,'242
13 H +e —H+e +e kg =exp[—1.801849334 x 10} 13

+ 2.36085220 x 10° InT.

— 2.82744300 x 10~ {InT:.)?

+ 1.62331664 x 10 *{InT.)*

— 3.36501203 x 10~ ?{InT,)*

+ 117832978 x 10~ ?(InT..)®

— 1.65619470 x 10 *{InT..)®

+ 1.06827520 x 10~{InT,)7

— 263128581 x 10 %{InT.)"]
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Table B1.
No. Rea
1 H+
2 H
3 H+
4 H+4
5 H™
6 3
7 Hy -
8 Ha-
9 Ha
10 H2 .
11 H+
12 HT
13 H

14

16

17

18
19

20

21

22
23
24

26

27
28
29

H +H—-H+H+e

che

H™ +HY - Hj +e

He4+e  — Het +e” e~

He' +e — He+4y

He! + H — He+ H"
He+ H* — He +H

Chtye —=C+xy

O7+e” =0+

Ct+e —Chie +e
O+e” -0 +e e
O'+H—-0+H"
O+H =0  +H

O+ He — OF 4+ He
C+HY - CY+H

Ct4+H - C+H'
C+Het — Ct + He

H; + He — H+ H+ He

OH+H—-0O+H+H

HOC" + Hy — HCO™ + Ha
HOC" 4+ CO — HCO' + €O

C+H2 = CH+H
CH+H—C+H2

kig = 2.5634 x 10 97} TS0
= exp[—2.0372609 x 10'
+ 1.13944933 x 10° In T

— L.§210135 x 10 'lnTl)2

mica:

+ 8.6639632 x 10~ 5(InT,)®
— 2.5850097 x 10 %(InT.)7
+ 2.4555012 x 10~%(InT;.)8
— 8.0683825 x 10-%(In7.)%)
ky5 = 6.9 x 10~97-0.35
=9.6x10 T 0%
k16 = exp[—1.400864886 x 10
+ 2.391596563 x 10" In T,
— 1.07532302 x 10'(InTw)?
+ 3.05803875 x 10°(InT,.)*
— 56851186 x 10 Y(InT.)*
+6.79536123 x 10~ *(InT:.)®
— 5.0090561 x 10~3(InT:)®
+2.06723616 x 10 *(InT:.)7
— 3.64916141 x 10~ %{InT,)%]
Kigeea = 103070011272 — 1615 log T
~ 0.3162(log T)? + 0.0493(log T)? |
kipeep = 10017 001119 — 1.676log T
— 0.2852(log T)° + 0.04433(10g T) 9
kyzai = 1.9 x 107375 exp (214
* [L0+03exp (-?‘4'3‘)]
kas = 1.25 x 10712 (355) 7
ki = 1.26 x 10-97'-0.75 exp (- 127500)
=4.0 x 1073774
kao = 4.67 x 10712 (355)
=1.23x 10717 (; m)“: p (2:442:5)
=9.62 x 1075 (m) exp (—1i3e2)
kgy = 1.30 x 10~107-0
=141 x 107107 0% L 74 x 107470
x exp (—1520) [1.0 + 0.062 x exp (— 143202 )]
k22 = 6.85 x 109(0.193 4 u) uP20e v
kog = 3.59 x 1073(0.073 4 u)~'ul3e—v
k2q = 4.99 x 101270400 L 754 x 10 10 0458
k25 = [1.08 x 107117057
+4.00 x 1071070.00689] exp (22}
kog = 4.991 x 10~15 (mfm) o
+ 2'7&] X 10_15 gl(lé;:o)
koy = 3.9 x 10~ 1670.21
s = 6.08 x 1014 (s I e (L1500
K2y = 8.58 x m—"T‘J
=3.25 x 10~ 1770.968
=277 x 10719597
ko = dex | — 27.029 + 3.801 log (T') — 29487/7]
k3on = dex [-2.729 — 1.75log (T') — 23474/7)
fics 1o = dex [5.0792(1.0 — 1. 23 x 10 *(T - 2000)]
k31 = 6.0 x 10-%exp (-
ksz =38x 10 Y
k33 =4.0 x 1073
k3q = 6.64 x 10“°exp 5 !

-0.6

kss = 1.31 x 10 "Wexp

T. £0.1eV

:mode

To > 0.1eV
T £ 8000 K
T > S000 K

Case A

Case B

T £ 10000 K
T > 10000 K

T £ 7950 K

T950K < T € 21140 K
T > 21140K

T £ 400K

T > 400K
u = 11.26/Te
u = 13.6/T,

£ 200K
200 < T < 2000 K
T > 2000 K

13

13

16

16

17
18
19

20

21

22
22
23
24

25

24
24
26

27

27
28
25
30
31
32

—'
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H +H—-H+H+e

14
Table B1. |
No. Hea
1 H+
15 H™
2 H
16  He:
3 H+
4 H+
5 H™
6 3
7 Hy
17 He!
L]
§  H,. 18 He
9 Ha 19 He:
20 ¢!
10 Hz
21 O
1 Ht o o4
23 0=+
24 O
25 0=
26 0O+
27 C+4
12 HT 28 o
26 C+
30 Hj-
13 H
31 OH
32 HO
33 HO
M C+4
35 CH
l,
m

kig = 2.5634 x 10 97178186 T. €

0.1eV

36
37
38

39
40
41

42

cooowmana
—S o @S O A

62
63
64
65
66
67
(i)
69
70
71
72
73
74
75
76
7
78
79
80
81
82
83
84
85
86
87

CH+Hz - CHz+H

chemical model:2

CHy+0—-CO+H+H
JHa +0 — CO <+ Hy

C2+40—-CO=+C

O+Hz - 0OH+H
OH+H— O+ H2
OH-<+Hz - H:O+H

OH+C—-CO+H
OH+0O—-0;+H

OH+ OH — H20+H
HzO +H — Hz + OH
O;+H—-0H+0
Oy +Hy — OH+ OH
0:4+C—-CO+0

CO+H— C+0OH

H} +Hy — H} +H

Hy +H — H} +Hz
C+4+HI -~ CH* 4+H
C+Hy —CH" + H2
Ct4+Hy - CH™ +H
CHY +H — Ct + H,
CHY 4+ Hy — CHJ + H
CH' +0—=CO" +H
CHz +HY = CH™ + Hz
CH} + H — CH 4+ Ha
CHY + Hz — CH3 + H
CH} + 0O — HCO' +H
CH} +H — CHJ +Ha
CH} + O — HCO* + Hy
C2+ 07 =COY 4+ C
O' +Hz - OHT +H
O+H, —OH" +H
O+H, —OH" +Hz
0H+H§—'H20' + Hjp
OH+C" - CO' +H
OH™ + Hy — H0Y 4+ H
Hz()’ -"-H'g'—‘H;;O‘ +H
Hy0 + HY — HzO% + Hy
H20+C" — HCO' + H
H,0 +C™ — HOCY + H
HaO' + C — HCO* 4+ Ha
024C" =COT 40
02 +CT = CO+ 07
02 + CH — HCO* + OH
0, +C—CO0"+0
CO+H, — HOC! 4+ H2
CO+H, — HCO' 4+ Ha
HCO™ 4+ C — CO+ CH™

HCO™ + H0 — CO + HzO*
e ———

kg = 5.46 x 10710 exp (- 1452

ksp = 1.33 x 10°1°
ks =8.0x 10~

ka2 = 5.0 x 10~ ”(_Ml)u"-

50x 1071 (3”-3) o

ks3 =3.14x 10 ”(soo) e"p(‘mfég)
koo = 6.99 x 10714 (515) " exp (- 1830)
kas = 2.05 x 10 u(aoc o xp( urm)

kig = 1.0 x 10 1¢
kg7 = 3.50 x 10~}
=177 x 10~ 1! exp(”ﬁ}
keg = 1.65 x 10712 ([T xp ()
keo = 159 x 101 (555) " exp( 8610}
ksp = 2.61 x 10~ Wexp (53¢
ks) = 3.16 x 10~ P exp ——,,—)
kop = 4.7 x 10700 (L)
=2.48x 10 “(,0.,2 exp (47)

ksy = 1.1 x 107 (1) atp(—n%m)
kas =224 x 1079 (355) " exp (— 3555)

s=T77x10"7 exp(o—-" 156':')
6 =2.4x10"?
kst =2.0x10"7
kss = 1.0 x 10~ "’exp( .
ksp = 7.5 x 10-10
keop = 1.2 x 10-9
kg1 = 3.5 x 10~
koz =1l4x10 »
kea = 1.0 x 10 “exp (—TT‘“‘)
kea = 1.6 x 1079
ks = 7.0 x 10-10
koo = 7.0 x 107V exp (— 105401
kay = 4.0 x 10-10
kes = 4.8 x 10710
key = 1.7x 1077
o= 15x10 9
k7 =84 x 10710
kpo = 1.3 x 1079
kra=T770x10"%"
k74 = 1.01 x 1079
krs = 6.4 x 1019
k76 = 5.9 x 109
krr =9.0x 1071
k7s = 1.8 x 1079
k7 = 1.0 x 10~ 1!
kso = 3.8 x 10710
kg = 6.2 x 10-10
kso = 9.1 x 10-10
ksy =52x 101!
ks =2.7x 107!
kss = 1.7x 107
ksp = 1.1x 107
ksy =2.5x 1079

=

o

-
o

T < 300K
T > 300K

T £ 261K
T > 261K

T £205K
T > 205K

@
=3

37

39

45

53

54

56

13
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14 H
Table B1. |
No. Hea
1 H+
15 H™
2 H
16  He:
3 H+
4 H+
5 H™
6 3
7 Hy
17 He!
L]
8 Hal 18 He
9 Ha| 19 He:
20 ¢!
10 Hz
21 O~
1 Ht o o4
23 0=+
24 O
25 0=+
26 0O+
27 C+4
12 HT 28 o
26 C+
30 Hj-
13 H
31 OH
32 HO
33 HO
M C+4
35 CH
1
|

+H—-H+H+e

36
37
38

39
40
41

42

43
441
45

46
47

cooowmana
—S o @S O A

62
63
64
65
66
67
(i)
69
70
71
72
73
74
75
76
7
78
79
80
81
82
83
84
85
86
87

CH+ H2a 4
CH+C
C

L

(.H1+0-
CHy +0 -
Ca+0—

O+ Hz —
OH <+ H —
OH <+ Ha -
OH+C—
OH+ 0O -

OH + OH
H20+4+H -
O+ H —
Og 4+ Hy =
O24C—

CO+H-—
Hz' + H2 -
Hy +H
C+HI o
C+H3 —
Ct 4+ Hy4
CHY +H
CHY + Hy
CH' +0
CHa + HY
CH} +H
CHY + Hy
CH} + 0|
CH} + H|
CH} 4+ 0|
Ca+07 -
O +Hz-
O+H, —
O+Hg —
OH + Hy
OH <+ C
OH™ + Hy
H20' -'-H
H,0 + Hi
H;O+(}
H,0 +C7
Ha0' = ¢
O2+C* -
O 4+C™ -
02 + CHJ
0, +C—
CO+H,
CO+H,
HCO™ +(
HCO™ +

88
89
90

101
102
103

104
105
106
107
108
109
110
111
112
113
114
115
116
17
118
119
120
121
122
123
124
125
126
127

Hz + He' —oHe+H+
H»+He’—~He+H+H'
(Ji H" — CH"

B%

— OHY +
0H+He — 0" +He+H
H0+ H™ — HOF + H
H20 + He' — OH + He + H'
H20 + Het — OH* < He+ H
H20 + He' — H20" + He
02+H™ -0} +H
Qg + Het — O + He
O2+He! 0" +0+4He
07 +C— 0240
CO+He™ —C"+0+He
CO+He™ — C+0" 4+ He
CO" +H—-CO+H
C-+H* - C+H
O +H' -0+H
He!' +H — He+H
H, +e —H2+H
Hy +e — H+H+H
CH  +e — C+H
CH, +e~ — CH=+H
CH; +e- - C+H+H
CH; +e~ —C+Hy
CH; +e~ —CHy + H
CH; +e~ — CH+Hy
CH; +e — CH+H=+H
OH' 4+e —O+H
H20' +e — O+H+H
H20' +e — O+ Ha
H20" +e — OH+H
Hs0" +e — H+H20
H3zO" +e — OH 4+ Ha2
HzOt +e~ - OH+H+H
HzOt 4+e~ - O+ H+H;
0 +e” - 0+0
CO" " +e” = C+0
HCO™ +e” - CO+H
HCO +-e —OH+C
HOC' +e —CO+H
H +C—-CH+e
H +0 —-0H+e"

H +OH — H,0+e
C +H—=CH+e
C™ +Hy — CHp +e™
C +0—=CO=+e
O" +H—-OQH+e™
O~ +Hz = H2a0 +e™
O 4+C—-CO+e

kgy = T7.2x 10715
ksg =3.7x 10 “exp
koo = 1.9x10°Y

c“almrﬁﬁﬂel 2

I.95 = 1.1 x 10‘
kog = 6.9 x 10~
kor =2.04x 10
kos = 2.86 x 10710
kg = 6.06 x 1011
krgo =2.0x 1079
kyoy =33x 1071
kwz=11x10"7
ks = 5.2 x 10~V
kroe =14 x 109 (-T—)
-0.5

kios = 1.4x 1071% (35 )
kioe = 7.5 x 1071°

n 0.5
ko7 =23 x 1077 (r',a
ks =23x 1077 (1) *°
ko0 =232 x 1077 (555)

-0.52

k1o =234 x 10 ”(sno) e
ki =436x10°% (&) 07
k2 =7.0x 10 "( e
kiis = 1.6 x 1077 (m)_“
ke =408 x 107 (555 oo
ks = 7.68 x 1075 ()
ke = 7.75 x 1078 ()7
kg =195 x 1077 ()7
ks =20x 1077 (55 h
ke =63 x 10 (g e
ki =3.06x 107 ()7
ki =39x10% (&)
ki =86x10% (L) "
kizs = 1.08 x 107 310) 0:
ol

ke =6.02x 10 (55)
kigs =288 x 1077 (&) 7
kizs = 5.6 x 107° (1 e
ka7 = 1.95 x 1077 (5
kios =2.75 x 1077 (5%
k119—276>(10_'
ko =24x107% (&5
kg =11 % 10 '(-T—
kg2 =10x 107
k33 =1.0x10"9
kygs = 1.0x 1019
k135 =5.0x 10710
k(a =10x10"13
kg =5.0x 10°1°
kigs = 5.0 % 10-10
ki = 7.0 x 10710
kiz0 =5.0x 10717

b

o
—

) 0.55
)

—0.64
0

o.’ 8[" 8"'

30

vv
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H +H—-H+H+e

14
Table B1.
No. Rea
1 H+
15 H™
2 H
16  He:
3 H+
4 H+
5 H™
6 A
7 Hy
17 He!
1
8 Ha 18 He
9 Ha 19 He:
20 ¢!
10 H2 .
21 O
1 Ht o o4
23 0=+
29 O
25 0=+
26 0O+
27 C+4
12 HT 28 o
26 C+
30 Hj-
13 H
31 OH
32 HO
33 HO
M C+4
35 CH

36
37
38

39
40
41

42

43
441
45

46
47

CH+ H2a 4
CH+C —~
C

(_

(.H1+0-
CHy +0 -
Ca+0—

O+ Hz —
OH <+ H —
OH <+ Ha -
OH+CH
OH+ 0O -

OH + OH
H20+4+H -
O+ H —
Og 4+ Hy =
O24C—

CO+H-—
Hz' + H2 -
Hy +H
C+HI o
C+H3 —
Ct 4+ Hy4
CHY +H
CHY + Hy
CH' +0
CHz + HY
CH} +H
CHI + Ha
CH} + 0|
CH} + H|
CH} 4+ 0|
Ca+07 -
O +Hz-
O+H, —
O+Hg —
OH + Hy
OH <+ C
OH™ + Hy
H20" ‘H
H,0 + Hi
H40+(}
H,0 +C7
HaO' = ¢
O2+4C* -
O 4+C™ -
O + CHy
0, +C—
CO+H,
CO+H,
HCO™ +(
HCO™ +

88
89
90

101

11
11]
11
11
14
1y
1
11
11§
114
12
12]
12§
12
124
12
12(
12}
12

Hz + He' —oHe+H+

ksg = 7.2 x 10-15 63
H»+He'—oHe+H+H’ kg = 3.7 x 10 “exp 63
(,u H" — CH' L-xn-lgxlo » 28
CHE =1, m L 28 RisTALS
H; 28
28
UH' kos =2 28
0H+He -0 +He+H Ass_l.lxm— 28
Ho0 + H™ — H0 +H kog = 6.9 x 107° 64
H20 + He" — OH +He+H'  kor =204x 10" 65
L I ot SN T PR 1 ] [N noa o an=-10 ar
142 C+e —=C 44 kg =225 x 10715 81
143 C+H—-CH+y kiaz = 1.0x 10717 82
144 C+Hz — CHz 449 kias = 1.0x 10717 82
M5 C+C—Catny kias = 4.36 x 1078 (2" P e o xp (—15:2) 83
46 C+0—CO+7 k46 = 2.1 x 10719 T < 300K 84
I 0.33
=3.00x10 77 (35)" exp (—1522) T > 300K 85
M7 C'+H—CH' +4 kiaz = 446 x 10 5T O‘exp(-;;ﬂ) 86
48 CF +Hy — CHY 44 kyas = 4.0 x 10~ “‘(w.,) 87
M9 CT+0—=CO" +4 k1s0 = 2.5 x 1018 T £ 300K 84
0.15
=31 x10 (& exp (£) T > 300K
150 O+4e — O +9 k150 = 1.5 x 1071 ) 28
151 O+H— OH+~ kis) =99 x 10719 (2 o 28
152 0+0—02+7 kisz = 4.9 x 1072 (55 )" =
153 OH+H— H20++ kiss =526 x 1078 (1) "% ex p(-%F) 88
151 H+H+H—Ha+H kiss = 132 x 10 “(L)'o - T £ 300K 89
0
=132x 103 (&)™ T > 300K 9
155 H+H+Hz— Ha+Hz kiss = 2.8 x 10700 91
156 H+H+ He — Hp + He k)56 = 6.9 x 10732704 02
157 C+C+M—Ca+M kisz = 5.99 x 1073 (1)1 T € 5000 K 93
—0.64 .
=599 x 1073 (515) "™ exp (2238) T > 5000 K 9t
158 C+0+M—CO+M kiss = 6.16 x 102 (L) 7" < 2000 K a5
P -3.0 E
=214 %102 (&) 7 exp (214) T > 2000 K 67
159 C +04+M—=CO™ +M kisa =100 x k210 67
160 C+0t4+M—=CO™ +M  kjgo = 100 x koyo 67
161 O+H+M—OH+M ki =433x10°32 (&) 7" 43
162 OH+H+M—H0+M  kiga =256 x 1073 (&) 7" 35
163 0O+0+M—02+M ks =9.2x 10°% (55)° 37
. 0,44
161 O+ CH—HCO +e”  kisa=20x 107" ()" 95
165 H+H(s) — Ha kigs = 3.0 x 10713705 £, 1104+ 0.04(T + T3)%5  fa = [1.0+10‘exp(-‘;—'§‘f')] TG

+0.0027 + 8 x 10-972]~)

129
130

131
132

137

139
140

HCO™ e~ - CO+H
HCO" +e —OH+C
HOC" +e —CO+H

H

H-

H
C

o-

C

o-
o-

O

+C—-CH+e
+0 - 0OH+4e™
+OH — HaO +e
+H—-CH+e
+Hy = CHp +e™
+0=CO=+e
+H —-0OH+e™
+Ha — H20 +e™
+C—=CO+e

ko =276 % 1077 (sﬂoi o

i =24 10 (s 5)

ki =11x10 (-L)_]s
kg2 =1.0x 107

ki3 =1.0x 1079

kias =10x 1010

ki3s =5.0x 10717

ki3 = 1.0 x 10713

kiar =5.0x 10 10

kigs = 5.0 % 10-10

kigo =7.0x 10710

kiz0 =5.0x 10717

™
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14 H +H—oH+H+e

. 36 CH4Hal
Table B1. | a7 C“+ 4
§ @
No. Rea
e | 39
1 H+4 40 cug+o
41 CH,+0-

42 C2+0—

88 Hy + He'! —oHe+H+
Hz + He'! —.He+H+H'

CH+H" — CH’

OH'

5 OH 4+ He® = 0" +He+H
96  HO+H™ — H0' +H

97 H20 + He" — OH

a8 L N

+He+ H'

A L

kgy = T7.2x 10715
ksg =3.7x 10 “exp
koo = 1.9x10°Y

mﬁ&alnzrﬁﬁﬂel 2

kos =2

kos = 1.1 x 10°
kgg = 6.9 x 109
L-)7=204x10 10

w 1n=10
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Table B2, List of photochemncal reactions included in our chemical model 25 x 10-15 81
ox 107 82
No. Reaction Optically thin rate (s~} 4 Ref. ’gsxx“:o:a ()" exp (—22) 2;2;
| 300 T
166 H 4+~v—H+e Rips =T7.1x10° 7 0.5 1 px 10718 L y0.53 1620 o .
167 Hf +4—H+HT Rygr = 1.1x 1077 1.9 I .',';T(sg:, e (1) T anK .
168 Hi+y—H+H Rigs = 5.6 x 101 Seeg22 3 XU e (=371)
169 HJ +4 — Ha+H! Rigs =4.9x 10 1.8 4 g: :g—ls (sim) * T < 300K g:
170 Hi +4—Hj +H Rizo =4.9 x 1073 2.3 4 w10 (&) exp () 25 20K
171 C+4—=C" +e Rim =3.1x10° % 3.0 5  Bxion ® : 28
172 C 49— C+e Ry =24 x 1077 0.9 6 Bx10710 () " 28
173 CH+44—C+H Riry =87 x 10 1.2 T exww (L) 52
174 CH++9—CH™ +e Ri7a =7.7x10 2.8 8 26 x 1073 (m) 2 exp (- 50) 88
175 CH+"“7 — C+H™ Rl','5 =26 x 10-10 2.5 7 a2 x 10 ;z(_L)‘o 38 T < 300K 20
176 CH2+~—CH+H Rimg =T.1x 10 ¢ 1.7 7 b2 x 10 u(_T_) Lo T 300K %
177 CHz+v — CH, +e” Rirr = 5.9 x 10710 2.3 6 Bx 10T a1
178 CHj +y—CH' +H Ryzs = 4.6 x 10710 1.7 9  PxwoErod 9
179 CH} +y—CHf +H  Ryza=10x10"7 L7 6 Px0(5g) _ T £ 8000 K 9
180 CH; +4—CH" +H2  Riso=10x10"° L7 6 x0 () Cee() 750K e
181 Ca4y—C+C Rig = 1.5x10 % 2.1 7 pexw0(5g) T £ 2000K 3
182 O +y—0+e Rig2 =24x 107 0.5 6 Mx10F(5) T en (3H) T > 2000 K 67
183 OH+y—O+H Rygg = 3.7 x 10710 L7 10 pre ot
188 OH+v—OH' +e Riss = 1.6 x 1072 3.1 6 hywioo(Z) i
185 OH™ 4+~ —0O+H" Rigs = 1.0 x 1072 1.8 1 56 x 10731 ()" -
186 H;O+449—OH+H Rygg = 6.0 x 10710 1.7 11 2 x 10-% (L M0 ;7
187 Ha0 49 — H20" 46 Risr =3.2x 10 ' 3.9 8 :OX 101! (ﬁ)w ‘95
188 H20" +4—H] +0 Rigs = 5.0 x 10 _-" See§22 12 | 10_,87‘,3*’5"“[1.“0_04(”Td)o‘s fa=[10+ 100 exp (- 22)] oo
189 H20" +4 —=H' +OH  Riss =50x10 ! See §22 12 [gompr gy 10-677)-) .
190 HaO" +4 =07 +Hy  Ryg=50x10"" See §2.2 12
191 HyO' +4—OH' +H Rupm=15x10 " See §2.2 12 x 1077 (505) ™ |
192 H3O" +~4 — HY + Ho0  Rygp =25 x 1077} See §2.2 12 xu0 ~( 5) 79
193 H30  +4—H] +OH Ria=25x10"" See§22 12 xw07(ZL)"° 2
194 HzO" +4 = H0' +H Rygs=75x10""2 See §22 12 x07? 28
195 H30" 44— OH' +Hz Rigs =2.5x 10! See§22 12 10 -
196 Oz+9— 01 +e Hyos = 5.6 x 10 ! av 7 x 1010 28
197 O:4+9—0+40 Rigr =7.0x 107 1.8 7 gw® 28
198 CO+4—C+0 Rygs = 2.0 x 10-10 Seeg22 13 X, b
x 10-10 28
b | A 86 W"" 140 O +C—=CO=e k1s0 =5.0x 1071° 28
87 HCO™ + o Bz

|




(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)
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H +H—oH+H+el sa Hz + He' — He+ HI kpy = 7.2 x 10715 63
| 36 CH+Ha- »+He’—~He+H+H' kg = 3.7 x 10 “exp 63
37 u{+ - (,u H' —oLH koo = 1.9x10°Y 28 ‘
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No. Reaction Optically thin rate (s™') 4 Ref. be x 10-16 (Jf—n')“ exp (- 161.2) @
166 H +4—H+e Ris =7.1x 1077 0.5 1 pxw® T £ 300K -
67 H + + + e -9 ’ 09 x 10777 (5) " exp (—1522) T > 300K 85
3 +y—H+H Rygr = 1.1x 107" 1.9 2 ke x 10 "‘T°'ex (—42) o
168 Hy+~y—H+H Rigs = 5.6 x 10! See§22 3 | T AL -
169 HJ +4 — Ha+H! Rigg =4.9x 10+ 18 1 s:: 10-15 (st0) T < 200K st
¥ T _ -13 . ! N
MR Rnoanen 2 4 e ew e .
i;i EH +7— Table B3. List of reactions included in our chemical model that involve cosmic rays or cosmic-ray induced UV emission #
. +9- §2
174 CH+44 — B .
175 CH+ :“' ' No. Reaction Rate (s ¢, ") Ref. :;
176 CH2++v+ 199 Hi4cr. —H  +e” Rim = 1.0 — 0
177 CHa+v- 200 He+cr.— He! +e~ Rapp = 1.1 1 n
178 CHy +7 201 Ha+er—H'+H+e R =0037 1 B
179 CH; +v 202 Hp+cr.—H+H Ramp = 0.22 1 B
180 CH; +v 203 Ha+cr.—H'4+H Raoy = 6.5 x 10°% 1 i
181 Ca+4y— 204 Hascr —H +e- Raos = 2.0 1 P
182 O +5—= 206 C+ecr.—C'+e Roos = 3.8 1 v
183 OH+5— 206 O+cr.—0" +e- Raos = 5.7 1 4
18¢ OH+v-= 207 CO+4ecr.—CO' +e Raor = 6.5 1 s
185 OH™ ++ 208 C49er. —Ch 4o Raos = 2800 2 i
186 HyO+49: 2089 CH49.. —C+H Rang = 4000 3 i7
187 HaO4++- 210 CHT +4., —-C'+H Rawg = 960 3 5
188 Ha0" +q 211 CHa2+ 7. —CH,; +e Ran = 2700 1 %
188 H20" =9 212 CHz2+ %%, —-CH+H Ra2 = 2700 1
190 HaO" +4 213 Co49cr. = C+C Ray3 = 1300 3 =
191 H20" +q 214 OH-+~., —0O+H Ra1s = 2800 3
192 H307 +4q 215 H;049., —OH+H Ray5 = 5300 3
193 H307 +4 216 Oz+49.,. —0+0 Ras = 4100 3
194 H3O7 +1q 217 O+ %, —OF +e” Ry =640 3
195 HiO" +9 218 CO+4 e —=C+0 Raws = 0217 2z, 20t/ 4
196 Oz 49—
197 Oz44—0+0 R =10x10 ™ T8 T Jo-10 ; r
198 CO+vy—C+0 Rygs = 2.0 x 10710 See§22 13 X0 . Y
x 10-10 28
| A 86 HCO™ +( 10 O +C—=CO=+e kr20 =5.0 x 10710 28
87 HCO™ + " 52 r
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Hl to H2 conversion rate
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Figure 4. Time evolution of the mass-weighted H,; abundance in simulations R1, R2 and R3,
zones (dot-dashed), 128% zones {dashed) and 256 zones (solid), respectively.

(Glover, Federrath, Mac Low, Klessen, 2010)

which have numerical resolutions of 64



Hl to H2 conversion rate

— . , . . H2 forms rapidly in shocks /
i transient density fluctuations /
i == .7 H2 gets destroyed slowly in
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Figure 4. Time evolution of the mass-weighted H» abundance in simulations R1, R2 and R3, which have numerical resolutions of 64°
zones (dot-dashed), 128" zones (dashed) and 256* zones (solid), respectively.

(Glover, Federrath, Mac Low, Klessen, 2010)



Hl to H2 conversion rate

— . . . . compare to data from
i Tamburro et al. (2008) study:
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Figure 4. Time evolution of the mass-weighted H» abundance in simulations R1, R2 and R3, which have numerical resolutions of 64°
zones (dot-dashed), 128% zones {dashed) and 256 zones (solid), respectively.

(Glover, Federrath, Mac Low, Klessen, 2010)
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Figure 5. Time evolution of the mass-weighted abundances of atomic carbon (black lines), CO (red lines), and C* (blue lines) in
simulations with numerical resolutions of 64 zones (dot-dashed), 128% zones (dashed) and 256° zones (solid).

(Glover, Federrath, Mac Low, Klessen, 2010)
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x-factor

conversion rate between H; column density and CO
emission (equivalent width W)

Ny,

X = (cm> K 'km™'s)

most mass Hy determinations depend on X!
in Milky Way X ~ few x 1022 cm2 K-! km*' s ~ const.
why is it constant?

how does it vary with environmental condition?

- metallicity

- density, radiation field, etc.
(“normal’” gal. vs star burst)



a) log(Ngo)  (em™) b) log(W) (K km s7)
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Figure 4. Images of (a) Nco, (b) W, (¢) Ny, and (d) the X factor of model n300-Z03. Each side has a length of 20 pc. In (a) and (b), solid contours indicate
log(Nco) = 12, 14 and log(W) = —3, —1; dashed contours are log(Nco) = 16.5 and log(W) = 1.5 (see the text and Fig. 2d).
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Figure 5. X factor for four models. Nco is plotted as a function of Ny, . The colour of each point indicates the X factor. Inset figures show the colour scale and
PDF of the X factor. The corresponding maps of Ng,, Nco and the X factor from model n300-Z03 are shown in Fig. 4.



observed x-factor
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derived x-factor
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next steps

4 T \ T \ T \

e extend range of model Rl ks
B SFGs |
parameters |
- we are currently running =1 |
starburst galaxies with higher 1 ol merger :

density, and | 000x increased
radiation field and/or 1000x
increased cosmic ray
intensity

-1 -2
Iog ( 2star form (Msunyr kpC ) )
o
\

3l + -
i typical uncertainty i
_4 ! \ ! \ ! \ ! \

0 1 2 3 4 5

Iog (zmol gas (MsuanQ) )

Genzel et al. (2010)



are molecules needed for star formation?

® it has been proposed that molecule formation (Ha,

CO, etc.) is a prerequisite for star formation
(e.g. Schaye 2004; Krumholz & McKee 2005; EImegreen 2007; Krumholz et al. 2009)

® the idea is that CO is a necessary coolant for collapse

® however,also C+ is a very efficient coolant!
(Glover & Clark 201 1)

® to address this question, we performed dedicated
simulations in Heidelberg
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presence of molecular gas has only
very minor influence on ability of
cloud to form stars

C™* is equally efficient coolant in
atomic phase as CO in molecular

what is crucial is the ability of cloud
to shield itself from interstellar
radiation field

but clouds that are big/dense
enough to shield themselves will be
molecular!

\

N
this suggests that the correlation

between H; and star formation is
a coincidence




where is most energy lost?
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where is most energy lost?
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decrease in spatial scale / increase in density

Andromeda (R. Gendler) =

i

NGC 602 in LMC (Hubble). = . .

® denSIty Proplyd in Orion (Hubble)

- density of ISM: few particles per cm? Sun (SIS

- density of molecular cloud: few 100 particles per cm?

- density of Sun: |.4 g/cm3

® spatial scale

- size of molecular cloud: few |0s of pc
- size of young cluster: ~ | pc

- sizeof Sun: 1.4 x 10'°cm



decrease in spatial scale / increase in density

® contracting force

Proplyd in Orion (Hubble)

Sun (SOHO)

- only force that can do this compression
is GRAVITY

® opposing forces

- there are several processes that can oppose gravity
- GAS PRESSURE

- TURBULENCE

- MAGNETIC FIELDS

- RADIATION PRESSURE



decrease in spatial scale / increase in density

Andromeda (R. Gendler) N

® contracting force

- only force that can do this compression
is GRAVITY

® opposing forces

- there are several processes that can oppose gravity
- GAS PRESSURE

- TURBULENCE

- MAGNETIC FIELDS

- RADIATION PRESSURE

Modern star formation
theory is based on the
complex interplay between
all these processes.




early theoretical models

e Jeans (1902): Interplay between
self-gravity and thermal pressure
- stability of homogeneous spherical

density enhancements against
gravitational collapse

- dispersion relation: Sir James Jeans, 1877 - 1946

w’ =c’k’ -4nGp,

- instability when

0

2
w <
- minimal mass: MJ = =

-5/2 -3/2 _-1/2 3 —1/2=-3/2
én G T

Po  Cs & Po




first approach to turbulence

e von Weizséacker (1943, 1951) and
Chandrasekhar (1951): concept of
MICROTURBULENCE

- BASIC ASSUMPTION: separation of
scales between dynamics and turbulence

Z « Z S. Chandrasekhar, C.F. von Weiszacker,
turb dyn 1910 - 1995 1912 - 2007

- then turbulent velocity dispersion contributes
to effective soundspeed:

2 2 2
C.—>C,+0,,.

- > Larger effective Jeans masses > more stability
- BUT: (1) turbulence depends on k: O ,,zms (k)

(2) supersonic turbulence > O fms(k ) >> Cg usually



problems of early dynamical theory

e molecular clouds are highly Jeans-unstable,
yet, they do NOT form stars at high rate
and with high efficiency (zuckerman & Evans 1974 conundrum)
(the observed global SFE in molecular clouds is ~5%)
- something prevents large-scale collapse.

e all throughout the early 1990’s, molecular clouds
had been thought to be long-lived quasi-equilibrium
entities.

e molecular clouds are magnetized



magnetic star formation

e Mestel & Spitzer (1956): Magnetic
fields can prevent collapse!!!

- Critical mass for gravitational
collapse in presence of B-field

53/2 B’
cr — 4872 Gslzpz

- Critical mass-to-flux ratio
(Mouschovias & Spitzer 1976)

My _& 3
l(I)L_3n:

- Ambipolar diffusion can initiate collapse

Lyman Spitzer, Jr., 1914 - 1997

1/2

G



“standard theory” of star formation

e BASIC ASSUMPTION: Stars form from
magnetically highly subcritical cores

e Ambipolar diffusion slowly
increases (M/®): tap = 10t

e Once (M/®) > (M/®) :
dynamical collapse of SIS

Frank Shu, 1943 -

e Shu (1977) collapse solution
e dM/dt =0.975 c /G = const.

e Was (in principle) only intended
for isolated, low-mass stars

magnetic field



problems of “standard theory”

Observed B-fields are weak, at most

marginally critical (Crutcher 1999, Bourke et al.

2001)

Magnetic fields cannot prevent decay of

turbulence

(Mac Low et al. 1998, Stone et al. 1998, Padoan &
Nordlund 1999)

Structure of prestellar cores
(e.g. Bacman et al. 2000, Alves et al. 2001)

Strongly time varying dM/dt
(e.g. Hendriksen et al. 1997, André et al. 2000)

More extended infall motions than

predicted by the standard model
(Williams & Myers 2000, Myers et al. 2000)

Most stars form as binaries
(e.g. Lada 2006)

As many prestellar cores as protostellar
cores in SF regions (e.g. André et al 2002)

Molecular cloud clumps are chemically

young
(Bergin & Langer 1997, Pratap et al 1997, Aikawa
et al 2001)

Stellar age distribution small (t, <<t,,)

(Ballesteros-Paredes et al. 1999, Elmegreen 2000,
Hartmann 2001)

Strong theoretical criticism of the SIS as
starting condition for gravitational

collapse

(e.g. Whitworth et al 1996, Nakano 1998, as
summarized in Klessen & Mac Low 2004)

Standard AD-dominated theory is

incompatible with observations
(Crutcher et al. 2009, 2010ab, Bertram et al. 2011)

(see e.g. Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194)



Observed B-fields are weak

B versus N(H,) from Zeeman

measurements.
(from Bourke et al. 2001)

— cloud cores are magnetically
supercritical!!!

(®/M), > 1 no collapse

(®/M), <1 collapse

observed B-field

log B, . (1G)
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Fig. 1.— The Arecibo telescope primary beam (small circle centered at 0,0) and the four
GBT telescope primary beams (large circles centered 6’ north, south, east, and west of 0,0.
The dotted circles show the first sidelobe of the Arecibo telescope beam. All circles are at
the half-power points.

Crutcher et al. (2009)



Field reversal in the outer parts.
This is incompatible with “standard”
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Crutcher et al. (2009)

Fig. 2.— OH 1667 MHz spectra toward the core of L1448CQO obtained with the Arecibo
telescope (center panel) and toward each of the envelope positions 6’ north, south, east, and
west of the core, obtained with the GBT. In the upper left of each panel is the inferred I3, o5
and its 1o uncertainty at that position. A negative [3;,¢ means the magnetic field points

LSR Velocity (km/s)

toward the observer, and vice versa for a positive 3;5.

ambipolar diffusion theory!
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Cloud R R Probability R or R > 1
L1448CO 0.02=0.36 0.07=0.34 0.005
B217-2 0.15+0.43 0.19+0.41 0.05
L1544 042046 0.46=x0.43 0.11
Bl 0.41+0.20 0.44=0.19 0.010




Lunttila et al. (2008)
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Fi6. 1.—Lefr: Simulated "CO (1-0) map of the model in the z-axis direction. The locations of the cloud cores are shown with squares. The circles indicate the
locations of telescope beams used in the synthetic observations of three cores. Righr: Line-of-sight magnetic field strength as calculated from Zeeman splitting.
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Molecular cloud dynamics

« Timescale problem: Turbulence decays on
timescales comparable to the free-fall time <,
(Eoctm with n=1).

(Mac Low et al. 1998,

Stone et al. 1998, - |
Padoan & Nordlund 1999) u 0.10¢

1.00 8

1.00 &

5Lu¥o.1o:

- Magnetic fields 0.01!

(static or wave- 0.1
like) cannot 1,005
prevent loss

of energy. oo

0.01




gravoturbulent star formation

e BASIC ASSUMPTION:
[star formation is controlled by interplay betweenJ

supersonic turbulence and self-gravity

e turbulence plays a dual role:

- on large scales it provides support

- on small scales it can trigger collapse

e some predictions: —
g dense
- dynamical star formation timescale t 7=~ [moecurciougs] 3. S —
I : cores
S I :
- h|gh b|nary fraCtlon g : | massive cIo%Jd coresl X
L \ supersonic

- complex spatial structure of subsonic

embedded star clusters

I

I

I

I

1

i

L' log k ng

- and many more . ..
Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194

McKee & Ostriker, 2007, ARAA, 45, 565



turbulent cascade in the ISM

e scale-free behavior of turbulence
in the range [, R

l’ T Tk
& ,' ' * slope between -5/3 ... -2
20 I e energy “flows” from large to small
— " . scales, where it turns into heat
I
.
(.
[
I
: T
i1 Hx
,L log k \
energy source & scale dissipation scale not known
NOT known (ambipolar diffusion,
molecular diffusion?)

(supernovae, winds,
spiral density waves?)



turbulent cascade in the ISM

Q:
@ :
O :
P
O:
'g dense
Relnb molecular clouds D S protostellar
I cores
o I :
0 l massive cloéid cores
o | .
, :
| supersonic
cecehoccccccce .l ..........................................................................................................................
I :
L 5 subsonic
I i
:L'l '
I log k

energy source & scale dissipation scale not known
NOT known - M, . <1 (arr|1bip?lard<.jfifffu§iorr1),
(Silf;elggr\]/;tes; vagvesé?) L ~01 pc molecular diffusion?)

Orms << 1 km/s



dynamical SF in a nutshell

@ interstellar gas is highly inhomogeneous = ]
o gravitational instability N /\/\/\/ \/\/\/\/\
e thermal instability space

o turbulent compression (in shocks dp/p « M2; in atomic gas: M = 1...3)

@ cold molecular clouds can form rapidly in high-density regions at stagnation
points of convergent large-scale flows

o chemical phase transition: atomic - molecular

@ process is modulated by large-scale dynamics in the galaxy

@ inside cold clouds: turbulence is highly supersonic (M = 1...20)
— turbulence creates large density contrast,

gravity selects for collapse
[GRA VOTUBULENT FRAGMENTA TION)

@ turbulent cascade: local compression within a cloud provokes collapse 2>
formation of individual stars and star clusters

(e.g. Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194)



Density structure of MC's

1.3mm mosaic of p Oph main cloud

T J T : I
—24°10'00" molecular clouds
are highly
iInhomogeneous
stars form in the
L densest and coldest
3 parts of the cloud
- p-Ophiuchus cloud
—24°30'00" segn i_n dust
emission
; let's focus on

h m s h m s h =
1625 00 15(?125%% 162 0O a CIOUd core

(Motte, André, & Neri 1998) like this one




Evolution of cloud cores

@ How does this core evolve?
Does it form one single massive star or
cluster with mass distribution?

o Turbulent cascade ,goes through” cloud
core
--> NO scale separation possible
--> NO effective sound speed

o Turbulence is supersonic!
--> produces strong density contrasts:

dplp = M?
--> with typical M = 10 --> 6p/p = 100!
@ many of the shock-generated fluctuations
are Jeans unstable and go into collapse

e --> expectation: core breaks up and
forms a cluster of stars




Evolution of cloud cores

— 24.1 SIw“

~24°24'00"

—24°26'00"

“ave OphoBL) Y

1 £

16"24™20*
a (1950)

16"24™40*

indeed p-Oph B1/2 contains several

cores (“starless” cores are denoted by x, cores
with embedded protostars by )

(Motte, André, & Neri 1998)



Formation and evolution of cores

O
o  protostellar cloud cores form at QD O
stagnation point in convergent D U
turbulent flows

OQ
% 5_
— > Q —
- T
N
orit P12 T32: collapse & star formation @
° pf M<M

o fM>M
oit <P 12 T2 reexpansion after end of LN
external compression <«
¥
(e.g. Vazquez-Semadeni et al 2005)
o typical timescale: t= 104 ... 10° yr



Formation and evolution of cores

What happens to distribution of Two exteme cases:

cloud cores? (1)

turbulence dominates energy budget:

OL=Ekin/|Epot| >1

--> individual cores do not interact

--> collapse of individual cores
dominates stellar mass growth

--> loose cluster of low-mass stars

turbulence decays, i.e. gravity dominates:
OL=Ekin/|Epot| <1

--> global contraction

--> core do interact while collapsing

--> competition influences mass growth
--> dense cluster with high-mass stars






ntraction sets in

as turbulence decays locally, co



ntraction sets in

as turbulence decays locally, co



ntracts, individual clumps collapse to form stars

while region co



ntracts, individual clumps collapse to form stars

while region co



individual clumps collapse to form stars



individual clumps collapse to form stars



OL=Ekin/| Epotl <1

T

In dense clusters, clumps may merge while collapsing
--> then contain multiple protostars



clumps may merge while collapsing
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In dense clusters, competitive mass growth
becomes important



O
®0
O@OO
O 4 8
0 O U

In dense clusters, competitive mass growth
becomes important



in dense clusters, N-body effects influence mass growth



low-mass objects may

become ejected --> accretion stops



feedback terminates star formation
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result: star cluster, possibly with Hii region






some concerns of simple model

e enerqgy balance

- in molecular clouds:

(kinetic energy ~ potential energy ~ magnetic energy > thermal energy]

- models based on HD turbulence misses important physics

- in certain environments (Galactic Center, star bursts), energy density
in cosmic rays and radiation is important as well

e time scales

- star clusters form fast, but more slowly than predicted by HD only
(feedback and magnetic fields do help)

- initial conditions do matter
(turbulence does not erase memory of past dynamics)

e star formation efficiency (SFE)

- SFE in gravoturbulent models is too high (again more physics needed)



current status

stars form from the complex interplay of self-gravity and a large number of
competing processes (such as turbulence, B-field, feedback, thermal pressure)

the relative importance of these processes depends on the environment

- prestellar cores --> thermal pressure is important

. Larson’s relation: o ocL72
molecular clouds --> turbulence dominates }( )

- massive star forming regions (NGC602): radiative feedback is important
small clusters (Taurus): evolution maybe dominated by external turbulence

star formation is regulated by various feedback processes

star formation is closely linked to global galactic dynamics (KS relation)

Star formation is intrinsically a multi-scale and multi-physics
problem, where it is difficult to single out individual processes.
Simple theoretical approaches usually fail.




Carina Nebula, NGC 3372

This image is a composite of many separate exposures made by the ACS instrument on the Hubble Space
Telescope along with ground-based observations. In total, three filters were used to sample narrow
wavelength emission. The color results from assigning different hues (colors) to each monochromatic image.
In this case, the assigned colors are:

CTIO: ([O 11l] 501nm)

blue

CTIO: (H-alpha+[N 1] 658nm)
green

CTIO: ([S 1] 672+673nm)

red

HST/ACS: F656N (H-alpha+[N 11])
luminosity*

Q-

P . e
ol & A b 3 $ b

f, ’, Star formation is intrinsically a multi-scale and multi-physics
g 4\‘ .}“

;’,&;F: a * = | problem, where it is difficult to single out individual processes.

Progress requires a comprehensive theoretical approach.

Carina with HST




Star formation is intrinsically a multi-scale and multi-physics
problem, where it is difficult to single out individual processes.
Progress requires a comprehensive theoretical approach.

HH 901/902 in Carina with HST




selected open questions

(o what processes determine the initial mass function (IMF) of stars? )

e what are the initial conditions for star cluster formation?
how does cloud structure translate into cluster structure?

e how do molecular clouds form and evolve?
e what drives turbulence?
e what triggers / regulates star formation on galactic scales?

e how does star formation depend on metallicity?
how do the first stars form?

e star formatlon in extreme enwronments (galactic center, starburst, etc.),
~how does it differ from a mq r‘é’ QNOde?

y .

"%

HH 901/902 in Carina with HST






stellar mass fuction

stars seem to follow a universal
mass function at birth --> IMF

T T Y T ¥ T T ¥ T ¥ Y T ¥

M35

standard

w

log,.¢, (arbitrary)

N

log,;m [M,) Orion, NGC 3603, 30 Doradus
(Kroupa 2002) (Zinnecker & Yorke 2007)



stellar mass fuction

BUT: maybe variations

. 10.0
with galaxy type I
(bottom heavy in the 2
T H
centers of large ellipticals) “ 1ok
0.5
from JAM (Jeans anisotropic multi
Gaussian expansion) modeling
— 10"
inferred excess of low-mass stars '§-
compared to Kroupa IMF 2jor
i10°
=
¥
8
o " ) ~12 B 10‘ 10 " 12
10° My E\c:@] 10 log(M/L) sau ' My fﬂ@l 0

0.35 0.48 0.61 0.74  0.87

(Cappellari et al. 2012, Nature, 484, 485, Cappellari et al. 2012ab, MNRAS, submitted,
also van Dokkum & Conroy 2010, Nature, 468, 940, Wegner et al. 2012,A, 144, 78, and others)



IMF

@distribution of stellar masses depends on

o turbulent initial conditions
--> mass spectrum of prestellar cloud cores

@ collapse and interaction of prestellar cores
--> competitive accretion and N-body effects

o thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

o (proto) stellar feedback terminates star formation
lonizing radiation, bipolar outflows, winds, SN

(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)




IMF

@distribution of stellar masses depends on

o turbulent initial conditions
--> mass spectrum of prestellar cloud cores ??7?

@ collapse and interaction of prestellar cores
--> competitive accretion and N-body effects

o thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

o (proto) stellar feedback terminates star formation
lonizing radiation, bipolar outflows, winds, SN

(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)



different statistical approaches

@ there are different quantitative IMF based on turbulence

@ Padoan & Nordlund (2002, 2007)
@ Hennebelle & Chabrier (2008, 2009)
@ Hopkins (2012)

o all relate the mass spectrum to statistical characteristics of the
turbulent velocity fields

THE ASTROPHYSICAL JOURNAL, 684:395-410, 2008 September 1
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different statistical approaches
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different statistical approaches

@ there are different quantitative IMF based on turbulence

@ Padoan & Nordlund (2002, 2007)
@ Hennebelle & Chabrier (2008, 2009)
@ Hopkins (2012)

@ all relate the mass spectrum to statistical characteristics of the
turbulent velocity fields

@ there are alternative approaches

@ IMF as closest packing problem / sampling problem in fractal
clouds (Larson 1992, 1995, ElImegreen 1997ab, 2000ab, 2002)

o IMF as purely statistical problem
(Larson 1973, Zinnecker 1984, 1990, Adams & Fatuzzo 1996)

o IMF from (proto)stellar feedback (Silk 1995, Adams & Fatuzzo
1996)

o IMF from competitive coagulation (Murray & Lin 1995, Bonnell et
al. 2001ab, etc.)




caveat: everybody gets the IMF!
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o combine scale free process > POWER LAW BEHAVIOR
- turbulence (Padoan & Nordlund 2002, Hennebelle & Chabrier 2008)
- gravity in dense clusters (Bonnell & Bate 2006, Klessen 2001)
- universality: dust-induced EOS kink insensitive to radiation
field (Elmegreen et al. 2008)

o with highly stochastic processes = central limit theorem
- GAUSSIAN DISTRIBUTION
- basically mean thermal Jeans length (or feedback)
- universality: insensitive to metallicity (Clark et al. 2009, submitted)



caveat: everybody gets the IMF!
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“everyone” gets the right IMF
—> better look for secondary indicators

o stellar multiplicity

o protostellar spin (including disk)

o spatial distribution + kinematics in young clusters
@ magnetic field strength and orientation



caveat: dilatational vs. solenoidal

0F — 7T T T 1T ' T T T T v T 1 ]
sol (3D,2D) 3
1E E
_25_ —E
8 ;:l' jv I/‘ ll'\ \ E
4F i/ —— 3D 1024° comp 3
i ) [ — — 2D 4096° comp ;
- Y 1D 16384' comp :
oF | — 3D 1024° sol E
E B — — 2D 4096° sol X
6E . . ol
-15 -10 -5 0 5
s

Fic. 3.— Volume-weighted density PDFs p(s) obtained from
3D, 2D and 1D simulations with compressive forcing and from 3D
and 2D simulations using solenoidal forcing. Note that in 1D,
only compressive forcing is possible as in the study by Passot &
Vazquez-Semadeni (1998). As suggested by eq. (5), compressive
forcing yields almost identical density PDFs in 1D, 2D and 3D
with b~ 1, whereas solenoidal forcing leads to a density PDF with
b~1/2 in 2D and with b~1/3 in 3D.

Federrath, Klessen, Schmidt (2008a)

@ density pdf depends on
“dimensionality” of driving

o relation between width of pdf and Mach
number

O'p/po = bM

@ with b depending on ( via

| 1—%( ,for D=3
b:1+[5—1]c= 1-3¢ ,for D=2
1 Jfor D=1

o with ¢ being the ratio of dilatational vs.
solenoidal modes:

L‘i,kj
|k

PE = (P + (1= )Pl = ¢ois + (1 - 2¢)



caveat: dilatational vs. solenoidal

04F il | @ density pdf depends on
1024° com | ISRT . PR .
log-normal fit (dasied) A sol 3 dlmenSIOnallty Of dl"lVIﬂg
0.3 skew-log-normal fit (dash-dotted) :

skew/kurt-log-normal fit (solid)

- is that a problem for the
Krumholz & McKee model
of the SF efficiency?

@ density pdf of compressive driving is
NOT log-normal

—> is that a problem for the
Padoan & Nordlund, or
Hennebelle & Chabrier

log,, p(s)

IMF model?
,, '\ @ most “physical” sources should be
6. . /i) . i T S N 5
15 10 s o 5 10 compressive (convergent flows from
good fit needs 3 and 4" moment of Splral shocks or SN)
distribution!

Federrath, Klessen, Schmidt (2008b)



log, [k E(k) ]

log,, [k S(k) ],

caveat: dilatational vs. solenoidal

2f € ka0 | wseso | O density power spectrum
E oK) o kA(-1.9420.02) 1024° comp - differs between dilatational

=SS o ) = kN 2921000 1024 somp and solenoidal driving!

B Seomp(K) = k(-2.32+0.03) 1024° comp - g

: ey, | r ~
o By | ->| dilatational driving

: — Ty leads to break at
1 i sonic scale!

. _/

-2

i inertial range
af ! @ can we use that to

1 10 e 100 determine driving sources
_ from observations ?
compensated density spectrum kS(k) shows
clear break at sonic scale. below that shock
compression no longer is important in shaping
the power spectrum ...

Federrath, Klessen, Schmidt (2008b)



IMF

@distribution of stellar masses depends on

o turbulent initial conditions
--> mass spectrum of prestellar cloud cores

o collapse and interaction of prestellar cores
--> competitive mass growth and N-body effects

o thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

o (proto) stellar feedback terminates star formation
lonizing radiation, bipolar outflows, winds, SN

(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)
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example:

,model“ of Orion cloud:
15.000.000 SPH particles,

104 Mg, in 10 pc, mass resolution
0,02 M, forms ~2.500

,stars® (sink particles)

MASSIVE STARS
- form early in high-density
gas clumps (cluster center)

- high accretion rates,
maintained for a long time

LOW-MASS STARS

- form later as gas falls into
potential well

- high relative velocities
- little subsequent accretion

model of Orion cloud




Dynamics of nascent star cluster

In dense clusters protostellar interaction may be come important!

Trajectories of protostars in a nascent dense cluster created by gravoturbulent fragmentation
(from Klessen & Burkert 2000, ApJS, 128, 287)



accretion

B OO DD NIDOD DD~

L e e )

- - i

(

Mass accretion
rates vary with
fime and are
strongly
influenced by the
cluster
environment.

(Klessen 2001, ApJ, 550, L77;
also Schmeja & Klessen,
2004, A&A, 419, 405)







|Cs of star cluster formation

® key question:

- what is the initial density profile
of cluster forming cores? how
does it compare low-mass cores?

® observers answer:

- very difficult to determine!

» most high-mass cores have
some SF inside

» infra-red dark clouds (IRDCs)
are difficult to study

- but, new results with Herschel

LS
Infrared

Massive
cold core

Young cluster

e 0
F" 1 ]
P P—Sﬂe of Oort cloud ™
O :
-4 |
\
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|Cs of star cluster formation

® key question:

- what is the initial density profile of cluster forming cores!?
how does it compare low-mass cores!

® observers answer:

- very difficult to determine!

» most high-mass cores have
some SF inside
» infra-red dark clouds

(IRDC:s) are difficult to study

but: new results
with Herschel

Declination (J2000)

-01:42:00

- -01:44:00

3| I I
18:43:40 18:43:35 18:43:30 18:43:40 18:43:35 18:43:30
Right Ascension (J2000)

IRDC observed with Herschel, Peretto et al. (2010)



|Cs of star cluster formation

® key question:

- what is the initial density profile of cluster forming
cores! how does it compare low-mass cores!?

e theorists answer:
- top hat (Larson Penston)

- Bonnor Ebert (like low-mass cores)
- power law pOCI"I (logotrop) v.
- power law pocr 32 (Krumholz, McKee, et
- power law po<r -2 (Shu)

- and many more

o 1(]—11; -
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different density profiles

® does the density profile matter?

® in comparison to

1015

turbulence ...
radiative feedback ...
magnetic fields ...
a 10717

thermodynamics ...

1018

10~

107

E T I T T L] I
- TH

2 J—
!:_ I'JL 1:, ............

3 PL20 o

E 1/2
S

1000
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different density profiles

® address question in simple numerical experiment
® perform extensive parameter study
- different profiles (top hat, BE, r-3/2, r-3)

- different turbulence fields

» different realizations 1434 e N

TH 1
» different Mach numbers 0 [ P
; M ) PL20 : :
» solenoidal turbulence e N .
dilatational turbulence = by ;
both modes : i,
10-18 R
- nho net rotation, no B-fields E :

(at the moment) A ‘“1'1100 - Hllui)uo

r [AU]

Girichids, Federrath, Banerjee, Klessen (2011abc)



PL15-m-1

.‘. Ngink = 311 Niink = 195

t =45 kyr t=32kyr PL15-m-2

column density [gem™°)
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Girichids et al. (2011abc)



t=11kyr | PL20-c-1b t=10kyr PL20-c-lc

for the r2 profile you need to crank up
turbulence a lot to get some fragmentation!

Girichids et al. (2011abc)



Run tsim [kyr: tsim/tﬁpm tsim/tﬂ' Nsinks '(*&'I) [*MGZ] Mmax
TH-m-1 48.01 0.96 0.96 311 0.0634 0.86
TH-m-2 45.46 0.91 0.91 429 0.0461 0.74
BE-c-1 27.52 1.19 0.55 305 0.0595 0.94
BE-c-2 27.49 1.19 0.55 331 0.0571 0.97
BE-m-1 30.05 1.30 0.60 195 0.0873 1.42
BE-m-2 31.94 1.39 0.64 302 0.0616 0.54
BE-s-1 30.93 1.34 0.62 234 0.0775 1.14
BE-s-2 35.86 1.55 0.72 325 0.0587 0.51
PL15-c-1 25.67 1.54 0.51 194 0.0992 8.89
PL15-c-2 25.82 1.55 0.52 161 0.1244 12.3
PL15-m-1 23.77 1.42 0.48 1 20 20.0
PL15-m-2 31.10 1.86 0.62 308 0.0653 6.88
PL15-s-1 24.85 1.49 0.50 1 20 20.0
PL15-s-2 35.96 2.10 0.72 422 0.0478 4.50
PL20-c-1 10.67 0.92 0.21 1 20 20.0
PL20-c-1b 10.34 0.89 0.21 2 10.139 20.0
PL20-c-1c 9.63 0.83 0.19 12 1.67 17.9
PL20-c-1d 11.77 1.01 0.24 34 0.593 13.3

|ICs with flat inner density profile form
more fragments

number of
protostars

Girichids et al. (2011abc)



Run tsim [kyr: tsil:x/tﬁprc tsim/tg | Nsinks (M) [*MGZ] Mmax
TH-m-1 48.01 0.96 0.96 311 0.0634 0.86
TH-m-2 45.46 0.91 0.91 429 0.0461 0.74
BE-c-1 27.52 1.19 0.55 305 0.0595 0.94
BE-c-2 27.49 1.19 0.55 331 0.0571 0.97
BE-m-1 30.05 1.30 0.60 195 0.0873 1.42
BE-m-2 31.94 1.39 0.64 302 0.0616 0.54
BE-s-1 30.93 1.34 0.62 234 0.0775 1.14
BE-s-2 35.86 1.55 0.72 325 0.0587 0.51
PL15-c-1 25.67 1.54 0.51 194 0.0992 8.89
PL15-c-2 25.82 1.55 0.52 161 0.1244 12.3
PLA5-m> 23.77 1.42 0.48 /1’\ 20 20.0
PL15-m-2 31.10 1.86 0.62 308 0.0653 6.88
Pkit’;—s-l / 24.85 1.49 0.50 \ 1 / 20 20.0
PNL5-5-2 35.96 2.10 0.72 422 0.0478 4.50
PL207c-1 10.67 0.92 0.21 20 20.0
PL20-c-1b 10.34 0.89 0.21 2 10.139 20.0
PL20-c-1c 9.63 0.83 0.19 12 1.67 17.9
PL20-c-1d 11.77 1.01 0.24 34 0.593 13.3
N

however, the real situation is very complex:

details of the initial turbulent field matter

number of
protostars

very high Mach numbers are needed to make

SIS fragment

Girichids et al. (2011abc)



different density profiles

o different density profiles lead to very different
fragmentation behavior

® fragmentation is strongly suppressed for very
peaked, power-law profiles

e this is good, because it may explain some of the
theoretical controversy, we have in the field

e this is bad, because all current calculations are
“wrong” in the sense that the formation process of
the star-forming core is neglected.

Girichids et al. (2011abc)



IMF

@distribution of stellar masses depends on

o turbulent initial conditions
--> mass spectrum of prestellar cloud cores

@ collapse and interaction of prestellar cores
--> competitive accretion and N-body effects

@ thermodynamic properties of gas
--> balance between heating and cooling

5 --> EQS (determines which cores go into collapse) )

o (proto) stellar feedback terminates star formation
lonizing radiation, bipolar outflows, winds, SN

(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)



dependency on EOS

« degree of fragmentation depends on EOS!

e polytropic EOS: p «p
» y<1: dense cluster of low-mass stars
e v>1: isolated high-mass stars

®  (see Li, Klessen, & Mac Low 2003, ApJ, 592, 975; also Kawachi & Hanawa 1998, Larson 2003)



dependency on EOS

=.0
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log,y M log,y M

for y<1 fragmentation is enhanced - cluster of low-mass stars
for y>1 it is suppressed > formation of isolated massive stars

(from Li, Klessen, & Mac Low 2003, ApJ, 592, 975)



how does that work?
M poxpr > poplh
A (2) Mjeans o Y3/2 p(3Y-4)l2

e v<1: 2> Jarge density excursion for given pressure
2> (Migans) becomes small

4& - number of fluctuations with M > M, is large

e v>1: > small density excursion for given pressure
2 (Micans) is large

P —~ only few and massive clumps exceed M.,







EOS as function of metallicity
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EOS as function of metallicity
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star formation

present-

log n(H,) (em™)

0 2 4 6
] T T T I T I

Qs (Larson 1985, Larson 2005)

(°K)

log T

- 23 =2l -19 -7
log p (gm/cm?)



IMF in nearby molecular clouds

30 i E liaracs EAraaons SR i
[ e 1 V3 ‘\‘ With pcrit ~ 2.5)( I 05 Cm-3

1_5: at SFE = 50% _:

need appropriate
EOS in order to get

low mass IMF right

(Jappsen et al. 2005, A&A, 435, 61 1)



EOS as function of metallicity
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EOS as function of metallicity

T T T T T T T "
/ y 7
1M~ 10*M_ 102M | M 10-2M v ]
S/Un Sun sun sun sun /A
y ’ 7 ’ Z /-
4 / 7 7 /4 X
, ’ / / / V. /]
- ; 4 / / 7, /‘ o
- , Vs Vs 4 4 4 /3
n // 7 7 / / / / 1
R , ’ / / / a / E
, / / / / /
, / / / / b /
, / / / / ~ /
, 7 / / / o’ /
4 7 / / / = /
, / / / / z /
L / y 4 4 / i
s 7
// 4 /7 ) /3 /4 //
A~ y // // X //
< 1000 | /- /|dust cooling , )
C / / ]
N— - /’ // / B
o L] L] rd o / -
I— - AAhne conline!l 2~/ y 77 Vi i
1, g / Ll /
® L/ 7 - 4 /
7 Y 25, /
— 3 " / R Vi 3 /
S v Y, / 1 / l.'/' /
7 / ’ V0 /
- 5 / / I / o) /
g \ X ’ ! / VA% /
CU : \ y 7 i / L, Vi
1 B v ; L /5,’ /
B v 7 P YR / —
G) E_: X / 7 4 537 4 3
- N / -
o E A\ N 2y sy / Z _— .
3 p, “ AN\~ 7. //I_: Z Vi —
E F Y, ) /// 2l ar 1
L\ 7N /. AM/H]=-6 -~
— L L/ A . 7 / 4 z ,
(4 \ / ’ n 7 Y
VA \ // oo // \\ // . // -
11/ s \\ y .““"’ ., 4 s g -4 / 1
i - ~ ,/ /' "-, 4 \\ R 4 2 / o
1 O 1 4 ?_l - [ ~~___—// // -
E N\ 3 S / 3 3
o~ e, 7, = y 4 = b
C ki T, ’/'l*" N g4 =1 @ .z // -
4 \ 4 et / P 4
// \ // /o // _2 __________
// /"/)b //
7 J Sl 7/ 7 4 1 ......................
/ - -
/ / / T=1/10"'M
—_— Y
/ 7/ / 1/
7 / / sun O ———————
y / / /
1 71 ] ] ) ) ] ]

0 5 10 15 20

number density log (ny (cm'3))
(Omukai et al. 2005, 2010)



temperature T(K)
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(Omukai et al. 2005, 2010)

two competing models:

e cooling due to atomic fine-
structure lines (Z > 103> Zun)
* cooling due to coupling between

gas and dust
(Z > |0-5...-6 Zsun)

e which one is explains origin of
extremely metal-poor stars
NB: lines would only make

very massive stars, with
M > few x10 Msun.



Normalised Flux

transition: Pop |l te Pop 1.5

SDSS |1029151+172927

* is first ultra metal-poor star with Z

~ 104> Zgyn for all metals seen (Fe,

C,N, etc.)
[see Caffau et al. 201 1]

* this is in regime, where metal-lines

cannot provide cooling
[e.g. Schneider et al. 201 1,2012, Klessen et al. 2012]

aaa‘ — :«;90‘ - 3.92‘ - :«;94‘ - 3.96‘ - 398 L4 neW ESO Iarge
Wavelength [nm]
program to find
Element [X/H]ip N lines Su AX)o
+3Dcor. +NLTE cor. + 3D cor + NLTE cor mo re Of th ese Sta rs
C <-38 <-45 G-band 8.50
N < -4.1 <-5.0 NH-band 7.86 ( I ZOh X-S h ooter,
Mg1 —471+0.11 —-4.68+0.11 —452+0.11 -4.49+0.12 5 01 754
Sit -4.27 -4.30 -3.93 -3.96 1 01 752 3 Oh UVES)
Cal —4.72 -4.82 —4.44 -4.54 1 01 633
Can —481+0.11 -493+003 -502+0.02 —5.15+0.09 3 0.1 633 [Pl E. Caffau]
Tin -475+0.18 -4.83+0.16 -476+0.18 -4.84+0.16 6 10 490
Fe1 -473+0.13 -502+0.10 -4.60+0.13 -4.89+0.10 43 10 752
Nit —455+0.14 -490+0.11 10 6.23
Srn <-5.10 <-525 < -4.94 <-5.09 1 001 292

(Caffau et al.2011,2012) (Schneider et al. 2011,2012, Klessen et al. 2012)
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temperature T(K)

1000 | />
100

10 "

transition: Pop 1l to Pop 1.5
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number density log (ny (cm'3))

(Omukai et al. 2005, 2010)

approach problem with high-resolution
hydrodynamic calculations of central
parts of high-redshift halos

SPH (40 million particles)
time-dependent chemistry (with dust)
sink particles to model star formation
external dark-matter potential



temperature T(K)

transition: Pop Il te Pop 11.5

_ o 10N, | 10Man |1 M, ] approach problem with high-resolution
10000 | / g hydrodynamic calculations of central
: ’/ ’ ’ : parts of high-redshift halos

1000

: e SPH (40 million particles)
e time-dependent chemistry (with dust)
5 * sink particles to model star formation
100 ¢ * external dark-matter potential
e focus on relevant density regime
10| (i.e.include dust dip and optically thick regime)

0 5 10 15 20
number density log (ny (cm'3))

(Omukai et al. 2005, 2010)



Temperature (K)
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R lution limit

Resolution limit

disk fragmentation mode

—
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IIII|
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EOS as function of metallicity
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EOS as function of metallicity
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® slope of EOS in the density range 5
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(Omukai et al. 2005, 2010)



“classical” picture

® most current numerical SR " S
simulations of Pop Il star
formation predict very .
massive objects
(e.g. Abel et al. 2002, Yoshida et al. 2008, < 300 po >< 5 po >

Bromm et al. 2009)

e similar for theoretical » .
models (e.g.Tan & McKee 2004)
® there are some first hints - o ———

Figure 1| Projected gas distribution around a primordial protostar. Shown

Of fragm e ntati O n ’ h Oweve r is the gas density (colour-coded so that red denotes highest density) of a

single object on different spatial scales. a, The large-scale gas distribution
around the cosmological minihalo; b, a self-gravitating, star-forming cloud;
(TU rk et al . 2009’ StaC)’ et al . 20 I O) ¢, the central part of the fully molecular core; and d, the final protostar.
Reproduced by permission of the AAAS (from ref. 20).
(Yoshida et al. 2008, Science, 321, 669)



detailed look at accretion disk around first star

x—y plane

successive zoom-in calculation from

cosmological initial conditions (using
SPH and new grid-code AREPO)

Redshift:
z = 21

Boxsize:

150/h kpc (comoving)

Slice Width:

10/h kpc (comoving)

(Greif et al., 2007,Ap), 670, 1)

(Greif et al. 201 1,Ap), 737,75, Greif et al. 2012, MNRAS, 424, 399,
Dopcke et al. 2012, Ap) submitted, arXiv1203.6842)
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detailed look at accretion disk around first star

what is the time
evolution of
accretion disk
around first star
to form?

successive zoom-in calculation from

cosmological initial conditions (using
SPH and new grid-code AREPO)

(Greif et al. 201 1,Ap), 737,75, Greif et al. 2012, MNRAS, 424, 399,
Dopcke et al. 2012, Ap) submitted, arXiv1203.6842)
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First star forms (tg) tse + 27 years tge + 62 years

e

tse + 91 years tge + 95 years tsr + 110 years

Formation of second star Third star forms Fourth star forms

40 AU
s

density [cm™]
1012 1013 1014 1015 1016
[T |

>SIP UOI32420¢ 3B X0O0| pd|ieIdp

Figure 1: Density evolution in a 120 AU region around the first protostar, showing the build-up
of the protostellar disk and its eventual fragmentation. We also see ‘wakes’ in the low-density
regions, produced by the previous passage of the spiral arms.

(Clark et al. 201 Ib, Science, 331, 1040)



important disk parameters

radius [AU]

radius [AU]
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similar study with very different numerical method (AREPO)

5 kpc (comoving)

First star forms (tg)

one out of five halos

(Greif et al. 201 1a,Ap))



expected mass spectrum

we see “flat”
mass spectrum
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expected mass spectrum

expected IMF is flat and covers a wide range of masses
implications
- because slope > -2, most mass is in massive objects
as predicted by most previous calculations

- most high-mass Pop lll stars should be in binary systems
--> source of high-redshift gamma-ray bursts

- because of ejection, some low-mass objects (< 0.8 Me)
might have survived until today and could potentially be
found in the Milky Way

consistent with abundance patterns found
in second generation stars
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y ( 10" cm)
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supernovae, i.e. progenitor stars with 20

-40 Mo

(e.g. Tominaga et al. 2007, Izutani et al. 2009, Joggerst et al.
2009, 2010)



primordial star formation

just like in present-day SF we expect
- turbulence
- thermodynamics

- feedback
- magnetic fields

to influence first star formation.

masses of first stars still uncertain (surprises from new
generation of high-resolution calculations that go beyond first collapse)

disks unstable: first stars should be binaries or part of small
clusters

effects of feedback less important than in present-day SF



IMF

@distribution of stellar masses depends on

o turbulent initial conditions
--> mass spectrum of prestellar cloud cores

@ collapse and interaction of prestellar cores
--> competitive accretion and N-body effects

@ thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

o (proto) stellar feedback terminates star formation
lonizing radiation, bipolar outflows, winds, SN




log,.¢, (arbitrary)

high-mass star formation

We want to address the following questions:

* how do massive stars (and their associated clusters) form!?

* what determines the upper stellar mass limit?
e what is the physics behind observed HIl regions?

4 F ONC (HCO00)

IMF (Kroupa 2002)

Rosetta nebula (NGC 2237)



(proto)stellar feedback processes

* radiation pressure on dust particles
{_* ionizing radiation )
* stellar winds
* jets and outflows

—( ionization)

- few numerical studies so far (e.g. Dale 2007, Gritschneder et al.
2009), detailed collapse calculations with ionizing and non-

ionizing feedback still missing
- HIl regions around massive stars are directly observable

--> direct comparison between theory and observations




our (numerical) approach

® focus on collapse of individual high-mass cores...

massive core with 1,000 Me

Bonnor-Ebert type density profile
(flat inner core with 0.5 pc and rho ~ 32 further out)

initial m=2 perturbation, rotation with § = 0.05

sink particle with radius 600 AU and threshold density
of 7x 10'® g cm-?

cell size 100 AU

Peters et al. (2010a,Ap), 711, 1017), Peters et al. (2010b,Ap], 719,83 1), Peters et al. (2010c,Ap), 725, 134)



our (numerical) approach

¢ method:

- FLASH with ionizing and non-ionizing radiation using
raytracing based on hybrid-characteristics

- protostellar model from Hosokawa & Omukai
- rate equation for ionization fraction

- relevant heating and cooling processes

- some models include magnetic fields

- first 3D MHD calculations that consistently treat both
ionizing and non-ionizing radiation in the context of high-
mass star formation

Peters et al. (2010a,b,c)



log,,(dens) in gem™®
—22.0-19.8-17.5-15.2-13.0

@ disk is gravitationally unstable and fragments
@ we suppress secondary sink formation by “Jeans heating”
@ H Il region is shielded effectively by dense filaments

@ ionization feedback does not cut off accretion!
Peters et al. (2010a,b,c)



log;o(dens) in gem™3
—22.0-198 -17.5-15.2 -13.0

.

@ all protostars accrete from common gas reservoir
@ accretion flow suppresses expansion of ionized bubble
@ cluster shows “fragmentation-induced starvation”

@ halting of accretion flow allows bubble to expand
Peters et al. (2010a,b,c)
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stars --> explains why high-
mass stars are seen in clusters
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Peters et al. (2010c,Ap), 725, 134)



120}

o o " i
3 o : 100

| B

80

M (M)

60 -

40

i |

© 3 20
“burst” of ol

065 0.0 |star formation 060 062  0.64
t (Myr) t (Myr)

q mass load onto the disk
Lo 0% ] exceeds inward transport
00 0o O I --> becomes gravitationally

O
O3 R C 0 | u nStable (see also Kratter & Matzner 2006,
: Kratter et al. 2010)

LB S

‘)

0.66 0.68

fragments to form multiple
stars --> explains why high-
mass stars are seen in clusters

0.65 0.70 0.
t (Myr)

=I
ot

.. Peters et al. (2010a,Ap), 711, 1017),
younger protostars form at Iarger radii Peters et al. (2010b,Ap}, 719, 831),

Peters et al. (2010c,Ap), 725, 134)




2007

100

I

o0

ol

1500 —

T

single star
multiple stars

no radiation feedback

1

1

0.60

0.65
t (Myr)

1000 f T w
i Run A
Run B
Run B (sum)
100 = 1
o
s
101 ¢
z —=
1 &ﬁ R/
0.60 0.65 0.70 0.75
t (Myr)
Q
Q
@ expansion of ionized bubble causes turn-off
Q

Peters et al. (2010a,Ap), 711, 1017), Peters et al. (2010b,ApJ, 719, 83 1), Peters et al. (2010c,Ap), 725, 134)

no triggered star formation by expanding bubble

0.70

compare with control run without radiation feedback

total accretion rate does not change with accretion heating




M (Mg)
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® magnetic fields lead to weaker fragmentation

® central star becomes more massive (magnetic breaking

Peters et al. (2010a,Ap), 711, 1017), Peters et al. (2010b,ApJ, 719, 831), Peters et al. (2010c,Ap), 725, |134), Peters et al. (201 I,Ap], 729, 72
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OVERVIEW OF COLLAPSE SIMULATIONS.

Name Resolution Radiative Feedback Multiple Sinks Mg, s (Mz)  Nsinks  Mmax (Mg)

Run A 98 AU yes no 72.13 1 72.13
Run B 98 AU yes yes 125.56 25 23.39
Run D 98 AU no yes 151.43 37 14.64

Peters et al. (2010a,b,c)
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log;,(dens) in gem™3
—22.0-198 -17.5-15.2 -13.0

Peters et al. (2010a,b,c)

@ thermal pressure drives bipolar outflow

@ filaments can effectively shield ionizing radiation

@ when thermal support gets lost, outflow gets quenched again
@ no direct relation between mass of star and size of outflow



log,,(dens) in gem™®
—22.0-19.8 -17.5-15.2 -13.0

Peters et al. (2010a,b,c)

@ bipolar outflow during accretion phase

@ when accretion flow stops, ionized bubble can expand
@ expansion is highly anisotropic

@ bubbles around most massive stars merge
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numerical data can be used to generate continuum maps

calculate free-free absorption coefficient for every cell

integrate radiative transfer equation (neglecting scattering)

convolve resulting image with beam width

VLA parameters:

9
9
Qo
Qo

distance 2.65 kpc
wavelength 2 cm

FWHM 0714
noise 1073 Jy

Peters et al. (2010a,Ap), 711, 1017), Peters et al. (2010b,ApJ, 719, 83 1), Peters et al. (2010c,Ap), 725, 134)



Ultracompact HII Region Morphologies

Core-Halo — 16% Shell — 4%

Cometary — 20%

Intensity
Intensity
Intensity

—_

Spherical or
Unresolved — 43%

Irregular or
Multiply Peaked — 17% .~

@ Wood & Churchwell 1989 classification of UC H Il regions

@ Question: What is the origin of these morphologies?
@ UC H Il lifetime problem: Too many UC H Il regions observed!



0.716 Myr shell-like | 0.686 Myr core-halo | 0.691 Myr

cometary
23.391 M 22.464 M 22.956 M
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0.671 Myr spherical | 0.704 Myr irregular
20.733 M 23.391 M

emission at 2cm in mJy/beam
. 0.00 11.25 22.50 33.75 45.00

TR % AR B

box size 0.122 pc

@ synthetic VLA observations at 2 cm of simulation data
@ interaction of ionizing radiation with accretion flow creates
high variability in time and shape

@ flickering resolves the lifetime paradox! Peters et al. (2010a.b.c)



(.726 Myr
TL3TO AN,

Boxsize 0.243 pe

Morphology of HIl region depends on
viewing angle

Peters et al. (2010a,b,c)
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Type WC(C89 | K94 | single | multiple
Spherical /Unresolved 43 55 19 60 £ 5
Cometary 20 16 7 10 £ 5
Core-halo 16 9 15 4 + 2
Shell-like 4 1 3 5+1
Irregular 17 19 57 21 &= 5

\

y

WC89: Wood & Churchwell 1989, K94: Kurtz et al. 1994

@ statistics over 25 simulation snapshots and 20 viewing angles

@ statistics can be used to distinguish between different models

@ single sink simulation does not reproduce lifetime problem

Peters et al. (2010a,b,c)



time variability
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@ correlation between accretion events and H Il region changes
@ time variations in size and flux have been observed

@ changes of size and flux of 5~7%yr—! match observations
Franco-Hernandez et al. 2004, Rodriguez et al. 2007, Galvan-Madrid et al. 2008

(Galvan-Madrid et al. 201 1)



Some results

® jonization feedback cannot stop accretion

® jonization drives bipolar outflows

e HIl regions show high variability in time and shape

e all classified morphologies can be observed in one run

e lifetime of HIl regions determined by accretion
timescale (and not by expansion time)

® rapid accretion through dense and unstable flows

® fragmentation limits further accretion of massive stars

Peters et al. (2010a,Ap), 711, 1017), Peters et al. (2010b,ApJ, 719, 831), Peters et al. (2010c,Ap), 725, |134), Peters et al. (201 I,Ap], 729, 72
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| Star formation is intrinsically a multi-scale and multi-physics problem.
B | Many different processes need to be considered simultaneously.

Carina with HST




| Star formation is intrinsically a multi-scale and multi-physics problem.
Many different processes need to be considered simultaneously.

e stars form from the complex interplay of self-gravity and a large number of
competing processes (such as turbulence, B-field, feedback, thermal
pressure)

e thermodynamic properties of the gas (heating vs cooling) play a key role in
the star formation process

e detailed studies require the consistent treatment of many different
physical and chemical processes (theoretical and computational challenge) §

e star formation is regulated by several feedback loops, which are still poorly
understood

Carina with HST
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