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• Formation of molecular clouds
• Origin and statistical characteristics of ISM turbulence
and introduction to star (cluster) formation

• Stellar initial mass function
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 inventory of Galactic disc component
 stellar disc
 thin disc (80% of mass): stars of all ages 0-12Gyr
 thick disc (5% of mass): older stars with lower metallicity

 interstellar medium (ISM)
 gas (15% of mass): hot, warm, and cool component (atomic and
molecular)
 dust (<1% of gas mass): well mixed with the cool gas
 cosmic rays: relativistic particles
 magnetic fields: frozen to the gas (field lines are co-moving with
the gas); energy density comparable to the kinetic energy of gas

Interstellar Matter: ISM
Abundances, scaled to 1.000.000 H atoms
element atomic number abundance
hydrogen
H 1
1.000.000
2
deuterium
1
16
1H
helium
He 2
68.000
carbon
C 6
420
nitrogen
N
7
90
oxygen
O
8
700
neon
Ne 10
100
sodium
Na 11
2
magnesium Mg 12
40
aluminium Al 13
3
silicium
Si 14
38
sulfur
S 16
20
calcium
Ca 20
2
iron
Fe 26
34
nickel
Ni 28
2

Taurus

hydrogen is by far the most
abundant element (more than
90% in number).

Phases of the ISM
Because hydrogen is the dominating element, the classification scheme is based
on its chemical state:
ionized atomic hydrogeN
neutraler atomic hydrogen
molecular hydrogen

HII (H+)
HI (H)
H2

ionization
dissociation

different regions consist of almost 100% of the appropriate phase, the transition
regions between HII, H and H2 are very thin.
star formation always takes place in dense and cold molecular clouds.

Phases of the ISM

AV
HII

HI

H2

density / column density increases

AV denotes the extinction, the attenuation of radiation due to
absorption (mostly on dust grains)

Life-cycle of ISM
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Orion

Orion Nebula Cluster (ESO, VLT,
M. McCaughrean)

• stars form in molecular clouds
• stars form in clusters
• stars form on ~ dynamical time
• (protostellar) feedback is very
important

Orion Nebula Cluster (ESO, VLT, M. McCaughrean)

• strong feedback: UV radiation

from Θ1C Orionis affects star
formation on all cluster scales

Ionizing radiation from central star Θ1C Orionis

Trapezium stars in the center of the ONC (HST, Johnstone et al. 1998)

eventually, clusters like the ONC
(1 Myr) will evolve into clusters
like the Pleiades (100 Myr)
Pleiades (DSS, Palomar Observatory Sky Survey)

nearby molecular clouds
-Perseus

-Ophiuchus

-Taurus

-Pipe

-10

pc
-10

-Orion

pc

(from A. Goodman)

scales to same scale

study more closely

what drives ISM turbulence?
seems to be driven on large scales, little
difference between star-forming and non-SF
clouds
---> rules out internal sources
proposals in the literature
supernovae
expanding HII regions / stellar winds / outflows
spiral density waves
magneto-rotational instability
more recent idea: accretion onto disk

what drives ISM turbulence?
some energetic arguments...
energy decay by turbulent dissipation:

decay timescale:

(from Mac Low & Klessen, 2004)

(Mac Low et al. 1999)

what drives ISM turbulence?

gravitational instability (spiral waves)

EveryTHINGS

magneto-rotational instability:

(from Piotek & Ostriker 2005)

(from Walter et al. 2008)

(from Mac Low & Klessen, 2004)

what drives ISM turbulence?
protostellar outflows

(Li & Nakamura 2006, Wang et al. 2010 vs.
Banerjee et al. 2008)

(from Mac Low & Klessen, 2004)

expanding HII regions

(note: different numbers by Matzner 2002)

what drives ISM turbulence?
supernovae

in star-forming parts of the disk,
clearly SN provide enough energy
to compensate for the decay of
ISM turbulence.
BUT: what is outside the disk?
(from Mac Low & Klessen, 2004)

(distribution of temperature in SN driven disk turbulence, by
de Avillez & Breitschwerdt 2004)

accretion driven turbulence
yet another thought:
astrophysical objects form by accretion of ambient
material
the kinetic energy associated with this process is a
key agent driving internal turbulence.
this works on ALL scales:
●

galaxies

●

molecular clouds

●

protostellar accretion disks

Klessen & Hennebelle (2010, A&A)

concept
turbulence decays on a crossing time
τd

energy decay rate
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! Ėin !

(Field et al.. 2008, MNRAS, 385, 181, Mac Low & Klessen 2004, RMP, 76, 125)

some estimates from convergent flow studies

Klessen & Hennebelle (2010)

application to galaxies
underlying assumption
galaxy is in steady state
---> accretion rate equals star formation rate
what is the required efficiency for the
method to work?

study Milky Way and 11 THINGS
excellent observational data in HI:
velocity dispersion, column density, rotation curve

11 THINGS galaxies

some further thoughts
method works for Milky Way type galaxies:
required efficiencies are ~1% only!

relevant for outer disks (extended HI disks)
there are not other sources of turbulence (certainly
not stellar sources, maybe MRI)

works well for molecular clouds
example clouds in the LMC (Fukui et al.)

potentially interesting for TTS
model reproduces dM/dt - M relation (e.g Natta et al. 2006,
Muzerolle et al. 2005, Muhanty et al. 2005, Calvet et al. 2004, etc.)
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molecular cloud formation
star formation on galactic scales
 requires understanding of
formation of molecular clouds
questions
where and when do molecular clouds form?
what are their properties?
how do stars form in their interior?
global correlations?  Schmidt law

molecular cloud formation
Thesis:
Molecular clouds form
at stagnation points of
large-scale
convergent flows,
mostly triggered by
global (or external)
perturbations.

(Deul & van der Hulst 1987, Blitz et al. 2004)

correlation with large-scale perturbations
density

(e.g. off arm)

density/temperature
fluctuations in warm atomar
ISM are caused by thermal/
gravitational instability and/
or supersonic turbulence
some fluctuations are dense
enough to form H2 within
“reasonable time”

space

density



molecular cloud

(e.g. on arm)

external perturbuations (i.e.
potential changes) increase
likelihood
space

star formation on global scales

probability distribution
function of the density
(ρ-pdf)
varying rms Mach
numbers:

M1 > M2 >
M3 > M4 > 0
mass weighted ρ-pdf, each shifted by ΔlogN = 1
(from Klessen, 2001; also Gazol et al. 2005, Krumholz & McKee 2005, Glover & Mac Low 2007ab)

star formation on global scales
H2 formation rate:

τ H2

1.5 Gyr
≈
nH / 1cm −3

for nH ≥ 100 cm-3, H2 forms
within 10 Myr, this is about
the lifetime of typical MC’s.
in turbulent gas, the H2
fraction can become
very high on short
timescale
(for models with coupling
between cloud dynamics and
time-dependent chemistry, see
Glover & Mac Low 2007a,b)

mass weighted ρ-pdf, each shifted by ΔlogN = 1
(rate from Hollenback, Werner, & Salpeter 1971)

star formation on global scales
BUT: it doesn’t work
(at least not so easy):

Chemistry has a
memory effect!
H2 forms more quickly
in high-density regions
as it gets destroyed in
low-density parts.

(for models with coupling
between cloud dynamics and
time-dependent chemistry, see
Glover & Mac Low 2007a,b)

mass weighted ρ-pdf, each shifted by ΔlogN = 1
(rate from Hollenback, Werner, & Salpeter 1971)
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comparison and extension of existing models
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Federrath & Klessen
TABLE 1
Six analytic models for the star formation rate per freefall time.

Analytic
Model

Freefall-time
Factor

Critical Density ⇢crit /⇢0 = exp(scrit )

KM

1

(⇡ 2 /5)

PN

t↵ (⇢0 )/t↵ (⇢crit ) (0.067) ✓

HC

t↵ (⇢0 )/t↵ (⇢)

(⇡ 2 /5) y

multi-↵ KM

t↵ (⇢0 )/t↵ (⇢)

multi-↵ PN

t↵ (⇢0 )/t↵ (⇢)

multi-↵ HC

t↵ (⇢0 )/t↵ (⇢)

2
x

⇥ ↵vir M2 1 +

2⇥ ↵

vir M

2f (

SFR↵

1

1

)

2
2 1+
cut ⇥ ↵vir M
(⇡ 2 /5) 2x ⇥ ↵vir M2 1 +
(0.067) ✓ 2⇥ ↵vir M2 f ( )
2
(⇡ 2 /5) ycut
⇥ ↵vir M 2 1 +

1

+ ⇢˜crit,turb
1

1

1

✏/(2

t)

✏/(2

t)

✏/(2

t)

✏/(2

t)

✏/(2

t)

✏/(2
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⇥
1 + erf (
⇥
1 + erf (
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1 + erf (
⇥
1 + erf (
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1 + erf (
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1 + erf (

2
s
2
s
2
s
2
s
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2
s

⇤

2 1/2
s)
⇤
2scrit )/(8 s2 )1/2
⇤
scrit )/(2 s2 )1/2
⇤
scrit )/(2 s2 )1/2
⇤
scrit )/(2 s2 )1/2
⇤
scrit )/(2 s2 )1/2

2scrit )/(8

exp [(1/2)scrit ]
⇥
⇤
exp (3/8) s2
⇥
⇤
exp (3/8) s2
⇥
⇤
exp (3/8) s2
⇥
⇤
exp (3/8) s2

Notes. The function f ( ), entering the critical density in the PN and multi-↵ PN models is given by Equation (31). The added
turbulent contribution ⇢˜crit,turb in the critical density of the HC model is given by Equation (39).

by an e↵ective sound speed,
cs ! cs 1 +

1 1/2

.

(18)

Since M = V /cs , we can also replace the sonic Mach
number by an e↵ective Mach number to take magnetic
pressure into account:
! M2012
1+
Federrath &M
Klessen

1

1/2

.

(19)

This derivation is identical to the one in Krumholz & McKee (2005), except for the extension to include magnetic
fields in the theory based on the plasma terms in s ,
Equation (4), and in the critical density, Equation (20).
2.4.2. The PN model

Padoan & Nordlund (2011) use t↵ (⇢0 )/t↵ (⇢crit ) as the
freefall-time factor t↵ (⇢0 )/t↵ (⇢) in Equation (7), such
that the freefall time of the critical density is used for
all densities above the critical density to estimate SFR .

SFR estimates from the PDF
comparison between analytic
models and numerical simulations
The Star Formation Rate

23

Federrath
Klessenfor2012
Fig.
10.— SFR&
the six theories listed in Table 1: KM (boxes), PN (diamonds), and HC (crosses) in the left panels, and
↵ (theory)
the corresponding multi-freefall versions of the theories in the right panels, computed based on the numerical simulation parameters ↵vir ,
M, b, and listed in Table 2 and compared with the SFR (simulation). The simulation number is given in each of the KM boxes. The

SFR estimates from the PDF
26

comparison between numericalFederrath
simulations
and observations
& Klessen

Fig. 11.— (a): Star formation rate column density ⌃SFR versus gas column density ⌃gas measured in the GRAVTURB simulations
listed in Table 2 for a star formation efficiency SFE = 1% (blue) and SFE = 10% (red). Two contour lines for each SFE are drawn. The
thick contours
enclose 50%
of all (⌃gas , ⌃SFR ) simulation pairs, centered on the peak of the distribution, while the thin contours enclose
Federrath
& Klessen
2012
99%. (b): Same as (a), but only the contours of the simulations are drawn, and observational data of Galactic clouds from Heiderman
et al. (2010) are superimposed. The individual data points are labeled in the legend of the bottom panels (Taurus: filled black box, Class I

modeling galactic SF
SPH calculations of self-gravitating disks of stars and (isothermal) gas in darkmatter potential, sink particles measure local collapse --> star formation

(Li, Mac Low, & Klessen, 2005, ApJ, 620,L19 - L22)

(Li, Mac Low, & Klessen, 2005, ApJ, 620, L19 - L22)

€

We find
correlation
between star
formation rate
and gas
surface
density:
1.5
gas

ΣSFR ∝ Σ
global
Schmidt
law

observed Schmidt law

in both cases:
(from Kennicutt 1998)

1.5
gas

ΣSFR ∝ Σ

molecular cloud formation

(from Dobbs et al. 2008)

molecular cloud formation

(Dobbs & Bonnell 2007)

molecular cloud formation
molecular gas fraction as function of time

(Dobbs et al. 2008)

molecular gas fraction as function of density

molecular cloud formation
molecular gas fraction of fluid
element as function of time

(Dobbs et al. 2008)

molecular gas fraction as function of density
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image from Alyssa Goodman: COMPLETE survey

(movie from Christoph Federrath)

experimental set-up
6 ray approximation to
external radiation field

- AMR MHD (B = 2 muG)
- stochastic forcing
(Ornstein-Uhlenbeck)

- self-gravity
- time-dependent chemistry
- cooling & heating processes
--> thermodynamics done
right!

- gives you mathematically
well defined boundary
conditions
--> good for statistical
studies

chemical model 0
32 chemical species
17 in instantaneous equilibrium:
19 full non-equilibrium evolution

218 reactions
various heating and cooling processes
(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 1

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

HI to H2 conversion rate

(Glover, Federrath, Mac Low, Klessen, 2010)

HI to H2 conversion rate
H2 forms rapidly in shocks /
transient density fluctuations /
H2 gets destroyed slowly in
low density regions / result:
turbulence greatly enhances
H2-formation rate

(Glover, Federrath, Mac Low, Klessen, 2010)

HI to H2 conversion rate
compare to data from
Tamburro et al. (2008) study:
tform ~ few x 106 years

(Glover, Federrath, Mac Low, Klessen, 2010)

CO, C+ formation rates
CO
C
C+

(Glover, Federrath, Mac Low, Klessen, 2010)

effects of chemistry 1
total column density

12CO

column density

(Glover, Federrath, Mac Low, Klessen, 2010)

H2 column density

temperature

effects of chemistry 2
total column density

12CO

column density

(Glover, Federrath, Mac Low, Klessen, 2010)

H2 column density

ratio N(H2temperature
)/N(12CO)

x-factor
•

conversion rate between H2 column density and CO
emission (equivalent
width W)
through a constant
‘X factor’ (e.g. Dickman 1978):
NH2
(cm−2 K−1 km−1 s).
X=
W

•
•
•
•

of Galactic
most massCO
H2observations
determinations
dependclouds
on X! have resulted in estima

−2 −1
−1
K
km
s (hereafter X Gal ; e.g. Sol
X ≈ few × 1020 cm
22
-2
-1
-1
in Milky Way
X ~ few x 10 cm K km s ~ const.
et al. 1987; Young & Scoville 1991; Dame, Hartmann & Thad
why is it constant?
2001). Observations of diffuse gas in the Galaxy have also res
estimates
of the X factor
(e.g. Polk et al. 1988; Liszt
how doesinit similar
vary with
environmental
condition?
& Lucas 2010, hereafter LPL10).
- metallicity However, extragalactic observations of systems with diff
field, etc.
- density, radiation
physical characteristics,
such as metallicity or background U
(“normal”diation,
gal. vs star
haveburst)
found variations in the X factor. Interestingly
servational investigations employing different methodologies
resulted in vastly discrepant estimates of the X factor. For exa

Modelling CO emission from MCs

log CO equivalent width

log H2 column density

log X in each pixel

(Shetty, Glover, Dullemond, Klessen 2011)

log CO column density

9

Figure 4. Images of (a) N CO , (b) W, (c) NH2 and (d) the X factor of model n300-Z03. Each side has a length of 20 pc. In (a) and (b), solid contours indicate
log(N CO ) = 12, 14 and log(W) = −3, −1; dashed contours are log(N CO ) = 16.5 and log(W) = 1.5 (see the text and Fig. 2d).

by ≈1 order of magnitude. Since the X factor directly depends on

5 × 1021 cm−2 , the X factor varies from ∼1020 to 1023 cm−2 K−1

10

R. Shetty et al.
10 Mo/pc2

100 Mo/pc2

1000 Mo/pc2

detailed analysis of typical
Galactic model cloud:
solar metallicity and
mean density 300 cm-3

color coding as in
previous picture

(Shetty, Glover, Dullemond, Klessen 2011)

Figure 5. X factor for four models. N

is plotted as a function of N . The colour of each point indicates

10

R. Shetty et al.
100 Mo/pc2

10 Mo/pc2

100 Mo/pc2

10 Mo/pc2

100 Mo/pc2

10 Mo/pc2

100 Mo/pc2

(Shetty, Glover, Dullemond, Klessen 2011)

10 Mo/pc2

Figure 5. X factor for four models. N CO is plotted as a function of NH2 . The colour of each point indicates the X factor. Inset figures show the colour scale and
PDF of the X factor. The corresponding maps of NH2 , N CO and the X factor from model n300-Z03 are shown in Fig. 4.

observed x-factor

Tacconi et al. (2008)

derived x-factor

. Compilation of estimated X factors from a range of systems, shown as a function of surface density. Figure reprodu
t al. (2008).

low CO opacity

high CO opacity

. Mean X factor
binsDullemond,
of gas surface
density2011)
Σgas for 5 models. The X factor is averaged in different Σgas bins. T
(Shetty,in
Glover,
Klessen, MNRAS,
otted on the midpoint value of Σgas of each bin. Each model is identified by different colors and symbols (and label

conversion factors
merger relation (1
(1.17). Again low
relation. Independ
be the same as tha
gas surface densit
(see also Bothwell
As we have argu
all luminous low-

In the right-hand panel of Fig. 3, we analyse the data with the
‘Elmegreen–Silk’ relation (see also K98a), which relates SFR surface density to the ratio of gas surface density and global galaxy
dynamical time-scale. There is a reasonably good correlation as well
with a slope of slightly less than unity (0.84 ± 0.09). The scatter in
this relation (0.44 dex) is larger than in the surface density relation,
which may in part be attributable to the larger total uncertainties
in "molgas /τdyn , which we estimate to be ±0.32 dex (74 per cent).

next steps

• extend range of model

4

α=1 merger
α=3.2 SFG

0
-1
-2

2
1

α=
α=

0
-1
-2
-3

-3
-4

-2

1

3

-1

-2

2

-1

we are currently running
starburst galaxies with higher
density, and1000x increased
radiation field and/or 1000x
increased cosmic ray
intensity

log ( Σstar form (Msunyr kpc ) )

-

3

log ( Σstar form (Msunyr kpc ) )

parameters

4
y=1.17*x-3.48
y=1.17*x -2.44 (0.12)
SFGs

typical uncertainty

0

1

2

3

4
-2

log (Σmol gas (Msunpc ) )

5

-4

0

lo

Figure 4. Molecular Kennicutt–Schmidt surface density relation for luminous z ∼ 0 and z ∼ 1–3.5 me
SMGs: red squares). The left-hand panel shows their location in the KS plane along with the SFGs (at
etare
al.chosen.
(2010)The right-hand panel show
conversion factors for SFGs (α = αG ) and mergers (αGenzel
= αG /3.2)
factor of α = αG for all galaxies in the data base. This was the choice in the K98a paper but leads to a
major mergers. The fits assign equal weight to all data points and uncertainties in brackets are 3σ form

are molecules needed for star formation?

• it has been proposed that molecule formation (H2,
CO, etc.) is a prerequisite for star formation

(e.g. Schaye 2004; Krumholz & McKee 2005; Elmegreen 2007; Krumholz et al. 2009)

• the idea is that CO is a necessary coolant for collapse
also C+ is a very efficient coolant!
• however,
(Glover & Clark 2011)
• to address this question, we performed dedicated
simulations in Heidelberg

are molecules needed to form stars?

NO! CII, CI, provide equal amounts of cooling to CO . . .
image from Simon Glover

are molecules needed for star formation?
no molecule formation

with full network

•

presence of molecular gas has only
very minor influence on ability of
cloud to form stars

•

C+ is equally efficient coolant in
atomic phase as CO in molecular

•

what is crucial is the ability of cloud
to shield itself from interstellar
radiation field

•

but clouds that are big/dense
enough to shield themselves will be
molecular!
this suggests that the correlation
between H2 and star formation is
a coincidence

Glover & Clark (2011)

where is most energy lost?

total column

particles / cm2
images from Simon Glover

where is most energy lost?

12CO

K km/s
images from Simon Glover

where is most energy lost?

13CO

K km/s
images from Simon Glover

where is most energy lost?

C+

K km/s
images from Simon Glover
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decrease in spatial scale / increase in density

Andromeda (R. Gendler)

NGC 602 in LMC (Hubble)

•

density

-

•

density of ISM: few particles per cm3
density of molecular cloud: few 100 particles per cm3
density of Sun: 1.4 g /cm3

spatial scale

-

Proplyd in Orion (Hubble)

size of molecular cloud: few 10s of pc
size of young cluster: ~ 1 pc
size of Sun: 1.4 x 1010 cm

Sun (SOHO)

Earth

decrease in spatial scale / increase in density

Andromeda (R. Gendler)

NGC 602 in LMC (Hubble)

•

contracting force

-

•

Proplyd in Orion (Hubble)

only force that can do this compression
is GRAVITY

opposing forces

-

there are several processes that can oppose gravity
GAS PRESSURE
TURBULENCE
MAGNETIC FIELDS
RADIATION PRESSURE

Sun (SOHO)

Earth

decrease in spatial scale / increase in density

Andromeda (R. Gendler)

NGC 602 in LMC (Hubble)

•

contracting force

-

•

Proplyd in Orion (Hubble)

only force that can do this compression
is GRAVITY

Sun (SOHO)

Earth

opposing forces

-

there are several processes that can oppose gravity
GAS PRESSURE
TURBULENCE
MAGNETIC FIELDS
RADIATION PRESSURE

Modern star formation
theory is based on the
complex interplay between
all these processes.

early theoretical models
• Jeans (1902): Interplay between

self-gravity and thermal pressure
-

stability of homogeneous spherical
density enhancements against
gravitational collapse

-

dispersion relation:

2

2
s

Sir James Jeans, 1877 - 1946

2

ω = c k − 4πGρ 0
2

-

instability when

ω <0

-

minimal mass:

M J = 16 π −5 / 2G −3 / 2 ρ 0−1 / 2cs3 ∝ ρ 0−1 / 2T −3 / 2

first approach to turbulence
• von Weizsäcker (1943, 1951)

and
Chandrasekhar (1951): concept of
MICROTURBULENCE
-

BASIC ASSUMPTION: separation of
scales between dynamics and turbulence

lturb « ldyn
-

S. Chandrasekhar,
1910 - 1995

then turbulent velocity dispersion contributes
to effective soundspeed:

2
c

2
c

c  c +σ
-

C.F. von Weiszäcker,
1912 - 2007



2
rms

Larger effective Jeans masses 

BUT: (1) turbulence depends on k:
(2) supersonic turbulence



more stability

2
σ rms
(k )

2
σ rms
(k ) >> cs2

usually

problems of early dynamical theory
• molecular clouds are highly Jeans-unstable,

yet, they do NOT form stars at high rate
and with high efficiency (Zuckerman & Evans 1974 conundrum)
(the observed global SFE in molecular clouds is ~5%)
 something prevents large-scale collapse.

• all throughout the early 1990’s, molecular clouds

had been thought to be long-lived quasi-equilibrium
entities.

• molecular clouds are magnetized

magnetic star formation
• Mestel & Spitzer (1956): Magnetic
fields can prevent collapse!!!

-

Critical mass for gravitational
collapse in presence of B-field

53 / 2
B3
M cr =
48π 2 G 3 / 2 ρ 2
-

Critical mass-to-flux ratio
(Mouschovias & Spitzer 1976)

ζ ⎡ 5 ⎤
⎡ M ⎤
⎢ Φ ⎥ = 3π ⎢G ⎥
⎣ ⎦ cr
⎣ ⎦

-

1/ 2

Ambipolar diffusion can initiate collapse

Lyman Spitzer, Jr., 1914 - 1997

“standard theory” of star formation
• BASIC ASSUMPTION: Stars form from
magnetically highly subcritical cores

• Ambipolar diffusion slowly

increases (M/Φ): τAD ≈ 10τff

• Once (M/Φ) > (M/Φ)crit :

dynamical collapse of SIS

•
•

Frank Shu, 1943 -

Shu (1977) collapse solution
dM/dt = 0.975 cs3/G = const.

• Was (in principle) only intended
for isolated, low-mass stars

magnetic field

problems of “standard theory”
•

Observed B-fields are weak, at most
marginally critical (Crutcher 1999, Bourke et al.
2001)

•

Magnetic fields cannot prevent decay of
turbulence
(Mac Low et al. 1998, Stone et al. 1998, Padoan &
Nordlund 1999)

•

Structure of prestellar cores

•

Strongly time varying dM/dt

•

More extended infall motions than
predicted by the standard model

•

As many prestellar cores as protostellar
cores in SF regions (e.g. André et al 2002)

•

Molecular cloud clumps are chemically
young
(Bergin & Langer 1997, Pratap et al 1997, Aikawa
et al 2001)

•

(Ballesteros-Paredes et al. 1999, Elmegreen 2000,
Hartmann 2001)

(e.g. Bacman et al. 2000, Alves et al. 2001)

(e.g. Hendriksen et al. 1997, André et al. 2000)

•

Most stars form as binaries
(e.g. Lada 2006)

Strong theoretical criticism of the SIS as
starting condition for gravitational
collapse
(e.g. Whitworth et al 1996, Nakano 1998, as
summarized in Klessen & Mac Low 2004)

(Williams & Myers 2000, Myers et al. 2000)

•

Stellar age distribution small (τff << τAD)

•

Standard AD-dominated theory is
incompatible with observations
(Crutcher et al. 2009, 2010ab, Bertram et al. 2011)

(see e.g. Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194)

Observed B-fields are weak

→ cloud cores are magnetically
supercritical!!!

(Φ/M)n > 1 no collapse

observed B-field

B versus N(H2 ) from Zeeman
measurements.
(from Bourke et al. 2001)

(Φ/M)n < 1 collapse

column density

Crutcher et al. (2009)

Field reversal in the outer parts.
This is incompatible with “standard”
ambipolar diffusion theory!
Crutcher et al. (2009)

example: L1448

Crutcher et al. (2009)

Lunttila et al. (2008)

example: L1448

Mass-to-flux ratio in turbulent cores

3167

Figure 3. Logarithmic column density map computed along the LoS in the y-direction for an initial plasma β of β 0 = 0.01 (i.e. for a very strong field, left-hand
Bertram
panel)
and β 0 = et
100al.
(i.e.(2012)
for a very weak field, right-hand panel) at t = 2.0T. For β 0 = 0.01, one can see the outstanding z-direction of the magnetic field,
while for β 0 = 100, the magnetic field is so weak that turbulence can easily tangle the magnetic field lines, such that the overall density structure is rather

Lunttila et al. (2008)

example: L1448

Bertram et al. (2012)

Figure 4. Distribution of clumps in different LoS directions for (i) PPP and (ii) PP measurements and observed co

Molecular cloud dynamics
• Timescale problem: Turbulence decays on
timescales comparable to the free-fall time τff
(E∝t−η with η≈1).
ZEUS

SPH

(Mac Low et al. 1998,
Stone et al. 1998,
Padoan & Nordlund 1999)

• Magnetic fields
(static or wavelike) cannot
prevent loss
of energy.

HD

weak B

MHD

Sternwarte Bonn, 21. Jan. 2003

HD

strong B

MHD

(Mac Low, Klessen, Burkert, & Smith,Ralf
1998,
PRL)
Klessen: Paris 03.04.2009

gravoturbulent star formation
• BASIC ASSUMPTION:
star formation is controlled by interplay between
supersonic turbulence and self-gravity

• turbulence plays a dual role:
- on large scales it provides support
-

on small scales it can trigger collapse

• some predictions:
-

dynamical star formation timescale τff

-

high binary fraction

-

complex spatial structure of
embedded star clusters

-

and many more . . .
Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194
McKee & Ostriker, 2007, ARAA, 45, 565

turbulent cascade in the ISM
• scale-free behavior of turbulence

log E

in the range

tra
n

L-1
energy source & scale
NOT known
(supernovae, winds,
spiral density waves?)

L
≈ Re 3 / 4
ηK

• slope between -5/3 ... -2
• energy “flows” from large to small
sfe

r

log k

scales, where it turns into heat

€

ηK-1
dissipation scale not known
(ambipolar diffusion,
molecular diffusion?)

log E

molecular clouds

sonic scale

turbulent cascade in the ISM
dense
protostellar
cores

massive cloud cores

supersonic
subsonic
L-1
energy source & scale
NOT known
(supernovae, winds,
spiral density waves?)

log k
≈ few
km/skm/s
σrms <<
1 km/s
several
Mrms ≈
≤
1
>5
10
1 pc
pc
LL ≈
> 0.1
10
pc

ηK-1
dissipation scale not known
(ambipolar diffusion,
molecular diffusion?)

interstellar gas is highly inhomogeneous
gravitational instability

density

dynamical SF in a nutshell

thermal instability

space

turbulent compression (in shocks δρ/ρ ∝ M2; in atomic gas: M ≈ 1...3)

cold molecular clouds can form rapidly in high-density regions at stagnation
points of convergent large-scale flows
chemical phase transition: atomic  molecular
process is modulated by large-scale dynamics in the galaxy

inside cold clouds: turbulence is highly supersonic (M ≈ 1...20)
→ turbulence creates large density contrast,
gravity selects for collapse
⎯⎯⎯⎯→ GRAVOTUBULENT FRAGMENTATION

turbulent cascade: local compression within a cloud provokes collapse 
formation of individual stars and star clusters
(e.g. Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194)

Density structure of MC’s
molecular clouds
are highly
inhomogeneous
stars form in the
densest and coldest
parts of the cloud
ρ-Ophiuchus cloud
seen in dust
emission

(Motte, André, & Neri 1998)

let‘s focus on
a cloud core
like this one

Evolution of cloud cores
How does this core evolve?
Does it form one single massive star or
cluster with mass distribution?
Turbulent cascade „goes through“ cloud
core
--> NO scale separation possible
--> NO effective sound speed
Turbulence is supersonic!
--> produces strong density contrasts:

δρ/ρ ≈ M2
--> with typical M ≈ 10 --> δρ/ρ ≈ 100!
many of the shock-generated fluctuations
are Jeans unstable and go into collapse
--> expectation: core breaks up and

forms a cluster of stars

Evolution of cloud cores

indeed ρ-Oph B1/2 contains several
cores (“starless” cores are denoted by , cores
with embedded protostars by )
(Motte, André, & Neri 1998)

Formation and evolution of cores
protostellar cloud cores form at
stagnation point in convergent
turbulent flows

if M > Mcrit ∝ρ-1/2 T3/2:

collapse & star formation

pf M < Mcrit ∝ρ-1/2 T3/2:

reexpansion after end of
external compression
(e.g. Vazquez-Semadeni et al 2005)

typical timescale: t ≈ 104 ... 105 yr

Formation and evolution of cores
What happens to distribution of
cloud cores?

Two exteme cases:
(1) turbulence dominates energy budget:

α=Ekin/|Epot| >1
--> individual cores do not interact
--> collapse of individual cores
dominates stellar mass growth
--> loose cluster of low-mass stars
(2) turbulence decays, i.e. gravity dominates:

α=Ekin/|Epot| <1
--> global contraction
--> core do interact while collapsing
--> competition influences mass growth
--> dense cluster with high-mass stars

turbulence creates a hierarchy of clumps

as turbulence decays locally, contraction sets in

as turbulence decays locally, contraction sets in

while region contracts, individual clumps collapse to form stars

while region contracts, individual clumps collapse to form stars

individual clumps collapse to form stars

individual clumps collapse to form stars

α=Ekin/|Epot| < 1

in dense clusters, clumps may merge while collapsing
--> then contain multiple protostars

in dense clusters, clumps may merge while collapsing
--> then contain multiple protostars

in dense clusters, clumps may merge while collapsing
--> then contain multiple protostars

in dense clusters, competitive mass growth
becomes important

in dense clusters, competitive mass growth
becomes important

in dense clusters, N-body effects influence mass growth

low-mass objects may
become ejected --> accretion stops

feedback terminates star formation

result: star cluster, possibly with HII region

NGC 602 in the LMC: Hubble Heritage Image

some concerns of simple model
• energy balance
-

in molecular clouds:
kinetic energy ~ potential energy ~ magnetic energy > thermal energy

-

models based on HD turbulence misses important physics

-

in certain environments (Galactic Center, star bursts), energy density
in cosmic rays and radiation is important as well

• time scales
- star clusters form fast, but more slowly than predicted by HD only
(feedback and magnetic fields do help)

-

initial conditions do matter
(turbulence does not erase memory of past dynamics)

• star formation efficiency (SFE)
- SFE in gravoturbulent models is too high (again more physics needed)

current status
• stars form from the complex interplay of self-gravity and a large number of

competing processes (such as turbulence, B-field, feedback, thermal pressure)

• the relative importance of these processes depends on the environment
-

prestellar cores --> thermal pressure is important
molecular clouds --> turbulence dominates

-

massive star forming regions (NGC602): radiative feedback is important
small clusters (Taurus): evolution maybe dominated by external turbulence

}(Larson’s relation: σ /L

• star formation is regulated by various feedback processes
• star formation is closely linked to global galactic dynamics (KS relation)
Star formation is intrinsically a multi-scale and multi-physics
problem, where it is difficult to single out individual processes.
Simple theoretical approaches usually fail.

1/2)

Carina Nebula, NGC 3372
This image is a composite of many separate exposures made by the ACS instrument on the Hubble Space
Telescope along with ground-based observations. In total, three filters were used to sample narrow
wavelength emission. The color results from assigning different hues (colors) to each monochromatic image.
In this case, the assigned colors are:
CTIO: ([O III] 501nm)
blue
CTIO: (H-alpha+[N II] 658nm)
green
CTIO: ([S II] 672+673nm)
red
HST/ACS: F656N (H-alpha+[N II])
luminosity*

Star formation is intrinsically a multi-scale and multi-physics
problem, where it is difficult to single out individual processes.
Progress requires a comprehensive theoretical approach.
Carina with HST

Star formation is intrinsically a multi-scale and multi-physics
problem, where it is difficult to single out individual processes.
Progress requires a comprehensive theoretical approach.
HH 901/902 in Carina with HST

selected open questions
• what processes determine the initial mass function (IMF) of stars?
• what are the initial conditions for star cluster formation?

how does cloud structure translate into cluster structure?

• how do molecular clouds form and evolve?
• what drives turbulence?
• what triggers / regulates star formation on galactic scales?
• how does star formation depend on metallicity?
how do the first stars form?

• star formation in extreme environments (galactic center, starburst, etc.),
how does it differ from a more “normal” mode?

HH 901/902 in Carina with HST
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stellar mass fuction
stars seem to follow a universal
mass function at birth --> IMF

(Kroupa 2002)

Orion, NGC 3603, 30 Doradus
(Zinnecker & Yorke 2007)

stellar mass fuction
4

M. Cappellari et al.

BUT: maybe variations
with galaxy type

(bottom heavy in the
centers of large ellipticals)
from JAM (Jeans anisotropic multi
Gaussian expansion) modeling
inferred excess of low-mass stars
compared to Kroupa IMF

Figure 1. The Virial Plane and it projections. The top two panels show the two main projections of the VP in the (MJAM , σe ) and (MJAM , Rmax
) coordinates.
e
Overlaid are lines of constant σe = 50, 100, 200, 300, 400, 500 km s−1 (dashed blue), constant Rmax
= 0.1, 1, 10, 100 kpc (dot-dashed red) and constant
e
Σe = 108 , 109 , 1010 , 1011 M" kpc−2 (dotted black) predicted by the virial relation. The observed (MJAM , σe , Rmax
) points follow the relation so closely
e
also van Dokkum & Conroy 2010, Nature, 468, 940, Wegner et al. 2012, AJ, 144,
78, and others)
that the coordinates provide a unique mapping on these diagram and one can reliably infer all characteristics of the galaxies from any individual projection. In
each panel the galaxies are coloured according to the (LOESS smoothed) log(M/L)JAM , as shown in the colour bar at the bottom. Moreover in all panels the

(Cappellari et al. 2012, Nature, 484, 485, Cappellari et al. 2012ab, MNRAS, submitted,

IMF
distribution of stellar masses depends on
turbulent initial conditions
--> mass spectrum of prestellar cloud cores
collapse and interaction of prestellar cores
--> competitive accretion and N-body effects
thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)
(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN
(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)

IMF
distribution of stellar masses depends on
turbulent initial conditions
--> mass spectrum of prestellar cloud cores ???
collapse and interaction of prestellar cores
--> competitive accretion and N-body effects
thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)
(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN
(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)

different statistical approaches
there are different quantitative IMF based on turbulence
Padoan & Nordlund (2002, 2007)
Hennebelle & Chabrier (2008, 2009)
Hopkins (2012)
all relate the mass spectrum to statistical characteristics of the
turbulent velocity fields

different statistical approaches
there are different quantitative IMF based on turbulence
Padoan & Nordlund (2002, 2007)
Hennebelle & Chabrier (2008, 2009)
Hopkins (2012)
all relate the mass spectrum to statistical characteristics of the
turbulent velocity fields

different statistical approaches
there are different quantitative IMF based on turbulence
Padoan & Nordlund (2002, 2007)
Hennebelle & Chabrier (2008, 2009)
Hopkins (2012)
all relate the mass spectrum to statistical characteristics of the
turbulent velocity fields
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different statistical approaches
there are different quantitative IMF based on turbulence
Padoan & Nordlund (2002, 2007)
Hennebelle & Chabrier (2008, 2009)
Hopkins (2012)
all relate the mass spectrum to statistical characteristics of the
turbulent velocity fields
there are alternative approaches
IMF as closest packing problem / sampling problem in fractal
clouds (Larson 1992, 1995, Elmegreen 1997ab, 2000ab, 2002)
IMF as purely statistical problem
(Larson 1973, Zinnecker 1984, 1990, Adams & Fatuzzo 1996)

IMF from (proto)stellar feedback (Silk 1995, Adams & Fatuzzo
1996)

IMF from competitive coagulation (Murray & Lin 1995, Bonnell et
al. 2001ab, etc.)

caveat: everybody gets the IMF!
+

=

combine scale free process  POWER LAW BEHAVIOR
- turbulence (Padoan & Nordlund 2002, Hennebelle & Chabrier 2008)
- gravity in dense clusters (Bonnell & Bate 2006, Klessen 2001)
- universality: dust-induced EOS kink insensitive to radiation
field (Elmegreen et al. 2008)
with highly stochastic processes  central limit theorem
 GAUSSIAN DISTRIBUTION
- basically mean thermal Jeans length (or feedback)
- universality: insensitive to metallicity (Clark et al. 2009, submitted)

caveat: everybody gets the IMF!
+

=

“everyone” gets the right IMF
 better look for secondary indicators
stellar multiplicity
protostellar spin (including disk)
spatial distribution + kinematics in young clusters
magnetic field strength and orientation

caveat: dilatational vs. solenoidal
density pdf depends on
“dimensionality” of driving
relation between width of pdf and Mach
number

with b depending on ζ via

with ζ being the ratio of dilatational vs.
solenoidal modes:

Federrath, Klessen, Schmidt (2008a)

caveat: dilatational vs. solenoidal
density pdf depends on
“dimensionality” of driving
 is that a problem for the
Krumholz & McKee model
of the SF efficiency?
density pdf of compressive driving is
NOT log-normal
 is that a problem for the
Padoan & Nordlund, or
Hennebelle & Chabrier
IMF model?

good fit needs 3rd and 4th moment of
distribution!
Federrath, Klessen, Schmidt (2008b)

most “physical” sources should be
compressive (convergent flows from
spiral shocks or SN)

caveat: dilatational vs. solenoidal
density power spectrum
differs between dilatational
and solenoidal driving!
 dilatational driving
leads to break at
sonic scale!

compensated density spectrum kS(k) shows
clear break at sonic scale. below that shock
compression no longer is important in shaping
the power spectrum ...

Federrath, Klessen, Schmidt (2008b)

can we use that to
determine driving sources
from observations ?

IMF
distribution of stellar masses depends on
turbulent initial conditions
--> mass spectrum of prestellar cloud cores
collapse and interaction of prestellar cores
--> competitive mass growth and N-body effects
thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)
(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN
(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)

example: model of Orion cloud
„model“ of Orion cloud:
15.000.000 SPH particles,
104 Msun in 10 pc, mass resolution
0,02 Msun, forms ~2.500
„stars“ (sink particles)
MASSIVE STARS
- form early in high-density
gas clumps (cluster center)
- high accretion rates,
maintained for a long time
LOW-MASS STARS
- form later as gas falls into
potential well
- high relative velocities
- little subsequent accretion

Bonnell & Clark 2008

Dynamics of nascent star cluster
in dense clusters protostellar interaction may be come important!

Trajectories of protostars in a nascent dense cluster created by gravoturbulent fragmentation
(from Klessen & Burkert 2000, ApJS, 128, 287)

accretion rates in clusters

Mass accretion
rates vary with
time and are
strongly
influenced by the
cluster
environment.
(Klessen 2001, ApJ, 550, L77;
also Schmeja & Klessen,
2004, A&A, 419, 405)
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ICs of star cluster formation
• key question:
-

• observers answer:
-

-

very difficult to determine!
‣ most high-mass cores have
some SF inside
‣ infra-red dark clouds (IRDCs)
are difficult to study

but, new results with Herschel

IRDC near Aquila rift, studied with the SMA: J. Swift & E. Churchwell

what is the initial density profile
of cluster forming cores? how
does it compare low-mass cores?

ICs of star cluster formation
• key question:
-

what is the initial density profile of cluster forming cores?
how does it compare low-mass cores?

• observers answer:
very difficult to determine!

-

but: new results
with Herschel

-01:42:00

O

-01:44:00

‣ most high-mass cores have
some SF inside
‣ infra-red dark clouds
(IRDCs) are difficult to study

Peretto et al.: Mapping IRDCs wi

Declination (J2000)

-

18:43:40 18:43:35 18:43:30
18:43:40 18:43:35 18:43:30
Right Ascension (J2000)

IRDC
withofHerschel,
Peretto
et al. analyzed
(2010)
Fig. 1. (Left):
Twoobserved
color image
one of the
22 IRDCs
here. The blue is the 160 µm emission while the red and the
contours show the 250 µm .(Right): Spitzer 8 µm image of the
same IRDC on which we have overlaid the Herschel 250 µm
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ICs of star cluster formation
• key question:
-

what is the initial density profile of cluster forming
cores? how does it compare low-mass cores?

• theorists answer:
-

top hat (Larson Penston)
Bonnor Ebert (like low-mass cores)
power law ρ∝r -1 (logotrop)
power law ρ∝r -3/2 (Krumholz, McKee, etc)
power law ρ∝r -2 (Shu)
and many more

different density profiles
• does the density profile matter?
.
.
.

• in comparison to
-

turbulence ...
radiative feedback ...
magnetic fields ...
thermodynamics ...

different density profiles
• address question in simple numerical experiment
• perform extensive parameter study
-

different profiles (top hat, BE, r-3/2, r-3)
different turbulence fields
‣ different realizations
‣ different Mach numbers
‣ solenoidal turbulence
dilatational turbulence
both modes

-

no net rotation, no B-fields
(at the moment)

Girichids, Federrath, Banerjee, Klessen (2011abc)

Girichids et al. (2011abc)

M=3

M=6

M=12

M=18

for the r-2 profile you need to crank up
turbulence a lot to get some fragmentation!

Girichids et al. (2011abc)

ICs with flat inner density profile form
more fragments

number of
protostars

Girichids et al. (2011abc)

however, the real situation is very complex:
details of the initial turbulent field matter

number of
protostars

very high Mach numbers are needed to make
SIS fragment
Girichids et al. (2011abc)

different density profiles
• different density profiles lead to very different
fragmentation behavior

• fragmentation is strongly suppressed for very
peaked, power-law profiles

• this is good, because it may explain some of the
theoretical controversy, we have in the field

• this is bad, because all current calculations are

“wrong” in the sense that the formation process of
the star-forming core is neglected.
Girichids et al. (2011abc)

IMF
distribution of stellar masses depends on
turbulent initial conditions
--> mass spectrum of prestellar cloud cores
collapse and interaction of prestellar cores
--> competitive accretion and N-body effects
thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)
(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN
(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)

dependency on EOS
• degree of fragmentation depends on EOS!
• polytropic EOS: p ∝ργ
• γ<1: dense cluster of low-mass stars
• γ>1: isolated high-mass stars
• (see Li, Klessen, & Mac Low 2003, ApJ, 592, 975; also Kawachi & Hanawa 1998, Larson 2003)

dependency on EOS

γ=0.2

γ=1.0

γ=1.2

for γ<1 fragmentation is enhanced  cluster of low-mass stars
for γ>1 it is suppressed  formation of isolated massive stars
(from Li, Klessen, & Mac Low 2003, ApJ, 592, 975)

how does that work?
(1)

p ∝ ργ  ρ ∝ p1/ γ

(2)

Mjeans ∝ γ3/2 ρ(3γ-4)/2

• γ<1: 

large density excursion for given pressure
 〈Mjeans〉 becomes small
 number of fluctuations with M > Mjeans is large

• γ>1: 

small density excursion for given pressure
 〈Mjeans〉 is large
 only few and massive clumps exceed Mjeans
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Figure 1. Evolution of temperatures in prestellar cloud cores with metallicities
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present-day star formation
τ=1

(Larson 1985, Larson 2005)

Z=0
γ = 1.1
γ = 0.7

IMF in nearby molecular clouds
with ρcrit ≈ 2.5×105 cm-3
at SFE ≈ 50%

need appropriate
EOS in order to get
low mass IMF right

(Jappsen et al. 2005, A&A, 435, 611)
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transition: Pop III to Pop II.5
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Figure 1. Evolution of temperatures in prestellar cloud cores with metallicities
Z/Z! = 0, 10−6 , 10−5 , 10−4 , 10−3 , 10−2 , 10−1 , and 1, as functions of the
number density, which is calculated by one-zone models. The dashed lines
indicate the constant Jeans masses. For those above 102 M! (below 1 M! ), the
gas is assumed to be fully atomic (molecular) in drawing those lines.
(A color version of this figure is available in the online journal.)
(Omukai et al. 2005, 2010)

3. PRESTELLAR COLLAPSE

•
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structure
lines
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1000
cooling due to coupling between
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Figure 2. Evolution of temperatures at the center of cloud cores during the
prestellar
for various
metallicities.
This is calculated by one-zone
Mcollapse
> few
x10 M
sun.
model until 104 cm−3 (dotted vertical line) and by hydrodynamical models

for the higher density. The constant Jeans masses are indicated by the dashed
lines.
(A color version of this figure is available in the online journal.)

channel:

transition: Pop III to Pop II.5
Caffau et al.: An extremely primordial star

SDSS J1029151+172927

(Z ∼ 1.0 kpc) may suggest a
ruled out. The orbit solution
e Halo with the maximum
= 4.8 ± 0.4 kpc, the orbital
and is plunging towards the
er Rmin = 0.9 ± 0.1 kpc. See
values obtained in the previ1990.0 we obtain a similar
icenter Rmin = 0.4±0.1 kpc.
± 0.1 kpc is obtained in the
oper motion.

e X-Shooter spectrum. The
R Ca ii triplet lines, only the
but it is contaminated by a
tion. Some Fe i lines can be
nly clearly detectable line is
of 49.2 pm is consistent with
he measured radial velocity
X-Shooter UBV arm resolus contaminated by the com(ISM). From the X-Shooter
spectrum belongsTable
to an ex4.
pper limit on the metallicity
tallicity.
e stellar and IS components
Fig. 6). The EW of the stelesponding to abundance of
ine as abundance indicator,
e the stellar and IS compo-

e line of iron peak elements
i i, Ca i, Ca ii, Ti ii). For the
ld find no evident signature
e only upper-limit.
n we rely on line profile fitbe blended (sometimes sevome lines lie on the wings of
f synthetic spectra, with the
he star, varying in [Fe/H] by
derive the 1D-LTE [Fe/H].
her elements, we computed

• is first ultra metal-poor star with Z
~ 10-4.5 Zsun for all metals seen (Fe,
C, N, etc.)
[see Caffau et al. 2011]

• this is in regime, where metal-lines
cannot provide cooling

[e.g. Schneider et al. 2011, 2012, Klessen et al. 2012]

• new ESO large

Caffau et al.: An extremely primordial star

SDSS J102915+172927. Abundances. [X/H] from fit is given for log g f from the line-list of LP.
Fig. 6. The range of the Ca ii H and K lines. From top to bot[X/H]1D
tom,Element
the SDSS, the X-Shooter, and the UVES spectrum
(solid
black), overimposed the synthetic +3Dcor.
profile with metallicity
-4.5,
+NLTE
cor.
α-enhanced by 0.4 dex (solid green).

C
≤ −3.8
≤ −4.5
N
≤ −4.1
≤ −5.0
Mg i
−4.71 ± 0.11 −4.68 ± 0.11 −4.52 ± 0.11
Si i
−4.27
−4.30
−3.93
Ca i
−4.72
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−4.44
Ca ii
−4.81 ± 0.11 −4.93 ± 0.03 −5.02 ± 0.02
Ti ii
−4.75 ± 0.18 −4.83 ± 0.16 −4.76 ± 0.18
This implies that the star is far below the Spite plateau. This
± 0.13
± 0.10
−4.60 ± 0.13
mayFe
bei linked to−4.73
the fact
that, at −5.02
extremely
low metallicities,
Ni
i
−4.55
±
0.14
−4.90
±
0.11
the Spite plateau displays a “meltdown” (Sbordone et al. 2010)
Sr iiincreased ≤scatter
−5.10and a lower
≤ −5.25
≤ −4.94
i.e. an
mean Li abundance.
This
meltdown is clearly shown in the two components of the extremely metal-poor binary system CS 22876-32 ([Fe/H]=–3.6,
(Caffau et al. 2011, 2012)
the primary with effective temperature 6500 K, the secondary
5900 K), that show a different Li content (González Hernández
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Figure 1. Evolution of temperatures in prestellar cloud cores with metallicities
Z/Z! = 0, 10−6 , 10−5 , 10−4 , 10−3 , 10−2 , 10−1 , and 1, as functions of the
number density, which is calculated by one-zone models. The dashed lines
indicate the constant Jeans masses. For those above 102 M! (below 1 M! ), the
gas is assumed to be fully atomic (molecular) in drawing those lines.
(A color version of this figure is available in the online journal.)
(Omukai et al. 2005, 2010)
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prestellar collapse for various metallicities. This is calculated by one-zone
model until 104 cm−3 (dotted vertical line) and by hydrodynamical models
for the higher density. The constant Jeans masses are indicated by the dashed
lines.
(A color version of this figure is available in the online journal.)

channel:

transition: Pop III to Pop II.5
1796

OMUKAI, HOSOKAWA, & YOSHIDA

4
approach problem
with
106Msun 10
Msunhigh-resolution
102Msun 1Msun 10-2Msun
hydrodynamic
calculations of central
10000
parts of high-redshift halos

106Msun 104Msun 10
1022M
Msun
1 Msun
10-2-2MMsun
sun 1M
sun 10
sun

temperature T(K)

temperature T(K)

10000

1000

100

Z=0
[M/H]=-6
-5
-4
-3
-2
-1
-4
τ	
  =	
  1 10 Msun
0

10

1

0

5
10
15
-3
number density log (nH (cm ))

•
•
•
•
•

1000(40 million particles)
SPH
time-dependent chemistry (with dust)
sink particles to model star formation
100
external
dark-matter potential
focus on relevant density regime

(i.e. include dust dip and optically
10

1

20

Figure 1. Evolution of temperatures in prestellar cloud cores with metallicities
Z/Z! = 0, 10−6 , 10−5 , 10−4 , 10−3 , 10−2 , 10−1 , and 1, as functions of the
number density, which is calculated by one-zone models. The dashed lines
indicate the constant Jeans masses. For those above 102 M! (below 1 M! ), the
gas is assumed to be fully atomic (molecular) in drawing those lines.
(A color version of this figure is available in the online journal.)
(Omukai et al. 2005, 2010)
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Figure 2. Evolution of temperatures at the center of cloud cores during the
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model until 104 cm−3 (dotted vertical line) and by hydrodynamical models
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(A color version of this figure is available in the online journal.)

channel:

Fragmentation of star-forming clouds at very low metallicities
8

3

Dopcke et al.

cooling is more efficient at higher densities. The energy transfer from gas to dust vanishes when they couple in temperature,
[M/H]
-ininity
hence we=also
expect the cooling to cease when dust reaches
the gas temperature. In order to guide on the evaluation of the
effect of dust on the thermodynamic evolution of the gas and
verify these assumptions, we plot temperature and density for
the various metallicities tested in Figure 1. We compare the
evolution of the dust and gas temperatures in the simulations,
at the point of time just before the formation of the first sink
particle (see Table 1). The dust temperature (shown in blue)
varies from the CMB temperature in the low density region to
the gas temperature (shown in red) at much higher densities.
Changes in metallicity influence the the point in density
[M/H]
= -6
where dust
cooling becomes efficient. For the Z = 10−4 Z"
case, dust cooling begins to be efficient at n ≈ 1011 cm−3 .
While for Z = 10−5 Z" , the density where dust cooling becomes efficient is delayed until n ≈ 1013 cm−3 . For the Z
= 10−6 Z" case, dust cooling becomes important for n !
1014 cm−3 , preventing the gas temperature from getting higher
than 1500 K. For instance, the metal-free case reaches temperatures of approximately 2000 K.
The efficiency of the cooling expressed in the temperature
drop also varies with metallicity. The gas temperature decreases to roughly 400 K in the 10−5 Z" simulation, and 200 K
[M/H]
-5−4 Z" case. This temperature drop significantly
in the Z =
= 10
increases the number of Jeans masses present in the collapsing region, making the gas unstable to fragmentation. The
dust and the gas temperatures couple for high densities, when
the compressional heating starts to dominate again over the
dust cooling. The subsequent evolution of the gas is close to
adiabatic.
When we compare our results to the calculations of Omukai
et al. (2010), we find good agreement with their 1D hydrodynamical models, although we expected some small difference
due to effects of the turbulence and rotation (see Dopcke et al.,
2011) and
[M/H]
=also
-4 due to the use of different dust opacity models.
3.2. Heating and cooling rates.

Fig. 1.—:

Dependence of gas and dust temperatures on gas

The gas thermal evolution during the collapse takes different paths depending on the metallicity, as expressed in the
density-temperature diagram
1). In
order to
explain
Fig.(Figure
6.—: Sink
particle
mass
function at the point when 4.7
them, we take a closer look
at
the
cooling
and
heating
proM! of gas had been accreted by
the sink particles in each simcesses involved.
ulation. To resolve the fragmentation, the mass resolution is
: gas2 we show the
Inred
Figure
mainthan
cooling
heating
smaller
the and
Jeans
mass rates
at the point in the temperaturedivided
into
four panels for
the
different
metallicities.
blue: dust
density diagram where dust and gas couple and the compresThere are parts of the evolution where metallicity has no
Dopcke
submitted
todust
ApJ,cooling.
arXiv:1203.6842)
to
dominate
8 et −3
important effect, such assional
for forheating
n < 10starts
cm al.,
, 2012,
where
PdVover the
8
−3
heating dominates. For n > 10 cm , H2 line cooling starts
creating
more as
sparse
over-densities.
to become important. And
for densities
high as
1010 cm−3 ,

Fig. 7.—: Timesc
accretion (middle
versus enclosed g
The values were
was formed.
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[M/H] = -ininity

hints for differences
in mass spectrum

[M/H] = -6

disk fragmentation mode
[M/H] = -5

[M/H] = -4

gravoturbulent fragmentation mode

Fig. 6.—: Sink particle mass function at the point when 4.7
M! of gas had been accreted by the sink particles in each simulation. To resolve the fragmentation, the mass resolution is
smaller than the Jeans mass at the point in the temperaturedensity diagram where dust and gas couple and the compresDopckestarts
et al.,
submitted
ApJ,cooling.
arXiv:1203.6842)
sional heating
to2012,
dominate
over thetodust

creating more sparse over-densities.

Fig. 7.—: Timesc
accretion (middle
versus enclosed g
The values were
was formed.
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• slope of EOS in the density range 5
cm-3 ≤ n ≤ 16 cm-3 is γ≈1.06.
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• with non-zero angular momentum,
disk forms.

• disk is unstable1against frag0
mentation at high density
(Omukai et al. 2005, 2010)
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“classical” picture
REVIEWS

•

most current numerical
simulations of Pop III star
formation predict very
massive objects

(so-called ‘minihaloes’; M8 , solar mass). In the standard CDM
model, the minihaloes that were the first sites for star formation
are expected to be in place at redshift z < 20–30, when the age of
the Universe was just a few hundred million years14. These systems
correspond to (3–4)s peaks in the cosmic density field, which is
statistically described as a Gaussian random field. Such high-density
peaks are expected to be strongly clustered15, and thus feedback
effects from the first stars are important in determining the fate of
the surrounding primordial gas clouds. It is very likely that only one
star can be formed within a gas cloud, because the far-ultraviolet
radiation from a single massive star is sufficient to destroy all the
etcloud
al. 16,17
2002,
Yoshida
etthat
al.formed
2008,one
parent gas
. In principle,
a cloud
H(e.g.
2 in the Abel
of the first stars could fragment into a binary or multiple star sys18,19
, but simulations
based on self-consistent cosmological initial
tem
Bromm
et
al.
2009)
conditions do not show this20. Although the exact number of stars per
cloud cannot be easily determined, the number is expected to be
small, so that minihaloes will not be galaxies (see Box 1).
Primordial gas clouds undergo runaway collapse when sufficient
mass is accumulated at the centre of a minihalo. The minimum mass
at the onset of collapse is determined by the Jeans mass (more pre(e.g. Tan & McKee 2004)
cisely, the Bonnor–Ebert mass), which can be written as:
! "3=2 # $
T
n {1=2
ð1Þ
MJ <500M8
200
104
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a Cosmological halo

300 pc

d New-born protostar

b Star-forming cloud

5 pc

c Fully molecular part

• similar for theoretical
models

• there are some first hints

of fragmentation, however

for an atomic gas with temperature T (in K) and particle number
density n (in cm23). The characteristic temperature is set by the
energy separation of the lowest-lying rotational levels of the trace
amounts of H2, and the characteristic density corresponds to the
(Turk et al.
2009,
Stacy
al.cooling
2010)becomes less
thermalization
of these
levels,
above et
which
12
efficient . A number of atomic and molecular processes are involved
in the subsequent evolution of a gravitationally collapsing gas. It has
been suggested that a complex interplay between chemistry, radiative
cooling and hydrodynamics leads to fragmentation of the cloud21,
but vigorous fragmentation is not observed even in extremely high-

25 R .

10 AU

Figure 1 | Projected gas distribution around a primordial protostar. Shown
is the gas density (colour-coded so that red denotes highest density) of a
single object on different spatial scales. a, The large-scale gas distribution
around the cosmological minihalo; b, a self-gravitating, star-forming cloud;
c, the central part of the fully molecular core; and d, the final protostar.
Reproduced by permission of the AAAS (from ref. 20).

(Yoshida et al. 2008, Science, 321, 669)

much hotter than contemporary stars of the same mass, resulting in
significantly greater ionizing luminosities27.
State-of-the-art numerical simulations of the formation of the first

detailed look at accretion disk around first star
Greif et al.

of the
ation,
solus and
rofiles

100
dopt
ology
m =
ramndex
(e.g.,

successive zoom-in calculation from
cosmological initial conditions (using
SPH and new grid-code AREPO)

6

Dopc

Fig. 3.— The hydrogen number density averaged along the line
of sight in a slice of 10/h kpc (comoving) around the first star,
forming in a halo of total mass Mvir � 5 × 105 M⊙ at z � 20.
Evidently, the host halo is part of a larger conglomeration of less
massive minihalos, and subject to the typical bottom-up evolution
(Greif et al., 2007, ApJ, 670, 1)
of structure formation.

further collapsing (e.g., Bromm et al. 2002; Glover 2005).
For simplicity, we assume that such a clump forms a single star, and find that its location is reasonably well resolved by the minimum resolution mass, Mres � 500 M⊙ .
In Figure 3, we show the hydrogen number density in the
x-y and y-z plane, centered on the formation site of the

(Greif et al. 2011, ApJ, 737, 75, Greif et al. 2012, MNRAS, 424, 399,
Dopcke et al. 2012, ApJ submitted, arXiv1203.6842)

detailed look at accretion disk around first star
successive zoom-in calculation from
cosmological initial conditions (using
SPH and new grid-code AREPO)

6

Dopc

what is the time
evolution of
accretion disk
around first star
to form?
(Greif et al. 2011, ApJ, 737, 75, Greif et al. 2012, MNRAS, 424, 399,
Dopcke et al. 2012, ApJ submitted, arXiv1203.6842)

detailed look at accretion disk
Figure 1: Density evolution in a 120 AU region around the first protostar, showing the build-up
of the protostellar disk and its eventual fragmentation. We also see ‘wakes’ in the low-density
regions, produced by the previous passage of the spiral arms.
(Clark et al. 2011b, Science, 331, 1040)

important disk parameters

Figure 2: Radial profi
to form. The quantiti
Toomre
Q: the lower righ
disk. In
Q = cs /⇥G , wher
is Keplerian, we adop
instability for Q<1
The molecular fractio
by the number densit
(Clark et al. 2011b, Science, 331, 1040)

Figure 2: Radial profiles of the disk’s physical properties, centered on the first protostellar core

similar study with very different numerical method (AREPO)

one out of five halos
(Greif et al. 2011a, ApJ)

number

expected mass spectrum
MH-1

MH-2

MH-3

MH-4

MH-5

Sum / 2

1

we see “flat”
mass spectrum

1
0.1

1

10 0.1

1
M* [MO• ]

10 0.1

1
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(Greif et al. 2011, ApJ, 737, 75, also Dopcke et al. 2012 ApJ submitted, arXiv1203.6842)

expected mass spectrum
•
•

expected IMF is flat and covers a wide range of masses
implications

-

•

because slope > -2, most mass is in massive objects
as predicted by most previous calculations
most high-mass Pop III stars should be in binary systems
--> source of high-redshift gamma-ray bursts
because of ejection, some low-mass objects (< 0.8 M⦿)
might have survived until today and could potentially be
found in the Milky Way

consistent with abundance patterns found
in second generation stars

18
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(Tominaga et al. 2007)

The metallicities of extremely metalpoor stars in the halo are consistent
with the yields of core-collapse
supernovae, i.e. progenitor stars with 20
- 40 M⦿

Fig. 6.—Comparison between the [ X/ Fe] trends of observed stars (crosses: the previous studies [e.g., Gratton & Sneden 1991; Sneden et al. 1991; Edvardsson et al.
1993; McWilliam et al. 1995a, 1995b; Ryan et al. 1996; McWilliam 1997; Carretta et al. 2000; Primas et al. 2000; Gratton et al. 2003; Bensby et al. 2003]; open circles: CA04;
open squares: HO04) and those of individual stars models ( filled circles: normal SNe; filled triangles: HNe with case A; filled rhombus: HNe with case B) and IMF integration
( filled squares). The parameters are shown in Table 1.

(Joggerst et al. 2009, 2010)

(e.g. Tominaga et al. 2007, Izutani et al. 2009, Joggerst et al.
Figure 4. Mass abundance of He, O, Si, and Fe in Z = 0 (top) and 10−4 Z" (bottom)
252010)
M" stars after the end of RT-driven mixing. The snapshots are of the simulation
2009,
at 3.1 × 104 s, 6.3 × 104 s, and 2.7 × 104 s for z25B, z25D, and z25G, and 1.4 × 104 s, 5.3 × 104 s, and 1.2 × 105 s for models u25B, u25D, and u25G, respectively.
Red Z = 0 stars again show much more mixing than blue Z = 10−4 Z" stars, although it is not as extreme as in the 15 M" models, in which the difference in outer
radius between the z- and u-series progenitors was greater. Mixing again rises with explosion energy, which is 0.6, 1.2, 2.4 Bethe from left to right across the panels.

primordial star formation
•

•
•
•

just like in present-day SF, we expect
- turbulence
- thermodynamics
- feedback
- magnetic fields
to influence first star formation.
masses of first stars still uncertain (surprises from new
generation of high-resolution calculations that go beyond first collapse)

disks unstable: first stars should be binaries or part of small
clusters
effects of feedback less important than in present-day SF

IMF
distribution of stellar masses depends on
turbulent initial conditions
--> mass spectrum of prestellar cloud cores
collapse and interaction of prestellar cores
--> competitive accretion and N-body effects
thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)
(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

Introduction

high-mass star formation

We want to address the following questions:

Why
is the
of massive
stars associated
interesting?clusters) form?
do formation
massive stars
(and their
• how

•

what determines the upper stellar mass limit?

Massive stars
is the physics behind observed HII regions?
• what
govern matter cycle in galaxy
produce heavy elements
release large amounts of energy and momentum into ISM
Formation of massive stars is not understood!
begin hydrogen burning while still in main growth phase
star has to accrete despite high luminosities
Is the accretion terminated by feedback processes?

IMF (Kroupa 2002)

Rosetta nebula (NGC 2237)

(proto)stellar feedback processes

• radiation pressure on dust particles
• ionizing radiation
• stellar winds
• jets and outflows

ionization
- few numerical studies so far (e.g. Dale 2007, Gritschneder et al.

2009), detailed collapse calculations with ionizing and nonionizing feedback still missing
- HII regions around massive stars are directly observable
--> direct comparison between theory and observations

our (numerical) approach

• focus on collapse of individual high-mass cores...
-

massive core with 1,000 M☉

-

initial m=2 perturbation, rotation with β = 0.05

-

cell size 100 AU

Bonnor-Ebert type density profile

(flat inner core with 0.5 pc and rho ~ r-3/2 further out)

sink particle with radius 600 AU and threshold density
of 7 x 10-16 g cm-3

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)

our (numerical) approach

• method:
-

FLASH with ionizing and non-ionizing radiation using
raytracing based on hybrid-characteristics

-

protostellar model from Hosokawa & Omukai
rate equation for ionization fraction
relevant heating and cooling processes
some models include magnetic fields
first 3D MHD calculations that consistently treat both
ionizing and non-ionizing radiation in the context of highmass star formation

Peters et al. (2010a,b,c)

Disk Fragmentation
0.660 Myr

0.679 Myr

0.718 Myr

0.737 Myr

0.698 Myr

log10 (dens) in g cm−3
−22.0 −19.8 −17.5 −15.2 −13.0

box size 0.324 pc

disk is gravitationally unstable and fragments
we suppress secondary sink formation by “Jeans heating”
H II region is shielded effectively by dense filaments
ionization feedback does not cut off accretion!

Peters et al. (2010a,b,c)

Disk Fragmentation
0.660 Myr

0.691 Myr

0.726 Myr

0.746 Myr

0.709 Myr

log10 (dens) in g cm−3
−22.0 −19.8 −17.5 −15.2 −13.0

box size 0.324 pc

all protostars accrete from common gas reservoir
accretion flow suppresses expansion of ionized bubble
cluster shows “fragmentation-induced starvation”
halting of accretion flow allows bubble to expand
Peters et al. (2010a,b,c)

mass load onto the disk
exceeds inward transport
--> becomes gravitationally
unstable (see also Kratter & Matzner 2006,
Kratter et al. 2010)

fragments to form multiple
stars --> explains why highmass stars are seen in clusters
Peters et al. (2010a, ApJ, 711, 1017),
Peters et al. (2010b, ApJ, 719, 831),
Peters et al. (2010c, ApJ, 725, 134)

“burst” of
star formation

mass load onto the disk
exceeds inward transport
--> becomes gravitationally
unstable (see also Kratter & Matzner 2006,
Kratter et al. 2010)

fragments to form multiple
stars --> explains why highmass stars are seen in clusters
younger protostars form at larger radii

Peters et al. (2010a, ApJ, 711, 1017),
Peters et al. (2010b, ApJ, 719, 831),
Peters et al. (2010c, ApJ, 725, 134)

Accretion History

200

Run A
Run B
Run B (sum)

100
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single star
multiple stars
no radiation feedback
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M (M! )

1000
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10

50
1
0.60

0.65

0.70

0.75

0
0.60

0.65

t (Myr)

0.70

0.75

t (Myr)

compare with control run without radiation feedback
total accretion rate does not change with accretion heating
expansion of ionized bubble causes turn-off
no triggered star formation by expanding bubble
Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)

Run
Run
Run
Run

100

A
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D
E

Run A
Run B
Run D
Run E

80
Mtot (M! )

M (M! )

100

10

60
40
20

1
0.62

•
•

0.64
t (Myr)

0.66

0.68

0
0.60

0.62

0.64
0.66
t (Myr)

0.68

0.70

magnetic fields lead to weaker fragmentation
central star becomes more massive (magnetic breaking

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134), Peters et al. (2011, ApJ, 729, 72

= 14.5 kyr

Mmm = 6.22 M

Figure 3. Radial density profile round the central protostar in
run PL15-m-2. The gas density first increases in the immediate
proximity of the protostar due to the global infall. At later times,
the surrounding companions branch off most of the gas, leading
to a continuous decrease of the density.

5
Fragmentation-induced starvation
in a complex cluster

Importance of Initial Conditions for SF
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Ṁ [10

-15.5
-16

Nsink = 4

= 14.8 kyr

-16.5

Mtot = 6.42 M

-17

Mmm = 6.30 M

100

1000

r [AU]

12
10
8

t 14.3
t = 14.4
t = 14.6
t = 14.7
t = 14.9
t = 15.0
t = 15.2
t ⇥ 15.4

6

kyr,
kyr,
kyr,
kyr,
kyr,
kyr,
kyr,
kyr,

N
N
N
N
N
N
N
N

= 1
= 2
= 4
= 6
= 9
= 10
= 13
⇥ 16

rsink

4
2
0

10000

0.01

0.1

1

10

r [kAU]

Figure 3. Radial density profile round the central protostar in
Figure 4. Accretion rate onto spherical shells around the central
run PL15-m-2. gas
The density
gas density
first
increases
in
the
immediate
as function of radius
mass
flow
center
as by rsink .
protostar in the
cluster.
Itstowards
accretion the
radius
is indicated
proximity of the protostar due to the global infall. At later times,
several curves
for tat6different
14.3 kyr, times
where there is
differentbranch
timesoff most of the gas, leadingThe plot showsfunction
of radius
the surroundingatcompanions
only one sink particle (N = 1). Before the formation of secondary
to a continuous decrease of the density.

Nsink = 6

Mtot = 6.56 M

]

16

t 14.3 kyr, N = 1
t
= 14.4
kyr,
N= 2
Girichidis
et al.
(2011a,b)
14
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t = 14.7 kyr, N = 6
12
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protostars the accretion rate in the centre is roughly constant.
Immediately after surrounding companions have condensed out,
the accretion front moves to larger radii and starves the central
object. At later simulation times (t > 15.4 kyr) the accretion rate
varies, but stays very small for all curves.

200

sum)

Mtot (M! )

150

single star
multiple stars
no radiation feedback

100
50

0.70

0.75

0
0.60

0.65

yr)

0.70

0.75

t (Myr)

ontrol run without radiation feedback

rate does not change with accretion heating

nized bubble causes turn-off

Peters et al. (2010a,b,c)

relation between maximum stellar mass and total stellar mass

Bonnell et al. (2004):
competitive accretion

Peters et al. (2010):
fragmentation-induced starvation

Dynamics of the H II Region and Outflow
0.660 Myr

0.679 Myr

0.718 Myr

0.737 Myr

0.698 Myr

log10 (dens) in g cm−3
−22.0 −19.8 −17.5 −15.2 −13.0

box size 0.324 pc

Peters et al. (2010a,b,c)

thermal pressure drives bipolar outflow
filaments can effectively shield ionizing radiation
when thermal support gets lost, outflow gets quenched again
no direct relation between mass of star and size of outflow

Dynamics of the H II Region and Outflow
0.660 Myr

0.691 Myr

0.726 Myr

0.746 Myr

0.709 Myr

log10 (dens) in g cm−3
−22.0 −19.8 −17.5 −15.2 −13.0

box size 0.324 pc

Peters et al. (2010a,b,c)

bipolar outflow during accretion phase
when accretion flow stops, ionized bubble can expand
expansion is highly anisotropic
bubbles around most massive stars merge

Simulated Radio Continuum Maps

numerical data can be used to generate continuum maps
calculate free-free absorption coefficient for every cell
integrate radiative transfer equation (neglecting scattering)
convolve resulting image with beam width
VLA parameters:
distance 2.65 kpc
wavelength 2 cm
FWHM 0.!! 14
noise 10−3 Jy

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)

Classification of UC H II Regions

Wood & Churchwell 1989 classification of UC H II regions
Question: What is the origin of these morphologies?
UC H II lifetime problem: Too many UC H II regions observed!

H II Region Morphologies
0.716 Myr
23.391 M!

shell-like

0.686 Myr
22.464 M!

core-halo 0.691 Myr
22.956 M!

0.671 Myr
20.733 M!

spherical

0.704 Myr
23.391 M!

irregular

cometary

emission at 2 cm in mJy/beam
0.00 11.25 22.50 33.75 45.00

box size 0.122 pc

synthetic VLA observations at 2 cm of simulation data
interaction of ionizing radiation with accretion flow creates
high variability in time and shape
flickering resolves the lifetime paradox!
Peters et al. (2010a,b,c)

Morphology of HII region depends on
viewing angle
Peters et al. (2010a,b,c)

H II Region Morphologies

Type
Spherical/Unresolved
Cometary
Core-halo
Shell-like
Irregular

WC89
43
20
16
4
17

K94
55
16
9
1
19

single
19
7
15
3
57

multiple
60 ± 5
10 ± 5
4±2
5±1
21 ± 5

WC89: Wood & Churchwell 1989, K94: Kurtz et al. 1994

statistics over 25 simulation snapshots and 20 viewing angles
statistics can be used to distinguish between different models
single sink simulation does not reproduce lifetime problem

Peters et al. (2010a,b,c)

Time Variability
time variability
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t − 690 kyr

8.0

correlation between accretion events and H II region changes
time variations in size and flux have been observed
changes of size and flux of 5–7%yr−1 match observations
Franco-Hernández et al. 2004, Rodrı́guez et al. 2007, Galván-Madrid et al. 2008
(Galvan-Madrid et al. 2011)

Some results

•
•
•
•
•

ionization feedback cannot stop accretion

•
•

rapid accretion through dense and unstable flows

ionization drives bipolar outflows
HII regions show high variability in time and shape
all classified morphologies can be observed in one run
lifetime of HII regions determined by accretion
timescale (and not by expansion time)
fragmentation limits further accretion of massive stars

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134), Peters et al. (2011, ApJ, 729, 72
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Star formation is intrinsically a multi-scale and multi-physics problem.
Many different processes need to be considered simultaneously.

Carina with HST

Star formation is intrinsically a multi-scale and multi-physics problem.
Many different processes need to be considered simultaneously.

• stars form from the complex interplay of self-gravity and a large number of
competing processes (such as turbulence, B-field, feedback, thermal
pressure)

• thermodynamic properties of the gas (heating vs cooling) play a key role in
the star formation process

• detailed studies require the consistent treatment of many different

physical and chemical processes (theoretical and computational challenge)

• star formation is regulated by several feedback loops, which are still poorly
understood

Carina with HST

Protostars and Planets VI
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