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complexity of stellar birth
•

stars form from the complex competition between

-

•

GRAVITY leading to compression

and a large number of opposing forces

-

GAS PRESSURE
TURBULENCE
MAGNETIC FIELDS
RADIATION PRESSURE
and others . . . (e.g. cosmic rays)

Star formation is intrinsically a multi-scale and multi-physics problem.
Many different processes need to be considered simultaneously.
HH 901/902 in Carina with HST

some controversy
• initial conditions for star formation
• formation of high-mass stars
• formation of the first stars: importance of thermodynamics
• application: stellar mass function

Star formation is intrinsically a multi-scale and multi-physics problem.
Many different processes need to be considered simultaneously.
HH 901/902 in Carina with HST
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stellar mass fuction
stars seem to follow a universal
mass function at birth --> IMF

(Kroupa 2002)

Orion, NGC 3603, 30 Doradus
(Zinnecker & Yorke 2007)

star formation process
• distribution of stellar masses depends on
-

turbulent initial conditions and strength of B
--> mass spectrum of prestellar cloud cores

-

collapse and interaction of prestellar cores
--> accretion and N-body effects

-

thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

-

(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

(Kroupa 2002)
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ICs of star cluster formation
• key question:
-

• observers answer:
-

-

very difficult to determine!
‣ most high-mass cores have
some SF inside
‣ infra-red dark clouds (IRDCs)
are difficult to study

but, new results with Herschel

IRDC near Aquila rift, studied with the SMA: J. Swift & E. Churchwell

what is the initial density profile
of cluster forming cores? how
does it compare low-mass cores?

ICs of star cluster formation
• key question:
-

what is the initial density profile of cluster forming
cores? how does it compare low-mass cores?

• theorists answer:
-

top hat (Larson Penston)
Bonnor Ebert (like low-mass cores)
power law ρ∝r -1 (logotrop)
power law ρ∝r -3/2 (Krumholz, McKee, etc)
power law ρ∝r -2 (Shu)
and many more

different density profiles
• does the density profile matter?
.
.
.

• in comparison to
-

turbulence ...
radiative feedback ...
magnetic fields ...
thermodynamics ...

different density profiles
• address question in simple numerical experiment
• perform extensive parameter study
-

different profiles (top hat, BE, r-3/2, r-3)
different turbulence fields
‣ different realizations
‣ different Mach numbers
‣ solenoidal turbulence
dilatational turbulence
both modes

-

no net rotation, no B-fields
(at the moment)

Girichids, Federrath, Banerjee, Klessen (2011abc)

Girichids et al. (2011abc)

ICs with flat inner density profile on
average form more fragments

number of
protostars

however, the real situation is very complex:
details of the initial turbulent field matter
Girichids et al. (2011abc)

different density profiles
• different density profiles lead to very different
fragmentation behavior

• fragmentation is strongly suppressed for very
peaked, power-law profiles

• this is good, because it may explain some of the theoretical
controversy, we have in the field

• this is bad, because all current calculations are “wrong” in
the sense that the formation process of the star-forming
core is neglected.

• CONCLUSION: take molecular cloud formation

into account in theoretical / numerical models!

are there “dark” clouds?
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cloud in each case – i.e. one that would be seen by an observer
via CO emission. We then go on to look at how the post-processed
CO maps of HH08 compare to our fully self-consistent and timedependent treatment of the cloud chemistry. Finally, we look at how
the observable properties of the CO vary with time as the clouds
(and star-forming regions) are assembled.

Figure 3. Evolution with time of the maximum density (blue, solid line)
and minimum temperature (red, dashed line) in the slow flow (top panel) and
the fast flow (bottom panel). Note that at any given instant, the coldest SPH
particle is not necessarily the densest, and so the lines plotted are strictly
independent of one another.

owing to the fact that in this case, star formation begins before all
of the low-density, unshocked gas has had time to cool sufficiently

would lead to an overestimate
be traced by CO, and thus id
fast flow, the HH08 approach
from low to high CO abunda
1, although for gas with a tem
with T ∼ 50 K and AV,mean
4.1 General chemical evolution of the flows
Similar results were found in
Bergin et al. (2004), who foun
An overview of the chemical state of the gas can be found in Fig. 6.
AV,mean ∼ 2 for CO to form e
The left-hand plots depict how the global chemical state of the gas
evolves as the flow advances. They show the fraction of the available
The motivation for the extin
hydrogen that is in the form of H2 and the fraction of the available
provided
by the study of van D
carbon that is in the form of C+ , C or CO. The fraction of the total
strated
that
in uniform densit
carbon that is incorporated into other molecules, such as HCO+ , is
abundant in regions that have
always very small and is not plotted. The right-hand plots show the
the van Dishoeck & Black (1
maximum abundances of H2 and CO within the simulation, which
inhomogeneities in the gas, w
tells us whether there are any molecular-dominated regions within
the flow. Note that in this plot, the abundances are given with respect
complicating the relationship
to the overall number of hydrogen nuclei (a conserved quantity),
visual extinction (see e.g. Glo
such that gas in the form of pure H2 will have a fractional abundance
therefore implicitly assumes t
of H2 that is 0.5, whereas gas in which all of the carbon is in the
T < 50 K is dense enough to
form of CO will have a fractional abundance of CO that is 1.4 ×
see in Fig. 7, this is not the ca
10−4 .
the relationship between AV,m
We start by looking at the evolution of the H2 in the cloud in Fig. 6.
of
the gas with AV,mean ∼ 1
The left-hand plot shows that the gas goes from being completely
atomic – as in our initial conditions – to having around 10 per cent of
hence although it is relatively
its hydrogen in molecular form by the point at which star formation
diffuse to have a high CO abu
sets in (∼7 per cent in the case of the slow flow and ∼12 per cent in
around 1000 cm−3 is also fou
the case of the fast flow). The initial rise in the amount of H2 is also
models (see e.g. Molina, Glo
sharp, going from essentially zero to around a per cent over a period
One can see by just how m
of less than 2 Myr in each flow. Such a rapid rise can be understood
be
overestimated by looking
by looking at the density evolution in Fig. 4. We see that for each
temperature distribution in ter
flow, the sudden rise in the H2 fraction is accompanied by a rapid
rise in the amount of gas with a density above 100 cm−3 . Since the
is around an order of magnitu
Figure
5.2 The
distribution in
is ofgas
thetemperature–density
order of 109 /n Myr (Hollenbach
&the flows at the onset
formation time
of H
range 20 < T < 50 K than a tem
of star
formation.
McKee 1979),
where
n is the number density of the gas, we see
mean
visual extinction of gas
Clark et al. (2012)
that once the gas density exceeds 100 cm−3 , the time required to
as shown in Fig. 7, we see th
convert a largeIn
fraction
of the hydrogenthe
to molecular
form becomes
our calculations,
visual extinction
is calculated during
in inferred ‘molecular
also
Pringle,
(2001),
Hosokawa
& Inutsuka result
(2007)
of thesee
orderthe
of atree
few
Myr.
theLubov
sudden appearance
of
H2using our recently
walkTherefore,
to Allen,
get the
gravitational
forces,
massive than those predicted
is simply a developed
consequenceTREECOL
of the structure
that
is
formed
in
the
flows.
algorithm (Clark, Glover & KlessenClark et al.
Nevertheless, it is clear tha
Fig. 6 also shows that some pockets of gas can become almost
2012), as described in Section 2.1. This yields a 48-pixel map of

are there “dark” clouds?
Molecular cloud formation time-scales
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Figure 6. Chemical evolution of the gas in the flow. In the left-hand column, we show the time evolution of the fraction of the total mass of hydrogen that is
in the form of H2 (red solid line) for the 6.8 km s−1 flow (upper panel) and the 13.6 km s−1 flow (lower panel). We also show the time evolution of the fraction
of the total mass of carbon that is in the form of C+ (green dashed line), C (orange dot–dashed line) and CO (blue double-dot–dashed line). In the right-hand
column, we show the peak values of the fractional abundances of H2 and CO. These are computed relative to the total number of hydrogen nuclei, and so the
maximum fractional abundances of H2 and CO are 0.5 and 1.4 × 10−4 , respectively. Again, we show results for the 6.8 km s−1 flow in the upper panel and the
13.6 km s−1 flow in the lower panel. Note that the scale of the horizontal axis differs between the upper and lower panels.

Clark et al. (2012)

resulting maps are hence those that would be seen by an observer
sitting at positive x (i.e. one who is looking along the flow).
The images in Fig. 9 show the results from the radiative transfer

see also Pringle, Allen, Lubov (2001), Hosokawa & Inutsuka (2007)
In both cases, the extent of the CO emission reflects the column
density distribution in the gas. In general, however, it seems that at
these early times the CO is confined to regions that are undergoing

Molecular cloud formation time-scales

2609

H2 column
CO emission

Clark et al. (2012)
Figure 9. The images show the evolution of the column number density, N, and the velocity-integrated intensity in the J = 1–0 line of 12 CO, W CO (1–0),
for the region in which the first star forms in each of the flows. Four times are shown: 2 Myr prior to star formation (upper left-hand panels), 1 Myr prior to
star formation (upper right-hand panels), the point of star formation (lower left-hand panels) and 0.8 Myr after the onset of star formation (lower right-hand

Molecular cloud formation time-scales

2609

are there “dark” clouds?
most likely YES !
we can now do calculations,
that include proper initial
conditions!
Clark et al. (2012)
Figure 9. The images show the evolution of the column number density, N, and the velocity-integrated intensity in the J = 1–0 line of 12 CO, W CO (1–0),
for the region in which the first star forms in each of the flows. Four times are shown: 2 Myr prior to star formation (upper left-hand panels), 1 Myr prior to
star formation (upper right-hand panels), the point of star formation (lower left-hand panels) and 0.8 Myr after the onset of star formation (lower right-hand
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Crutcher et al. (2009)

Field reversal in the outer parts.
This is incompatible with “standard”
ambipolar diffusion theory!
Crutcher et al. (2009)

example: L1448

Crutcher et al. (2009)

Lunttila et al. (2008)

example: L1448

Mass-to-flux ratio in turbulent cores

3167

Figure 3. Logarithmic column density map computed along the LoS in the y-direction for an initial plasma β of β 0 = 0.01 (i.e. for a very strong field, left-hand
Bertram
panel)
and β 0 = et
100al.
(i.e.(2012)
for a very weak field, right-hand panel) at t = 2.0T. For β 0 = 0.01, one can see the outstanding z-direction of the magnetic field,
while for β 0 = 100, the magnetic field is so weak that turbulence can easily tangle the magnetic field lines, such that the overall density structure is rather
isotropic. Also labelled are the positions of 40 density peaks (dot in the middle of each circle), which fulfil our threshold condition and the maximum diameter

Lunttila et al. (2008)

example: L1448

Bertram et al. (2012)

Also numerical models of prestellar
cores forming in turbulent MHD
simulations of ISM dynamics show
a large number of field reversals.

Figure 4. Distribution of clumps in different LoS directions for (i) PPP and (ii) PP measurements and observed cor

Lunttila et al. (2008)

example: L1448

this needs to be redone with
new chemodynamical cloud
formation models and with
calculating synthetic
polarization maps
Bertram et al. (2012)

Also numerical models of prestellar
cores forming in turbulent MHD
simulations of ISM dynamics show
a large number of field reversals.

Figure 4. Distribution of clumps in different LoS directions for (i) PPP and (ii) PP measurements and observed cor

star formation process
• distribution of stellar masses depends on
-

turbulent initial conditions and strength of B
--> mass spectrum of prestellar cloud cores

-

collapse and interaction of prestellar cores
--> accretion and N-body effects

-

thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

-

(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

(Kroupa 2002)
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(b) Column density plots of cold neutral gas and stars (left panel), cold neutral gas and hot ionized gas (centre panel) and hot ionized
gas alone (left panel) 1.08 Myr after ionization was turned on.

(c) Column density plots of cold neutral gas and stars (left panel), cold neutral gas and hot ionized gas (centre panel) and hot ionized
gas alone (left panel) 2.18 Myr after ionization was turned on.
Figure 6. Evolution of the ionized and neutral gas.

from Dale & Bonnell (2012)
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Ionizing feedback from massive stars in massive clusters: Fake bubbles and untriggered star formation
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Figure 7. Hammer projections showing directions in which ionizing radiation is absorbed before reaching a radius of 5pc (black areas)
from the point of view of three sources at the time when ionizing radiation was switched on.
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Figure 8. Hammer projections showing directions in which ionizing radiation is absorbed before reaching a radius of 5pc (black areas)
from the point of view of three sources 1.62 Myr after ionizing radiation was switched on.

from Dale & Bonnell (2012)
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Fig. 6.—Evolution of the central (proto)stars’ masses for the frequencydependent F sequences. After an initial delay, the mass accretion rates rise
rapidly to comparable values (given by the slope of the curves) and fall off
rapidly as radiative effects inhibit further accretion (see also Fig. 7).

Fig. 9.—Distribution of density, velocity, and grain temperature for case G60 at evolutionary times as indicated in Table 4. Symbols and lines are as in
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emission from dust warmer than about 400 K. Even in the
rather late formation stages considered here—the central

(proto)stellar feedback processes

• radiation pressure on dust particles
• ionizing radiation
• stellar winds
• jets and outflows

ionization
- very few numerical studies so far, detailed collapse calculations

with ionizing and non-ionizing feedback still missing
- HII regions around massive stars are directly observable
--> direct comparison between theory and observations

our (numerical) approach

• focus on collapse of individual high-mass cores...
-

massive core with 1,000 M☉

-

initial m=2 perturbation, rotation with β = 0.05

-

cell size 100 AU

Bonnor-Ebert type density profile

(flat inner core with 0.5 pc and rho ~ r-3/2 further out)

sink particle with radius 600 AU and threshold density
of 7 x 10-16 g cm-3

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)

our (numerical) approach

• method:
-

FLASH with ionizing and non-ionizing radiation using
raytracing based on hybrid-characteristics

-

protostellar model from Hosokawa & Omukai
rate equation for ionization fraction
relevant heating and cooling processes
some models include magnetic fields

Peters et al. (2010a,b,c)

Disk Fragmentation
0.660 Myr

0.679 Myr

0.718 Myr

0.737 Myr

0.698 Myr

log10 (dens) in g cm−3
−22.0 −19.8 −17.5 −15.2 −13.0

box size 0.324 pc

disk is gravitationally unstable and fragments
we suppress secondary sink formation by “Jeans heating”
H II region is shielded effectively by dense filaments
ionization feedback does not cut off accretion!

Peters et al. (2010a,b,c)

Disk Fragmentation
0.660 Myr

0.691 Myr

0.726 Myr

0.746 Myr

0.709 Myr

log10 (dens) in g cm−3
−22.0 −19.8 −17.5 −15.2 −13.0

box size 0.324 pc

all protostars accrete from common gas reservoir
accretion flow suppresses expansion of ionized bubble
cluster shows “fragmentation-induced starvation”
halting of accretion flow allows bubble to expand
Peters et al. (2010a,b,c)

box size 0.122 pc

interplay of ionization and B-field

Figure 9. H ii region morphologies in run E. The figure shows synthetic maps of free–free emission from ultracompact H ii regions around the massive protostar at
different time steps and from different viewing angles. The cluster is assumed to be 2.65 kpc away, the full width at half-maximum of the beam is 0.!! 14 and the noise
level is 10−3 Jy. This corresponds to typical VLA parameters at a wavelength of 2 cm. The protostellar mass of the central star which powers the H ii region is given
in the images. The black dots represent sink particles.
(A color version of this figure is available in the online journal.)
0.656 Myr

box size 0.162 pc
log10 pmag in erg cm−3

log10 pth in erg cm−3
−13.0
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−6.2

−4.0

Figure 10. Comparison of thermal and magnetic pressure for the data from the lefthand panels in Figure 5. The thermal pressure pth inside the H ii region (left) is
of comparable magnitude to the magnetic pressure pmag outside the H ii region (right). Thus, magnetic pressure plays a significant role in constraining the size of
expanding H ii regions. The black dots represent sink particles.
(A color version of this figure is available in the online journal.)

Peters et al. (2011)

4. SUMMARY AND CONCLUSION

both ionizing and non-ionizing radiation. We used sink particles

magnetic energy density
plasma beta = Pth/Pmag

• magnetic tower flow creates roundish bubble
• magnetic field does not change HII morphology

Peters et al. (2011, ApJ, 729, 72)

Magnetic fields in massive star formation II

D. Seifried et al.

strong B-field

400

10

200

0

-3000 -2000 -1000
-400

0
x / AU

200

400

0
z 600
/ AU

-17

10 km/s

-14

12

-15

10

0

8

-1000

-1

vz / km s

-17

-1000

-16

6
-17

4
2

-18

-500

0

0
x / AU

500

1000

500 AU
1000 AU
2000 AU
3000 AU

density on larger scales
and later times

10 km/s

-2
t = 4000 yr

vz [km s-1]

-15

1000

4

500

2

0

-3

log( $ / g cm )

z / AU

z / AU

-200

500

-500

Next, we describe global properties of the outflow gener-18
ated in run 5.2-4 which has a 5 times stronger initial mag-2000
0
2000
netic field than run 26-4 (see Table
1). The
x / AU outflow shown
10 km/s
in Fig. 7 reveals significant differences compared to the outflow in run 26-4 (comparet =Fig.
2). Whereas the latter is well v [km s-1]
5000 yr
z
15
collimated with a collimation factor of ∼ 4, the former has a
rather sphere-like morphology expanding with roughly the
same speed in all directions, therefore also maintaining a
2000for all times. The outflow velocities
self-similar morphology
10
reach values of up to 5 km s−1 about a factor of 2 - 3 lower
than in run 26-4. The expansion speed of the outflow is almost constant over time0 with a value of 0.28 AU yr−1 " 1.3
5
km s−1 . This is noticeably smaller than the expansion speed
of 1 AU yr−1 observed in run 26-4. Consequently also the
bow shock structure in run 5.2-4 is less pronounced.
0
-2000
Furthermore, a closer
inspection of the outflow in run
5.2-4 reveals that in particular close to the symmetry axis
and the centre of the bubble gas is still falling inwards even
-5
at late times. Gas with outwards
motion 0occurs mainly
in
-2000
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x / AU
the outer wings. The outflow direction in
the inner part is
almost radial and gets collimated at relatively large radii

density in inner region
times
1000 and
2000 early
3000

-16

Figure 3. Position-velocity (top) and position-density (bottom)
diagram
for the weak-field run 26-4
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increasing with dis1000
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attributed to internal shock fronts.
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vertical and horizontal200direction (see top panel of Fig. 2)
with the outer edge of the bubble coinciding with the po-14.0
sition of the accretion100
shock at the disc edge. It is only in
this initial stage when we call the outflow a magnetic tower
flow (Lynden-Bell 1996,0 2003). In contrast to the situation
-14.5
at 5000 yr in this transient phase there is no acceleration
of gas from the disc. In
-100 fact, the gas is accelerated only at
-15.0
the tip of the outflow. Therefore the situation differs significantly from the later-200
stages. After ∼ 2000 yr a fast, well
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collimated outflow component, the centrifugal driven jet develops in the region close
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-300
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100
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100 AU) Keplerian disc whereas prior tox /that
disc rotation 10 km/s
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5000magnetic
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In summary, besidest =the
field line structure,log($ [g cm ])
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the application of the criterion derived in this work strongly
indicates that the outflow is mainly driven centrifugally at
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|z| ! 800 AU while the
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at large radii and larger heights where the flow is magnetocentrifugally driven.
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mass load onto the disk
exceeds inward transport
--> becomes gravitationally
unstable (see also Kratter & Matzner 2006,
Kratter et al. 2010)

fragments to form multiple
stars --> explains why highmass stars are seen in clusters
Peters et al. (2010a, ApJ, 711, 1017),
Peters et al. (2010b, ApJ, 719, 831),
Peters et al. (2010c, ApJ, 725, 134)

“burst” of
star formation

mass load onto the disk
exceeds inward transport
--> becomes gravitationally
unstable (see also Kratter & Matzner 2006,
Kratter et al. 2010)

fragments to form multiple
stars --> explains why highmass stars are seen in clusters
younger protostars form at larger radii

Peters et al. (2010a, ApJ, 711, 1017),
Peters et al. (2010b, ApJ, 719, 831),
Peters et al. (2010c, ApJ, 725, 134)

Accretion History
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Run B (sum)
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0.60
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0
0.60

0.65
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0.70

0.75

t (Myr)

compare with control run without radiation feedback
total accretion rate does not change with accretion heating
expansion of ionized bubble causes turn-off
no triggered star formation by expanding bubble
Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)
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•
•
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0
0.60
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magnetic fields lead to weaker fragmentation
central star becomes more massive (magnetic breaking

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134), Peters et al. (2011, ApJ, 729, 72

= 14.5 kyr

Mmm = 6.22 M

Figure 3. Radial density profile round the central protostar in
run PL15-m-2. The gas density first increases in the immediate
proximity of the protostar due to the global infall. At later times,
the surrounding companions branch off most of the gas, leading
to a continuous decrease of the density.

5
Fragmentation-induced starvation
in a complex cluster

Importance of Initial Conditions for SF
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Figure 4. Accretion rate onto spherical shells around the central
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protostars the accretion rate in the centre is roughly constant.
Immediately after surrounding companions have condensed out,
the accretion front moves to larger radii and starves the central
object. At later simulation times (t > 15.4 kyr) the accretion rate
varies, but stays very small for all curves.

Dynamics of the H II Region and Outflow
0.660 Myr

0.679 Myr

0.718 Myr

0.737 Myr

0.698 Myr

log10 (dens) in g cm−3
−22.0 −19.8 −17.5 −15.2 −13.0

box size 0.324 pc

Peters et al. (2010a,b,c)

thermal pressure drives bipolar outflow
filaments can effectively shield ionizing radiation
when thermal support gets lost, outflow gets quenched again
no direct relation between mass of star and size of outflow

Dynamics of the H II Region and Outflow
0.660 Myr

0.691 Myr

0.726 Myr

0.746 Myr

0.709 Myr

log10 (dens) in g cm−3
−22.0 −19.8 −17.5 −15.2 −13.0

box size 0.324 pc

Peters et al. (2010a,b,c)

bipolar outflow during accretion phase
when accretion flow stops, ionized bubble can expand
expansion is highly anisotropic
bubbles around most massive stars merge

Simulated Radio Continuum Maps

numerical data can be used to generate continuum maps
calculate free-free absorption coefficient for every cell
integrate radiative transfer equation (neglecting scattering)
convolve resulting image with beam width
VLA parameters:
distance 2.65 kpc
wavelength 2 cm
FWHM 0.!! 14
noise 10−3 Jy

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)

Classification of UC H II Regions

Wood & Churchwell 1989 classification of UC H II regions
Question: What is the origin of these morphologies?
UC H II lifetime problem: Too many UC H II regions observed!

H II Region Morphologies
0.716 Myr
23.391 M!

shell-like

0.686 Myr
22.464 M!

core-halo 0.691 Myr
22.956 M!

0.671 Myr
20.733 M!

spherical

0.704 Myr
23.391 M!

irregular

cometary

emission at 2 cm in mJy/beam
0.00 11.25 22.50 33.75 45.00

box size 0.122 pc

synthetic VLA observations at 2 cm of simulation data
interaction of ionizing radiation with accretion flow creates
high variability in time and shape
flickering resolves the lifetime paradox!
Peters et al. (2010a,b,c)

H II Region Morphologies

Type
Spherical/Unresolved
Cometary
Core-halo
Shell-like
Irregular

WC89
43
20
16
4
17

K94
55
16
9
1
19

single
19
7
15
3
57

multiple
60 ± 5
10 ± 5
4±2
5±1
21 ± 5

WC89: Wood & Churchwell 1989, K94: Kurtz et al. 1994

statistics over 25 simulation snapshots and 20 viewing angles
statistics can be used to distinguish between different models
single sink simulation does not reproduce lifetime problem

Peters et al. (2010a,b,c)

Some results

•
•
•
•
•

ionization feedback cannot stop accretion

•
•

rapid accretion through dense and unstable flows

ionization drives bipolar outflows
HII regions show high variability in time and shape
all classified morphologies can be observed in one run
lifetime of HII regions determined by accretion
timescale (and not by expansion time)
fragmentation limits further accretion of massive stars

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134), Peters et al. (2011, ApJ, 729, 72

star formation process
• distribution of stellar masses depends on
-

turbulent initial conditions
--> mass spectrum of prestellar cloud cores

-

collapse and interaction of prestellar cores
--> accretion and N-body effects

-

thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

-

(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN, etc.

application to early star formation

(Kroupa 2002)

thermodynamics & fragmentation
degree of fragmentation depends on EOS!
polytropic EOS: p ∝ργ
γ<1: dense cluster of low-mass stars
γ>1: isolated high-mass stars
(see Li et al. 2003; also Kawachi & Hanawa 1998, Larson 2003)

dependency on EOS

γ=0.2

γ=1.0

γ=1.2

for γ<1 fragmentation is enhanced  cluster of low-mass stars
for γ>1 it is suppressed  isolated massive stars
(from Li, Klessen, & Mac Low 2003, ApJ, 592, 975)

how does that work?
(1)

p ∝ ργ  ρ ∝ p1/ γ

(2)

Mjeans ∝ γ3/2 ρ(3γ-4)/2

• γ<1: 
	


• γ>1:

large density excursion for given pressure
 〈Mjeans〉 becomes small
 number of fluctuations with M > Mjeans is large
 small density excursion for given pressure
 〈Mjeans〉 is large
 only few and massive clumps exceed Mjeans
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present-day star formation
τ=1

(Larson 1985, Larson 2005)

Z=0
γ = 1.1
γ = 0.7

IMF in nearby molecular clouds
with ρcrit ≈ 2.5×105 cm-3
at SFE ≈ 50%

need appropriate
EOS in order to get
low mass IMF right

(Jappsen et al. 2005, A&A, 435, 611)
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• slope of EOS in the density range 5
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≤ n ≤ 16
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10

is γ≈1.06.

• with non-zero angular momentum,
disk forms.

• disk is unstable1against frag0
mentation at high density
(Omukai et al. 2005, 2010)
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metal-free star formation
REVIEWS

•

most current numerical
simulations of Pop III star
formation predict very
massive objects

(so-called ‘minihaloes’; M8 , solar mass). In the standard CDM
model, the minihaloes that were the first sites for star formation
are expected to be in place at redshift z < 20–30, when the age of
the Universe was just a few hundred million years14. These systems
correspond to (3–4)s peaks in the cosmic density field, which is
statistically described as a Gaussian random field. Such high-density
peaks are expected to be strongly clustered15, and thus feedback
effects from the first stars are important in determining the fate of
the surrounding primordial gas clouds. It is very likely that only one
star can be formed within a gas cloud, because the far-ultraviolet
radiation from a single massive star is sufficient to destroy all the
etcloud
al. 16,17
2002,
Yoshida
etthat
al.formed
2008,one
parent gas
. In principle,
a cloud
H(e.g.
2 in the Abel
of the first stars could fragment into a binary or multiple star sys18,19
, but simulations
based on self-consistent cosmological initial
tem
Bromm
et al. 2009)
conditions do not show this20. Although the exact number of stars per
cloud cannot be easily determined, the number is expected to be
small, so that minihaloes will not be galaxies (see Box 1).
Primordial gas clouds undergo runaway collapse when sufficient
mass is accumulated at the centre of a minihalo. The minimum mass
at the onset of collapse is determined by the Jeans mass (more pre(e.g. Tan & McKee 2004)
cisely, the Bonnor–Ebert mass), which can be written as:
! "3=2 # $
T
n {1=2
ð1Þ
MJ <500M8
200
104

NATUREjVol 459j7 May 2009

a Cosmological halo

300 pc

d New-born protostar

b Star-forming cloud

5 pc

c Fully molecular part

• similar for theoretical
models

• there are some first hints

of fragmentation, however

for an atomic gas with temperature T (in K) and particle number
density n (in cm23). The characteristic temperature is set by the
energy separation of the lowest-lying rotational levels of the trace
amounts of H2, and the characteristic density corresponds to the
(Turk et al.
2009,
Stacy
al. cooling
2010)becomes less
thermalization
of these
levels,
above et
which
12
efficient . A number of atomic and molecular processes are involved
in the subsequent evolution of a gravitationally collapsing gas. It has
been suggested that a complex interplay between chemistry, radiative
cooling and hydrodynamics leads to fragmentation of the cloud21,
but vigorous fragmentation is not observed even in extremely high-

25 R .

10 AU

Figure 1 | Projected gas distribution around a primordial protostar. Shown
is the gas density (colour-coded so that red denotes highest density) of a
single object on different spatial scales. a, The large-scale gas distribution
around the cosmological minihalo; b, a self-gravitating, star-forming cloud;
c, the central part of the fully molecular core; and d, the final protostar.
Reproduced by permission of the AAAS (from ref. 20).

(Yoshida et al. 2008, Science, 321, 669)

much hotter than contemporary stars of the same mass, resulting in
significantly greater ionizing luminosities27.
State-of-the-art numerical simulations of the formation of the first

detailed look at accretion disk around first star
Greif et al.

of the
lation,
T soluks and
profiles

= 100
adopt
ology
Ωm =
aramindex
(e.g.,

successive zoom-in calculation from
cosmological initial conditions (using
SPH and new grid-code AREPO)

6

Dopc

Fig. 3.— The hydrogen number density averaged along the line
of sight in a slice of 10/h kpc (comoving) around the first star,
forming in a halo of total mass Mvir � 5 × 105 M⊙ at z � 20.
Evidently, the host halo is part of a larger conglomeration of less
massive minihalos, and subject to the typical bottom-up evolution
(Greif et al., 2007, ApJ, 670, 1)
of structure formation.

further collapsing (e.g., Bromm et al. 2002; Glover 2005).
For simplicity, we assume that such a clump forms a single star, and find that its location is reasonably well resolved by the minimum resolution mass, Mres � 500 M⊙ .
In Figure 3, we show the hydrogen number density in the
x-y and y-z plane, centered on the formation site of the

(Greif et al. 2011, ApJ, 737, 75, Greif et al. 2012, MNRAS, 424, 399,
Dopcke et al. 2012, ApJ submitted, arXiv1203.6842)

detailed look at accretion disk around first star
successive zoom-in calculation from
cosmological initial conditions (using
SPH and new grid-code AREPO)

6

Dopc

what is the time
evolution of
accretion disk
around first star
to form?
(Greif et al. 2011, ApJ, 737, 75, Greif et al. 2012, MNRAS, 424, 399,
Dopcke et al. 2012, ApJ submitted, arXiv1203.6842)

detailed look at accretion disk
Figure 1: Density evolution in a 120 AU region around the first protostar, showing the build-up
of the protostellar disk and its eventual fragmentation. We also see ‘wakes’ in the low-density
regions, produced by the previous passage of the spiral arms.
(Clark et al. 2011b, Science, 331, 1040)

important disk parameters

Figure 2: Radial profi
to form. The quantitie
Toomre
Q: the lower righ
disk. In
Q = cs /⇥G , wher
is Keplerian, we adop
instability for Q<1
The molecular fractio
by the number density
(Clark et al. 2011b, Science, 331, 1040)

Figure 2: Radial profiles of the disk’s physical properties, centered on the first protostellar core

similar study with very different numerical method (AREPO)

one out of five halos
(Greif et al. 2011a, ApJ)

expected mass spectrum
•
•

expected IMF is flat and covers a wide range of masses
implications

-

•

because slope > -2, most mass is in massive objects
as predicted by most previous calculations
most high-mass Pop III stars should be in binary systems
--> source of high-redshift gamma-ray bursts
because of ejection, some low-mass objects (< 0.8 M⦿)
might have survived until today and could potentially be
found in the Milky Way

consistent with abundance patterns found
in second generation stars

18
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(Tominaga et al. 2007)

The metallicities of extremely metalpoor stars in the halo are consistent
with the yields of core-collapse
supernovae, i.e. progenitor stars with 20
- 40 M⦿

Fig. 6.—Comparison between the [ X/ Fe] trends of observed stars (crosses: the previous studies [e.g., Gratton & Sneden 1991; Sneden et al. 1991; Edvardsson et al.
1993; McWilliam et al. 1995a, 1995b; Ryan et al. 1996; McWilliam 1997; Carretta et al. 2000; Primas et al. 2000; Gratton et al. 2003; Bensby et al. 2003]; open circles: CA04;
open squares: HO04) and those of individual stars models ( filled circles: normal SNe; filled triangles: HNe with case A; filled rhombus: HNe with case B) and IMF integration
( filled squares). The parameters are shown in Table 1.

(Joggerst et al. 2009, 2010)

(e.g. Tominaga et al. 2007, Izutani et al. 2009, Joggerst et al.
2009, 2010)

Figure 4. Mass abundance of He, O, Si, and Fe in Z = 0 (top) and 10−4 Z" (bottom) 25 M" stars after the end of RT-driven mixing. The snapshots are of the simulation
at 3.1 × 104 s, 6.3 × 104 s, and 2.7 × 104 s for z25B, z25D, and z25G, and 1.4 × 104 s, 5.3 × 104 s, and 1.2 × 105 s for models u25B, u25D, and u25G, respectively.
Red Z = 0 stars again show much more mixing than blue Z = 10−4 Z" stars, although it is not as extreme as in the 15 M" models, in which the difference in outer
radius between the z- and u-series progenitors was greater. Mixing again rises with explosion energy, which is 0.6, 1.2, 2.4 Bethe from left to right across the panels.
Spurious jetting is also visible along the y- and x-axes in the u-series models. Like the 15 M stars shown in Figure 3, both mixing and the amplitudes of the RT

primordial star formation
•

•
•
•

just like in present-day SF, we expect
- turbulence
- thermodynamics
- feedback
- magnetic fields
to influence first star formation.
masses of first stars still uncertain, but we expect a wide
mass range with typical masses of several 10s of M⦿
disks unstable: first stars in binaries or part of small clusters
current frontier: include feedback and magnetic fields and
possibly dark matter annihilation?

Star formation is intrinsically a multi-scale and multi-physics problem.
Many different processes need to be considered simultaneously.

Carina with HST

Star formation is intrinsically a multi-scale and multi-physics
problem, where it is difficult to single out individual processes.

• stars form from the complex interplay of self-gravity and a large number of
competing processes (such as turbulence, B-field, feedback, thermal
pressure)

• detailed studies require the consistent treatment of many different

physical and chemical processes (theoretical and computational challenge)

• star formation is regulated by several feedback loops, which are still poorly
understood

• primordial star formation shares the same complexities as present-day
star formation

Carina with HST

Protostars and Planets VI
in July 15 - 20, 2013

... hope to see you there!!!
(www.ppvi.org)

