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Star formation is intrinsically a multi-scale and multi-physics problem,
where it is difficult to single out individual processes. Progress
requires a comprehensive theoretical and observational approach.
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stellar mass fuction
stars seem to follow a universal
mass function at birth --> IMF

(Kroupa 2002)

Orion, NGC 3603, 30 Doradus
(Zinnecker & Yorke 2007)

stellar mass fuction
4

M. Cappellari et al.

BUT: maybe variations
with galaxy type

(bottom heavy in the
centers of large ellipticals)
from JAM (Jeans anisotropic multi
Gaussian expansion) modeling	


!

inferred excess of low-mass stars
compared to Kroupa IMF	


!

Figure 1. The Virial Plane and it projections. The top two panels show the two main projections of the VP in the (MJAM , σe ) and (MJAM , Rmax
) coordinates.
e
Overlaid are lines of constant σe = 50, 100, 200, 300, 400, 500 km s−1 (dashed blue), constant Rmax
= 0.1, 1, 10, 100 kpc (dot-dashed red) and constant
e
Σe = 108 , 109 , 1010 , 1011 M⊙ kpc−2 (dotted black) predicted by the virial relation. The observed (MJAM , σe , Rmax
) points follow the relation so closely
e
also van Dokkum & Conroy 2010, Nature, 468, 940, Wegner et al. 2012, AJ, 144,
78, and others)
that the coordinates provide a unique mapping on these diagram and one can reliably infer all characteristics of the galaxies from any individual projection. In

(Cappellari et al. 2012, Nature, 484, 485, Cappellari et al. 2012ab, MNRAS, submitted,

stellar masses
• distribution of stellar masses depends on	

- turbulent initial conditions

--> mass spectrum of prestellar cloud cores	


- collapse and interaction of prestellar cores
--> accretion and N-body effects	


- thermodynamic properties of gas

--> balance between heating and cooling
--> EOS (determines which cores go into collapse)	


- (proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

(Kroupa 2002)
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example: model of Orion cloud
„model“ of Orion cloud:
15.000.000 SPH particles,
104 Msun in 10 pc, mass resolution
0,02 Msun, forms ~2.500
„stars“ (sink particles)

!
isothermal EOS, top bound, bottom
unbound

!
has clustered as well as distributed
„star“ formation

!
efficiency varies from 1% to 20%

!
develops full IMF
(distribution of sink particle masses)

(Bonnell, Smith, Clark, & Bate 2010, MNRAS, 410, 2339)

example: model of Orion cloud
(Spitzer: Megeath et al.)

„model“ of Orion cloud:
15.000.000 SPH particles,
104 Msun in 10 pc, mass resolution
0,02 Msun, forms ~2.500
„stars“ (sink particles)

!
MASSIVE STARS
- form early in high-density
gas clumps (cluster center)
- high accretion rates,
maintained for a long time

!
LOW-MASS STARS
- form later as gas falls into
potential well
- high relative velocities
- little subsequent accretion

Bonnell et al. 2010
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feedback
• star formation has many many feedback loops	

-

mechanical 1: protostellar outflows, stellar winds
—> lots of momentum and kinetic energy input	


-

mechanical 2: supernovae
—> key driver of ISM turbulence? triggered SF?	


-

radiative 1: thermal energy from stars
—> local heating, changes in IMF?	


Rosetta nebula (NGC 2237)

-

radiative 2: ionizing radiation
—> expanding HII regions driving turbulence? local termination of SF?

-

chemical: enrichment by massive stars
—> changes heating and cooling, influence on collapse & fragmentation	


-

more indirect processes
—> cosmic rays, global interstellar radiation field, chemical

-

AGN feedback
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ionizing feedback with B-fields:

(example by Peters et al. 2011)

Peters et al. (2011)

in disk around high-mass stars, fragmentation is reduced (by factor of 2) but rarely
fully suppressed, see Peters et al. (2011), Hennebelle et al. (2011), Seifried et al. (2011)

protostellar outflows in cluster

(example by Federrath et al. 2014)

Federrath et al. (2014, ApJ, to be sumitted soon)

outflows disrupt filaments and increase the level of fragmentation
—> stellar masses get smaller by factor of 1/3

(also Li & Nakamura 2006, Li et al. 2010, Nakamura & Li 2007, 2011, 2014, Wang et al. 2010,
Carroll et al. 2010, Cunningham et al. 2011, Hansen et al. 2012)

stellar mass fuction
• distribution of stellar masses depends on	

- turbulent initial conditions

--> mass spectrum of prestellar cloud cores	


- collapse and interaction of prestellar cores
--> accretion and N-body effects	


- thermodynamic properties of gas

--> balance between heating and cooling
--> EOS (determines which cores go into collapse)	


- (proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN, etc.

(Kroupa 2002)

stellar mass fuction
• distribution of stellar masses depends on	

- turbulent initial conditions

--> mass spectrum of prestellar cloud cores	


- collapse and interaction of prestellar cores
--> accretion and N-body effects	


- thermodynamic properties of gas

--> balance between heating and cooling
--> EOS (determines which cores go into collapse)	


- (proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN, etc.

application to early star formation

(Kroupa 2002)

thermodynamics & fragmentation
degree of fragmentation depends on EOS!
polytropic EOS: p ∝ργ	

γ<1: dense cluster of low-mass stars	

γ>1: isolated high-mass stars	

!

(see Li et al. 2003; also Kawachi & Hanawa 1998, Larson 2003)

dependency on EOS

γ=0.2

γ=1.0

γ=1.2

for γ<1 fragmentation is enhanced ! cluster of low-mass stars
for γ>1 it is suppressed ! isolated massive stars
(from Li, Klessen, & Mac Low 2003, ApJ, 592, 975)

	


how does that work?
(1)
(2)

p ∝ ργ ! ρ ∝ p1/ γ
Mjeans ∝ γ3/2 ρ(3γ-4)/2

• γ<1: !
	


• γ>1:

large density excursion for given pressure
! 〈Mjeans〉 becomes small	

! number of fluctuations with M > Mjeans is large
! small density excursion for given pressure	

! 〈Mjeans〉 is large
! only few and massive clumps exceed Mjeans
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present-day star formation
τ=1

(Larson 1985, Larson 2005)

Z=0
γ = 1.1
γ = 0.7

IMF in nearby molecular clouds
with ρcrit ≈ 2.5×105 cm-3 	

at SFE ≈ 50%
	

need appropriate
EOS in order to get
low mass IMF right

(Jappsen et al. 2005, A&A, 435, 611)
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transition: Pop III to Pop II.5
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Figure 1. Evolution of temperatures in prestellar cloud cores with metallicities
Z/Z⊙ = 0, 10−6 , 10−5 , 10−4 , 10−3 , 10−2 , 10−1 , and 1, as functions of the
number density, which is calculated by one-zone models. The dashed lines
indicate the constant Jeans masses. For those above 102 M⊙ (below 1 M⊙ ), the
gas is assumed to be fully atomic (molecular) in drawing those lines.
(A color version of this figure is available in the online journal.)
(Omukai et al. 2005, 2010)
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Mcollapse
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x10 M
sun.
model until 104 cm−3 (dotted vertical line) and by hydrodynamical models

for the higher density. The constant Jeans masses are indicated by the dashed
lines.
(A color version of this figure is available in the online journal.)

channel:

transition: Pop III to Pop II.5
Caﬀau et al.: An extremely primordial star

SDSS J1029151+172927 	
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nthetic spectra, with the
tar, varying in [Fe/H] by
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•
•

is first ultra metal-poor star with Z
~ 10-4.5 Zsun for all metals seen (Fe,
C, N, etc.)
[see Caffau et al. 2011]	

this is in regime, where metal-lines
cannot provide cooling
[e.g. Schneider et al. 2011, 2012, Klessen et al. 2012]

•

Caﬀau et al.: An extremely primordial star

SDSS J102915+172927. Abundances. [X/H] from fit is given for log g f from the line-list of LP.
Fig. 6. The range of the Ca ii H and K lines. From top to bot[X/H]1D
tom,Element
the SDSS, the X-Shooter, and the UVES spectrum
(solid
black), overimposed the synthetic +3Dcor.
profile with metallicity
-4.5,
+NLTE
cor.
α-enhanced by 0.4 dex (solid green).
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This implies that the star is far below the Spite plateau. This
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−4.73 ± 0.13 −5.02 ± 0.10 −4.60 ± 0.13
may be linked to the fact that, at extremely low metallicities,
Ni i plateau −4.55
± a0.14
−4.90(Sbordone
± 0.11 et al. 2010)
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Sr increased
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≤scatter
−5.10and a lower
≤ −5.25
≤ −4.94
i.e. an
mean Li abundance.
This
meltdown is clearly shown in the two components of the extremely metal-poor binary system CS 22876-32 ([Fe/H]=–3.6,
(Caffau et al. 2011, 2012)
the primary with eﬀective temperature 6500 K, the secondary
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Fig. 3.— The hydrogen number density averaged along the line
of sight in a slice of 10/h kpc (comoving) around the first star,
forming in a halo of total mass Mvir � 5 × 105 M⊙ at z � 20.
Evidently, the host halo is part of a larger conglomeration of less
massive minihalos, and subject to the typical bottom-up evolution
(Greif et al., 2007, ApJ, 670, 1)
of structure formation.

further collapsing (e.g., Bromm et al. 2002; Glover 2005).
For simplicity, we assume that such a clump forms a single star, and find that its location is reasonably well resolved by the minimum resolution mass, Mres � 500 M⊙ .
In Figure 3, we show the hydrogen number density in the
x-y and y-z plane, centered on the formation site of the

(Greif et al. 2011, ApJ, 737, 75, Greif et al. 2012, MNRAS, 424, 399,
Dopcke et al. 2013, ApJ, 776, 103)

Fragmentation of star-forming clouds at very low metallicities
8

3

Dopcke et al.

cooling is more eﬃcient at higher densities. The energy transfer from gas to dust vanishes when they couple in temperature,
[M/H]
-ininity
hence we=also
expect the cooling to cease when dust reaches
the gas temperature. In order to guide on the evaluation of the
eﬀect of dust on the thermodynamic evolution of the gas and
verify these assumptions, we plot temperature and density for
the various metallicities tested in Figure 1. We compare the
evolution of the dust and gas temperatures in the simulations,
at the point of time just before the formation of the first sink
particle (see Table 1). The dust temperature (shown in blue)
varies from the CMB temperature in the low density region to
the gas temperature (shown in red) at much higher densities.
Changes in metallicity influence the the point in density
[M/H]
= -6
where dust
cooling becomes eﬃcient. For the Z = 10−4 Z⊙
case, dust cooling begins to be eﬃcient at n ≈ 1011 cm−3 .
While for Z = 10−5 Z⊙ , the density where dust cooling becomes eﬃcient is delayed until n ≈ 1013 cm−3 . For the Z
= 10−6 Z⊙ case, dust cooling becomes important for n !
1014 cm−3 , preventing the gas temperature from getting higher
than 1500 K. For instance, the metal-free case reaches temperatures of approximately 2000 K.
The eﬃciency of the cooling expressed in the temperature
drop also varies with metallicity. The gas temperature decreases to roughly 400 K in the 10−5 Z⊙ simulation, and 200 K
[M/H]
-5−4 Z⊙ case. This temperature drop significantly
in the Z =
= 10
increases the number of Jeans masses present in the collapsing region, making the gas unstable to fragmentation. The
dust and the gas temperatures couple for high densities, when
the compressional heating starts to dominate again over the
dust cooling. The subsequent evolution of the gas is close to
adiabatic.
When we compare our results to the calculations of Omukai
et al. (2010), we find good agreement with their 1D hydrodynamical models, although we expected some small diﬀerence
due to eﬀects of the turbulence and rotation (see Dopcke et al.,
2011) and
[M/H]
= also
-4 due to the use of diﬀerent dust opacity models.
3.2. Heating and cooling rates.

The gas thermal evolution during the collapse takes diﬀerent paths depending on the metallicity, as expressed in the
density-temperature diagram
1). In
order to
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: gas	

Inred
Figure
2 we show the
mainthan
cooling
heating
smaller
the and
Jeans
mass rates
at the point in the temperaturedivided
four panels for
the
diﬀerent
metallicities.
blue:into
dust
density diagram where dust and gas couple and the compresThere are parts of the evolution where metallicity has no
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to2013,
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important eﬀect, such as for for n < 108 cm−3 , where PdV
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−3
heating dominates. For n > 10 cm , H2 line cooling starts
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hints for differences
in mass spectrum

Dopcke et al.

[M/H] = -ininity

[M/H] = -6

disk fragmentation mode
[M/H] = -5

[M/H] = -4

gravoturbulent fragmentation mode

Fig. 6.—: Sink particle mass function at the point when 4.7
M⊙ of gas had been accreted by the sink particles in each simulation. To resolve the fragmentation, the mass resolution is
smaller than the Jeans mass at the point in the temperaturedensity diagram where dust and gas couple and the compressional heating
to2013,
dominate
Dopckestarts
et al.,
ApJ, over
766, the
103)dust cooling.
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• slope
cm-3 ≤ n ≤ 16 cm-3 is γ≈1.06.	

10
• with non-zero angular momentum,
disk forms.	

• disk is unstable1against frag0
mentation at high density
(Omukai et al. 2005, 2010)
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detailed look at accretion disk
Figure 1: Density evolution in a 120 AU region around the first protostar, showing the build-up
of the protostellar disk and its eventual fragmentation. We also see ‘wakes’ in the low-density
regions, produced by the previous passage of the spiral arms.
(Clark et al. 2011b, Science, 331, 1040, see talk by Athena Stacy)

important disk parameters

Figure 2: Radial pro
to form. The quanti
disk. In
Toomre
Q: the lower rig
Q = cs /⇥G , whe
is Keplerian, we ado
instability for Q<1
The molecular fracti
by the number densi
(Clark et al. 2011b, Science, 331, 1040, Smith et al. 2011, MNRAS, 414, 3633, also talk by Athena Stacy)

Most recent calculations:
fully sink-less simulations, following the disk build-up over ~10 years
(resolving the protostars - first cores - down to 105 km ~ 0.01 R⦿)

density

temperature
(Greif et al., 2012, MNRAS, 424, 399)

Greif et al. 2011, ApJ, 737, 75, Clark et al. 2011b, Science, 331, 1040, Smith et al. 2011, MNRAS, 414, 3633, Dopcke et al., 2013, ApJ, 766, 103
also talk by Athena Stacy
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(Tominaga et al. 2007)
Fig. 6.—Comparison between the [ X/ Fe] trends of observed stars (crosses: the previous studies [e.g., Gratton & Sneden 1991; Sneden et al. 1991; Edvardsson et al.
1993; McWilliam et al. 1995a, 1995b; Ryan et al. 1996; McWilliam 1997; Carretta et al. 2000; Primas et al. 2000; Gratton et al. 2003; Bensby et al. 2003]; open circles: CA04;
open squares: HO04) and those of individual stars models ( filled circles: normal SNe; filled triangles: HNe with case A; filled rhombus: HNe with case B) and IMF integration
( filled squares). The parameters are shown in Table 1.

(Joggerst et al. 2009, 2010)

The metallicities of extremely metal-poor
stars in the halo are consistent with the
yields of core-collapse supernovae, i.e.
progenitor stars with 20 - 40 M⦿	

(e.g. Tominaga et al. 2007, Izutani et al. 2009, Joggerst et al. 2009,
2010, see also talk by John Norris and Heather Jacobsen)

Figure 4. Mass abundance of He, O, Si, and Fe in Z = 0 (top) and 10−4 Z⊙ (bottom) 25 M⊙ stars after the end of RT-driven mixing. The snapshots are of the simulation
at 3.1 × 104 s, 6.3 × 104 s, and 2.7 × 104 s for z25B, z25D, and z25G, and 1.4 × 104 s, 5.3 × 104 s, and 1.2 × 105 s for models u25B, u25D, and u25G, respectively.
Red Z = 0 stars again show much more mixing than blue Z = 10−4 Z⊙ stars, although it is not as extreme as in the 15 M⊙ models, in which the difference in outer

predicting number of Pop III stars
Primordial IMF with stellar archaeology

3

Figure 1. Illustration of the model we use. Based on the merger tree, we check which halos are able to form Pop III stars based on
their critical mass, the absence of dynamical heating due to mergers, no pollution by metals and the strength of the LW background. We
assign an individual number of Pop III stars to each successful halo and determine the influence on their environment. The influence of
Pop I/II star formation is modelled based on the cosmic star formation history. By comparing these influences to existing observations,
we can gauge our model assumptions. Finally, we derive a prediction for the number of Pop III survivors in the Milky Way and determine
constraints to the primordial IMF. Tilman: too many arrows - probably combine BH seeds, Radiation and Metal Yields?

Bromm 2006). For a first comparison, we use the spherical
EPS formalism, which still underpredicts the number of low-

M2 /2 can be expressed
as by Tilman Hartwig in coffee room
Poster
Z

primordial star formation
• just like in present-day SF, we expect 	

- turbulence	

- thermodynamics (i.e. heating vs. cooling)	

- feedback	

- magnetic fields 	

•
•
•

to influence first star formation.	

masses of first stars still uncertain, but we expect a wide
mass range with typical masses of several 10s of M⦿	

disks unstable: first stars in binaries or part of small clusters	

current frontier: include feedback and magnetic fields and
possibly dark matter annihilation...

reducing fragmentation
•
•

from present-day star formation theory we know, that 	

- magnetic fields: Peters et al. 2011, Seifried et al. 2012, Hennebelle et al. 2011	

- accretion heating: Peters et al. 2010, Krumholz et al. 2009, Kuipers et al. 2011	

can influence the fragmentation behavior.	

in the context of Pop III	

- radiation: Hosokawa et al. 2012, Stacy et al. 2012a	

- magnetic fields: Turk et al. 2012, but see also Bovino et al. 2013
Schleicher et al. 2010, Sur et al. 2010, Federrath et al. 2011, Schober et al. 2012ab,
2013	


• all these will reduce degree of fragmentation

(but not by much, see Rowan Smith et al. 2011, 2012, at least for accretion heating)	


• DM annihililation might become important for disk dynamics and
fragmentation (Ripamonti et al. 2011, Stacy et al. 2012b, Rowan Smith et al. 2012)

Carina with HST

thoughts for IMF discussion

• What
form

• Does the
• We agree on importance of
turbulence
What are the effects of

• Is the

Probably not, better maybe
abundance patterns

• What do we miss?
cosmic rays, anything else?)
Carina with HST
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