agnetic field amplification by gravity-driven turbulence

7

s density inside the Jeans volume at = 12 for our run with 128 cells per Jeans length. b) Velocity
nging from dark blue (0 km s 1 ) to light gray (5 km s 1 ). c) Magnetic field lines, showing a highly
ructure typical of the small-scale dynamo; yellow: 0.5 mG, red: 1 mG. d) Four randomly chosen,
n particular, is extremely tangled close to the center of the Jeans volume. e) Contours of the vorticity
filamentary structures typically seen in subsonic turbulence (e.g., Frisch 1995). f) Spherical slice of
· v; white: compression, red: expansion.
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the stellar mass function at birth (IMF)
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Hubble Ultra-Deep Field

Hubble Ultra-Deep Field

• star formation sets in very
early after the big bang

• stars always form in galaxies
and protogalaxies

• we cannot see the first

generation of stars, but
maybe the second one

Hubble Ultra-Deep Field

M51 with Hubble (additional processing R. Gendler)

• correlation between stellar

birth and large-scale dynamics

• spiral arms
• tidal perturbation from
neighboring galaxy

M51 with Hubble (additional processing R. Gendler)

H2 Maps

SFR Maps

atomic
hydrogen

molecular
hydrogen

star
formation

galaxies from THINGS and HERACLES survey
(images from Frank Bigiel, ZAH/ITA)

H2 Maps

SFR Maps

atomic
hydrogen

molecular
hydrogen

star
formation

galaxies from THINGS and HERACLES survey
(images from Frank Bigiel, ZAH/ITA)

• HI gas more extended
• H2 and SF well correlated

data from T. Dame (CfA Harvard)

distribution of molecular
gas in the Milky Way as
traced by CO emission

data from T. Dame (CfA Harvard)

Orion

Orion Nebula Cluster (ESO, VLT,
M. McCaughrean)

Orion Nebula Cluster (ESO, VLT, M. McCaughrean)

• stars form in molecular clouds
• stars form in clusters
• stars form on ~ dynamical time
• (protostellar) feedback is very
important

Orion Nebula Cluster (ESO, VLT, M. McCaughrean)

Ionizing radiation from central star Θ1C Orionis

Trapezium stars in the center of the ONC (HST, Johnstone et al. 1998)

• strong feedback: UV radiation

from Θ1C Orionis affects star
formation on all cluster scales

Ionizing radiation from central star Θ1C Orionis

Trapezium stars in the center of the ONC (HST, Johnstone et al. 1998)

eventually, clusters like the ONC
(1 Myr) will evolve into clusters
like the Pleiades (100 Myr)
Pleiades (DSS, Palomar Observatory Sky Survey)
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decrease in spatial scale / increase in density

Andromeda (R. Gendler)

NGC 602 in LMC (Hubble)

•

density

-

•

density of ISM: few particles per cm3
density of molecular cloud: few 100 particles per cm3
density of Sun: 1.4 g /cm3

spatial scale

-

Proplyd in Orion (Hubble)

size of molecular cloud: few 10s of pc
size of young cluster: ~ 1 pc
size of Sun: 1.4 x 1010 cm

Sun (SOHO)

Earth

decrease in spatial scale / increase in density

Andromeda (R. Gendler)

NGC 602 in LMC (Hubble)

•

contracting force

-

•

Proplyd in Orion (Hubble)

only force that can do this compression
is GRAVITY

opposing forces

-

there are several processes that can oppose gravity
GAS PRESSURE
TURBULENCE
MAGNETIC FIELDS
RADIATION PRESSURE

Sun (SOHO)

Earth

decrease in spatial scale / increase in density
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-

•
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is GRAVITY

Sun (SOHO)

Earth

opposing forces

-

there are several processes that can oppose gravity
GAS PRESSURE
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MAGNETIC FIELDS
RADIATION PRESSURE

Modern star formation
theory is based on the
complex interplay between
all these processes.

early theoretical models
• Jeans (1902): Interplay between

self-gravity and thermal pressure
-

stability of homogeneous spherical
density enhancements against
gravitational collapse

-

dispersion relation:

2

2
s

Sir James Jeans, 1877 - 1946

2

ω = c k − 4πGρ 0
2

-

instability when

ω <0

-

minimal mass:

MJ = π
1
6

−5 / 2

G

−3 / 2

ρ

−1 / 2 3
0
s

c ∝ρ

−1 / 2
0

T

+3 / 2
−

first approach to turbulence
• von Weizsäcker (1943, 1951) and
Chandrasekhar (1951): concept of
MICROTURBULENCE
-

BASIC ASSUMPTION: separation of
scales between dynamics and turbulence

lturb « ldyn
-

S. Chandrasekhar,
1910 - 1995

then turbulent velocity dispersion contributes
to effective soundspeed:

2
c

2
c

c ! c +σ
-

C.F. von Weiszäcker,
1912 - 2007

!

2
rms

Larger effective Jeans masses !

BUT: (1) turbulence depends on k:
(2) supersonic turbulence

!

more stability

2
σ rms
(k )

2
σ rms
(k ) >> cs2

usually

problems of early dynamical theory
• molecular clouds are highly Jeans-unstable,

yet, they do NOT form stars at high rate
and with high efficiency (Zuckerman & Evans 1974 conundrum)
(the observed global SFE in molecular clouds is ~5%)
! something prevents large-scale collapse.

• all throughout the early 1990’s, molecular clouds

had been thought to be long-lived quasi-equilibrium
entities.

• molecular clouds are magnetized

magnetic star formation
• Mestel & Spitzer (1956): Magnetic
fields can prevent collapse!!!

-

Critical mass for gravitational
collapse in presence of B-field

53 / 2
B3
M cr =
48π 2 G 3 / 2 ρ 2
-

Critical mass-to-flux ratio
(Mouschovias & Spitzer 1976)

ζ &5#
&M #
$ Φ ! = 3π $G !
% " cr
% "

-

1/ 2

Ambipolar diffusion can initiate collapse

Lyman Spitzer, Jr., 1914 - 1997

“standard theory” of star formation
•

BASIC ASSUMPTION: Stars form from
magnetically highly subcritical cores

•

Ambipolar diffusion slowly
increases (M/Φ): τAD ≈ 10τff

•

Once (M/Φ) > (M/Φ)crit :
dynamical collapse of SIS

•
•
•

Frank Shu, 1943 -

Shu (1977) collapse solution
dM/dt = 0.975 cs3/G = const.

Was (in principle) only intended
for isolated, low-mass stars

magnetic field

problems of “standard theory”
• Observed B-fields are weak, at most

marginally critical (Crutcher 1999, Bourke et al.
2001)

•

Magnetic fields cannot prevent decay of
turbulence
(Mac Low et al. 1998, Stone et al. 1998, Padoan &
Nordlund 1999)

• Structure of prestellar cores

(e.g. Bacman et al. 2000, Alves et al. 2001)

• Strongly time varying dM/dt

(e.g. Hendriksen et al. 1997, André et al. 2000)

• More extended infall motions than
predicted by the standard model

(Williams & Myers 2000, Myers et al. 2000)

• Most stars form as binaries
(e.g. Lada 2006)

• As many prestellar cores as protostellar
cores in SF regions (e.g. André et al 2002)

• Molecular cloud clumps are chemically
young

(Bergin & Langer 1997, Pratap et al 1997, Aikawa
et al 2001)

• Stellar age distribution small (τff << τAD)
(Ballesteros-Paredes et al. 1999, Elmegreen 2000,
Hartmann 2001)

• Strong theoretical criticism of the SIS as
starting condition for gravitational
collapse

(e.g. Whitworth et al 1996, Nakano 1998, as
summarized in Klessen & Mac Low 2004)

• Standard AD-dominated theory is
incompatible with observations

(Crutcher et al. 2009, 2010ab, Bertram et al. 2011)

(see e.g. Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194)

gravoturbulent star formation
BASIC ASSUMPTION:

•

star formation is controlled by interplay between
supersonic turbulence and self-gravity
turbulence plays a dual role:

•
-

on large scales it provides support

-

on small scales it can trigger collapse
some predictions:

•
-

dynamical star formation timescale τff

-

high binary fraction

-

complex spatial structure of
embedded star clusters

-

and many more . . .
Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194
McKee & Ostriker, 2007, ARAA, 45, 565

molecular clouds

log E

•

sonic scale

turbulent cascade in the ISM
dense
protostellar
cores

massive cloud cores

•

supersonic

•

•

subsonic

•

L-1
energy source & scale
NOT known
(supernovae, winds,
spiral density waves?)

log k
σrms <<
≈ few
km/skm/s
1 km/s
several
≈
5
Mrms ≤
>1
10
1 pc
pc
LL ≈
> 0.1
10
pc

ηK-1
dissipation scale not known
(ambipolar diffusion,
molecular diffusion?)

current status
•

stars form from the complex interplay of self-gravity and a large number of
competing processes (such as turbulence, magnetic fields, radiative and
mechanical feedback, thermal pressure, cosmic rays, etc.)

•

the relative importance of these processes depends on the environment

-

prestellar cores --> thermal pressure is important
molecular clouds --> turbulence dominates

-

massive star forming regions (NGC602): radiative feedback is important
small clusters (Taurus): evolution maybe dominated by external turbulence

}

(Larson’s relation: σ

∝L

•

star formation is regulated by various feedback processes

•

star formation is closely linked to global galactic dynamics (KS relation)

Star formation is intrinsically a multi-scale and multi-physics
problem, where it is difficult to single out individual processes.
Simple theoretical approaches usually fail.

1/2)

Star formation is intrinsically a multi-scale and multi-physics
problem, where it is difficult to single out individual processes.
Progress requires a comprehensive theoretical approach.
Carina with HST

Star formation is intrinsically a multi-scale and multi-physics
problem, where it is difficult to single out individual processes.
Progress requires a comprehensive theoretical approach.
HH 901/902 in Carina with HST

selected open questions
•

what regulates star formation on galactic scales? global SF relations?

•

what drives interstellar turbulence turbulence?

•

how do molecular clouds form and evolve?
is there unaccounted (molecular) gas in galaxies?

•

what are the initial conditions for star cluster formation?
how does cloud structure translate into cluster structure?

•

what processes determine the initial mass function (IMF) of stars?

•

how does star formation depend on metallicity? how do the first stars form?

•

star formation in extreme environments (galactic center, starburst, etc.),
how does it differ from a more “normal” mode?

HH 901/902 in Carina with HST
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•

what drives interstellar turbulence turbulence?

•

how do molecular clouds form and evolve?
is there unaccounted (molecular) gas in galaxies?

•

what are the initial conditions for star cluster formation?
how does cloud structure translate into cluster structure?

•

what processes determine the initial mass function (IMF) of stars?

•

how does star formation depend on metallicity? how do the first stars form?

•

star formation in extreme environments (galactic center, starburst, etc.),
how does it differ from a more “normal” mode?
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molecular cloud formation
Idea:
Molecular clouds form at
stagnation points of largescale convergent flows,
mostly triggered by global
(or external) perturbations.
Their internal turbulence is
driven by accretion, i.e. by
the process of cloud
formation

• molecular clouds grow in
mass

• this is inferred by looking at

molecular clouds in different
evolutionary phases in the
LMC (Fukui et al. 2008, 2009)
re significant CO emission is detected for Type I (blue), Type II (yellow), and Type III (red)
egions—Bar,
North,
Fukui et al.
(2009)and Arc—which are indicated in the right panel.

ATOMIC GAS IN THE LMC. II.

147

zooming in ...

position-position-velocity structure of the Perseus cloud

image from Alyssa Goodman: COMPLETE survey

density structure resulting from different turbulent driving schemes

driving with solenoidal modes

driving with compressive modes
(turbulent box of isothermal ideal gas)

Federrath (2013, MNRAS, 436, 1245)
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experimental set-up
- Arepo and FLASH
- stochastic forcing
(Ornstein-Uhlenbeck)

- self-gravity
- time-dependent chemistry
(DVODE, standard variablecoefficient ordinary differential
equation solver)

- cooling & heating processes
- gives you mathematically
well defined boundary
conditions
--> good for statistical studies
- gives external radiation with
TreeCol (a new approximative
scheme to calculate column
densities from the gravity
solver)

chemical model 0
32 chemical species
17 in instantaneous equilibrium:
19 full non-equilibrium evolution

218 reactions
various heating and cooling processes

long series of publications by Simon Glover and collaborators, e.g. Glover & Mac Low (2007ab), Glover, Federrath, Mac Low, Klessen (2010),
Glover & Clark (2012, 2013), Clark & Clover (2012, 2013)

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 1

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

(Glover, Federrath, Mac Low, Klessen, 2010, MNRS, 404, 2)

chemical model 2

effects of chemistry
total column density

12CO

(Glover et al. 2010)

column density

H2 column density

temperature

effects of chemistry
total column density

12CO

(Glover et al. 2010)

column density

H2 column density

ratio N(H2temperature
)/N(12CO)

modeling molecular cloud formation
GMC’s

- Arepo

(Smith et al., 2014, MNRAS, 441, 1628)

moving mesh code (Springel 2010)

-

time dependent chemistry (Glover et al. 2007)
gives heating & cooling in a 2 phase medium

-

two layers of refinement with mass resolution down to
4 M⦿ in full Galaxy simulation

-

UV field and cosmic rays

-

TreeCol (Clark et al. 2012)

-

external spiral potential (Dobbs & Bonnell 2006)

-

no gas self-gravity, SN, or magnetic fields yet

numerical method

moving mesh code Arepo:
-

semi-Lagrangian

-

flexible refinement

-

fluid instabilities and no artificial clumping
(Agertz et al. 2007)

-

can also handle sub-sonic turbulence
(Bauer & Springel 2012)

-

no preferred geometry
Springel (2010, MNRAS, 401, 791)

CO-dark gas in the Milky Way

total column density

(Smith et al., 2014, MNRAS, 441, 1628)
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CO-dark gas in the Milky Way
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HI column density

ure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
has a range of morphologies, from dense spiral arms, to filamentary spurs, to diﬀuse inter-arm regions.

As an example of the results we obtain from our stand grid, we show in Figure 2 a map of the total column
sity in the high-resolution section of the Milky Way simtion. We see from the map that the gas exhibits very
erent morphologies, ranging from dense spiral arms, to
mentary spurs, to diﬀuse inter-arm regions. Each of these
ions has a diﬀerent degree of shielding to the ambient ration field and consequently a diﬀerent molecular hydroabundance.

Figure 3 shows the fractional abundance of molecuhydrogen relative to hydrogen in all forms as a funcn of column density. In this work, we define the fracnal abundance of H2 via the relationship fH2 ≡ nH2 /n,
ere nH2 is the number density of hydrogen molecules and
≡ 2nH2 +nH +nH+ is the total number density of hydrogen
lei. With this definition, the maximum value of the fracnal abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molecular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).
Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the

(Smith et al., 2014, MNRAS, 441, 1628)

preliminary image from THOR Galactic plane survey (PI H. Beuther): continuum emission around 21 cm

next step: produce all sky maps at various positions in the model galaxy (use RADMC-3D)

(Smith et al., 2014, MNRAS, 441, 1628)
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H2 column density

ure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
has a range of morphologies, from dense spiral arms, to filamentary spurs, to diﬀuse inter-arm regions.

As an example of the results we obtain from our stand grid, we show in Figure 2 a map of the total column
sity in the high-resolution section of the Milky Way simtion. We see from the map that the gas exhibits very
erent morphologies, ranging from dense spiral arms, to
mentary spurs, to diﬀuse inter-arm regions. Each of these
ions has a diﬀerent degree of shielding to the ambient ration field and consequently a diﬀerent molecular hydroabundance.

Figure 3 shows the fractional abundance of molecuhydrogen relative to hydrogen in all forms as a funcn of column density. In this work, we define the fracnal abundance of H2 via the relationship fH2 ≡ nH2 /n,
ere nH2 is the number density of hydrogen molecules and
≡ 2nH2 +nH +nH+ is the total number density of hydrogen
lei. With this definition, the maximum value of the fracnal abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molecular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).
Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the

(Smith et al., 2014, MNRAS, 441, 1628)
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As an example of the results we obtain from our stand grid, we show in Figure 2 a map of the total column
sity in the high-resolution section of the Milky Way simtion. We see from the map that the gas exhibits very
erent morphologies, ranging from dense spiral arms, to
mentary spurs, to diﬀuse inter-arm regions. Each of these
ions has a diﬀerent degree of shielding to the ambient ration field and consequently a diﬀerent molecular hydroabundance.

Figure 3 shows the fractional abundance of molecuhydrogen relative to hydrogen in all forms as a funcn of column density. In this work, we define the fracnal abundance of H2 via the relationship fH2 ≡ nH2 /n,
ere nH2 is the number density of hydrogen molecules and
≡ 2nH2 +nH +nH+ is the total number density of hydrogen
lei. With this definition, the maximum value of the fracnal abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molecular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).
Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the

Smith et al.

re 4. Map of H2 column density for the highly resolved section of the disc in the Milky Way simulation. H2 is predominantly found
spiral arms and in long filaments in the inter-arm regions.

tic disc which will have higher column densities than in
ace-on disc. The observations of Gillmon et al. (2006)
sight-lines perpendicular to the disc (shown by the
diamonds in Figure 3) are in good agreement with our
This gives us confidence that the small-scale galactic
ture is suﬃciently resolved to accurately describe its
ical makeup.

Figure 4 shows the column density of molecular hydron the highly resolved disc segment. Molecular hydrogen
dominantly present in the spiral arms, but there is also
cular gas in inter-arm spurs and in the inner regions of
isc. In the inter-arm regions molecular hydrogen is often
d in long filaments that were originally spurs connected
e spiral arms but that were sheared oﬀ as the disc ro. Figure 5 shows the ratio of H2 to CO column densities
e gas. There is considerable variation in the abundance
O. In particular, the long inter-arm filaments, which

are so apparent in Figure 4, are much less visible in CO.
This can be attributed to their narrow filamentary geometry being ineﬃcient at shielding the gas from the ambient
radiation field. Due to the low abundance of CO in these
regions, the molecular gas there is likely to appear ‘dark’ in
observations of CO emission.

3.2

The relationship between CO and H2 column
densities

Although our simulations provide us with information on the
full 3D distributions of the H2 and CO abundances, in general these are not observable quantities. For comparison with
observations, it is more useful to examine the correlation
between the H2 and CO column densities, and the columnaveraged abundance of CO relative to H2 , ZCO = NCO /NH2 .
The left panel of Figure 6 shows the relation between

(Smith et al., 2014, MNRAS, 441, 1628)
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H2 fraction vs. column density N

CO col. density vs. H2 col. density

H2 forms above column densities of 1020 cm-2
CO columns jump after NH2 ~ 1021 cm-2

(Smith et al., 2014, MNRAS, 441, 1628)

details of CO emission

(Smith et al., 2014, MNRAS, 441, 1628)

relation between CO and H2

(Smith et al., 2014, MNRAS, 441, 1628)

relation between CO and H2

Filamentary molecular clouds in inter-arm regions are
likely only the observable parts of much larger structures.

dark gas fraction

jump due to
shielding

46% molecular gas below CO column densities of 1016 cm-2
42% has an integrated CO emission of less than 0.1 K kms-1
fDG = 0.42
(Smith et al., 2014, MNRAS, 441, 1628)

Xco=2.2 × 1020 cm-2K-1km-1s

dark gas fraction
Observational estimates:
Grenier et al. (2005)

fDG = 0.33-0.5

Planck coll. (2011)*

fDG = 0.54

Paradis et al. (2012)*

fDG = 0.62

(inner fDG = 0.71, outer fDG = 0.43)

Pineda et al. (2013)

fDG= 0.3

Roman-Duval et al.
(in prep.)

fDG ~ 0.5

* dust methods have large uncertainties.

(Smith et al., 2014, MNRAS, 441, 1628)

fDG = 0.42
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stellar mass fuction
stars seem to follow a universal
mass function at birth --> IMF

(Kroupa 2002)

Orion, NGC 3603, 30 Doradus
(Zinnecker & Yorke 2007)

stellar mass fuction
• distribution of stellar masses depends on
-

turbulent initial conditions
--> mass spectrum of prestellar cloud cores

-

collapse and interaction of prestellar cores
--> accretion and N-body effects

-

thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

-

(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN, etc.

(Kroupa 2002)

stellar mass fuction
• distribution of stellar masses depends on
-

turbulent initial conditions
--> mass spectrum of prestellar cloud cores

-

collapse and interaction of prestellar cores
--> accretion and N-body effects

-

thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)

-

(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN, etc.

application to early star formation

(Kroupa 2002)

thermodynamics & fragmentation
degree of fragmentation depends on EOS!
polytropic EOS: p ∝ργ
γ<1: dense cluster of low-mass stars
γ>1: isolated high-mass stars
(see Li et al. 2003; also Kawachi & Hanawa 1998, Larson 2003)

dependency on EOS

γ=0.2

γ=1.0

γ=1.2

for γ<1 fragmentation is enhanced ! cluster of low-mass stars
for γ>1 it is suppressed ! isolated massive stars
(from Li, Klessen, & Mac Low 2003, ApJ, 592, 975)

how does that work?
(1)
(2)

p ∝ ργ ! ρ ∝ p1/ γ
Mjeans ∝ γ3/2 ρ(3γ-4)/2

• γ<1: ! large density excursion for given pressure

! 〈Mjeans〉 becomes small
! number of fluctuations with M > Mjeans is large

• γ>1: ! small density excursion for given pressure
!
!

〈Mjeans〉 is large
only few and massive clumps exceed Mjeans

EOS
as
function
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metallicity
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present-day star formation
τ=1

(Larson 1985, Larson 2005)

Z=0
γ = 1.1
γ = 0.7

IMF in nearby molecular clouds
with ρcrit ≈ 2.5×105 cm-3
at SFE ≈ 50%

need appropriate
EOS in order to get
low mass IMF right

(Jappsen et al. 2005, A&A, 435, 611)
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transition: Pop III to Pop II.5
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two competing models:
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Figure 1. Evolution of temperatures in prestellar cloud cores with metallicities
Z/Z⊙ = 0, 10−6 , 10−5 , 10−4 , 10−3 , 10−2 , 10−1 , and 1, as functions of the
number density, which is calculated by one-zone models. The dashed lines
indicate the constant Jeans masses. For those above 102 M⊙ (below 1 M⊙ ), the
gas is assumed to be fully atomic (molecular) in drawing those lines.
(A color version of this figure is available in the online journal.)
(Omukai et al. 2005, 2010)
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Figure 2. Evolution of temperatures at the center of cloud cores during
prestellar
for various
metallicities.
This is calculated by one-z
Mcollapse
> few
x10 M
sun.
model until 104 cm−3 (dotted vertical line) and by hydrodynamical mod

for the higher density. The constant Jeans masses are indicated by the das
lines.
(A color version of this figure is available in the online journal.)
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•
•

is first ultra metal-poor star with Z
~ 10-4.5 Zsun for all metals seen (Fe,
C, N, etc.)
[see Caffau et al. 2011]

this is in regime, where metal-lines
cannot provide cooling
[e.g. Schneider et al. 2011, 2012, Klessen et al. 2012]

•

Caﬀau et al.: An extremely primordial star

SDSS J102915+172927. Abundances. [X/H] from fit is given for log g f from the line-list of LP.
Fig. 6. The range of the Ca ii H and K lines. From top to bot[X/H]1D
tom,Element
the SDSS, the X-Shooter, and the UVES spectrum
(solid
black), overimposed the synthetic +3Dcor.
profile with metallicity
-4.5,
+NLTE
cor.
α-enhanced by 0.4 dex (solid green).

C
≤ −3.8
≤ −4.5
N
≤ −4.1
≤ −5.0
Mg i
−4.71 ± 0.11 −4.68 ± 0.11 −4.52 ± 0.11
Si i
−4.27
−4.30
−3.93
Ca i
−4.72
−4.82
−4.44
Ca ii
−4.81 ± 0.11 −4.93 ± 0.03 −5.02 ± 0.02
Ti ii
−4.75 ± 0.18 −4.83 ± 0.16 −4.76 ± 0.18
This implies that the star is far below the Spite plateau. This
Fe i
−4.73 ± 0.13 −5.02 ± 0.10 −4.60 ± 0.13
may be linked to the fact that, at extremely low metallicities,
Ni i plateau −4.55
± a0.14
−4.90(Sbordone
± 0.11 et al. 2010)
the Spite
displays
“meltdown”
Sr increased
ii
≤scatter
−5.10and a lower
≤ −5.25
≤ −4.94
i.e. an
mean Li abundance.
This
meltdown is clearly shown in the two components of the extremely metal-poor binary system CS 22876-32 ([Fe/H]=–3.6,
(Caffau et al. 2011, 2012)
the primary with eﬀective temperature 6500 K, the secondary
5900 K), that show a diﬀerent Li content (González Hernández
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(Caffau et al. 2013, A&A, 560, A71,
Bonifacio et al. 2014, in prep)

(Schneider et al. 2011,2012, Klessen et al. 2012)

modeling the formation of the first/second stares

eif et al.

successive zoom-in calculation from
cosmological initial conditions (using
SPH and new grid-code AREPO)

6

Fig. 3.— The hydrogen number density averaged along the line
of sight in a slice of 10/h kpc (comoving) around the first star,
forming in a halo of total mass Mvir � 5 × 105 M⊙ at z � 20.
Evidently, the host halo is part of a larger conglomeration of less
massive minihalos, and subject to the typical bottom-up evolution
(Greif et al., 2007, ApJ, 670, 1)
of structure formation.

further collapsing (e.g., Bromm et al. 2002; Glover 2005).
For simplicity, we assume that such a clump forms a single star, and find that its location is reasonably well resolved by the minimum resolution mass, Mres � 500 M⊙ .
In Figure 3, we show the hydrogen number density in the
x-y and y-z plane, centered on the formation site of the

(Greif et al. 2011, ApJ, 737, 75, Greif et al. 2012, MNRAS, 424, 399,
Dopcke et al. 2013, ApJ, 776, 103)

Fragmentation of star-forming clouds at very low metallicities
8

3

Dopcke et al.

cooling is more eﬃcient at higher densities. The energy transfer from gas to dust vanishes when they couple in temperature,
[M/H]
-ininity
hence we=also
expect the cooling to cease when dust reaches
the gas temperature. In order to guide on the evaluation of the
eﬀect of dust on the thermodynamic evolution of the gas and
verify these assumptions, we plot temperature and density for
the various metallicities tested in Figure 1. We compare the
evolution of the dust and gas temperatures in the simulations,
at the point of time just before the formation of the first sink
particle (see Table 1). The dust temperature (shown in blue)
varies from the CMB temperature in the low density region to
the gas temperature (shown in red) at much higher densities.
Changes in metallicity influence the the point in density
[M/H]
= -6
where dust
cooling becomes eﬃcient. For the Z = 10−4 Z⊙
case, dust cooling begins to be eﬃcient at n ≈ 1011 cm−3 .
While for Z = 10−5 Z⊙ , the density where dust cooling becomes eﬃcient is delayed until n ≈ 1013 cm−3 . For the Z
= 10−6 Z⊙ case, dust cooling becomes important for n !
1014 cm−3 , preventing the gas temperature from getting higher
than 1500 K. For instance, the metal-free case reaches temperatures of approximately 2000 K.
The eﬃciency of the cooling expressed in the temperature
drop also varies with metallicity. The gas temperature decreases to roughly 400 K in the 10−5 Z⊙ simulation, and 200 K
[M/H]
-5−4 Z⊙ case. This temperature drop significantly
in the Z =
= 10
increases the number of Jeans masses present in the collapsing region, making the gas unstable to fragmentation. The
dust and the gas temperatures couple for high densities, when
the compressional heating starts to dominate again over the
dust cooling. The subsequent evolution of the gas is close to
adiabatic.
When we compare our results to the calculations of Omukai
et al. (2010), we find good agreement with their 1D hydrodynamical models, although we expected some small diﬀerence
due to eﬀects of the turbulence and rotation (see Dopcke et al.,
2011) and
[M/H]
= also
-4 due to the use of diﬀerent dust opacity models.
3.2. Heating and cooling rates.

Fig. 1.—:

Dependence of gas and dust temperatures on gas

The gas thermal evolution during the collapse takes diﬀerent paths depending on the metallicity, as expressed in the
density-temperature diagram
1). In
order to
explain
Fig.(Figure
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[M/H] = -ininity

hints for differences
in mass spectrum

[M/H] = -6

disk fragmentation mode
[M/H] = -5

[M/H] = -4

gravoturbulent fragmentation mode

Fig. 6.—: Sink particle mass function at the point when 4.7
M⊙ of gas had been accreted by the sink particles in each simulation. To resolve the fragmentation, the mass resolution is
smaller than the Jeans mass at the point in the temperaturedensity diagram where dust and gas couple and the compreset over
al. 2013,
ApJ, cooling.
776, 103
sional heating starts toDopcke
dominate
the dust

creating more sparse over-densities.
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10

• with non-zero angular momentum,
disk forms.

• disk is unstable1against frag0
mentation at high density
(Omukai et al. 2005, 2010)
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detailed look at accretion disk
Figure 1: Density evolution in a 120 AU region around the first protostar, showing the build-up
of the protostellar disk and its eventual fragmentation. We also see ‘wakes’ in the low-density
regions, produced by the previous passage of the spiral arms.
(Clark et al. 2011b, Science, 331, 1040)

important disk parameters

Figure 2: Radial p
to form. The quan
disk. In
Toomre
Q: the lower r
Q = cs /⇥G , w
is Keplerian, we a
instability for Q<1
The molecular fra
by the number den
(Clark et al. 2011b, Science, 331, 1040)

Most recent calculations:
fully sink-less simulations, following the disk build-up over ~10 years
(resolving the protostars - first cores - down to 105 km ~ 0.01 R⦿)

density

temperature
(Greif et al., 2012, MNRAS, 424, 399)

Greif et al. 2011, ApJ, 737, 75, Clark et al. 2011b, Science, 331, 1040, Smith et al. 2011, MNRAS, 414, 3633, Dopcke et al., 2013, ApJ, 766, 103

expected mass spectrum
• expected IMF is flat and covers a wide range of masses
• implications
-

because slope > -2, most mass is in massive objects
as predicted by most previous calculations
most high-mass Pop III stars should be in binary systems
--> source of high-redshift gamma-ray bursts
because of ejection, some low-mass objects (< 0.8 M⦿)
might have survived until today and could potentially be
found in the Milky Way

• consistent with abundance patterns found
in second generation stars
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(Tominaga et al. 2007)

The metallicities of extremely metal-poor
stars in the halo are consistent with the
yields of core-collapse supernovae, i.e.
progenitor stars with 20 - 40 M⦿

Fig. 6.—Comparison between the [ X/ Fe] trends of observed stars (crosses: the previous studies [e.g., Gratton & Sneden 1991; Sneden et al. 1991; Edvardsson et al.
1993; McWilliam et al. 1995a, 1995b; Ryan et al. 1996; McWilliam 1997; Carretta et al. 2000; Primas et al. 2000; Gratton et al. 2003; Bensby et al. 2003]; open circles: CA04;
open squares: HO04) and those of individual stars models ( filled circles: normal SNe; filled triangles: HNe with case A; filled rhombus: HNe with case B) and IMF integration
( filled squares). The parameters are shown in Table 1.

(Joggerst et al. 2009, 2010)

(e.g. Tominaga et al. 2007, Izutani et al. 2009, Joggerst et al. 2009, 2010)
Figure 4. Mass abundance of He, O, Si, and Fe in Z = 0 (top) and 10−4 Z⊙ (bottom) 25 M⊙ stars after the end of RT-driven mixing. The snapshots are of the simulation
at 3.1 × 104 s, 6.3 × 104 s, and 2.7 × 104 s for z25B, z25D, and z25G, and 1.4 × 104 s, 5.3 × 104 s, and 1.2 × 105 s for models u25B, u25D, and u25G, respectively.
Red Z = 0 stars again show much more mixing than blue Z = 10−4 Z⊙ stars, although it is not as extreme as in the 15 M⊙ models, in which the difference in outer
radius between the z- and u-series progenitors was greater. Mixing again rises with explosion energy, which is 0.6, 1.2, 2.4 Bethe from left to right across the panels.

primordial star formation
•

just like in present-day SF, we expect

-

turbulence
thermodynamics (i.e. heating vs. cooling)
feedback
magnetic fields
to influence first star formation.

•

masses of first stars still uncertain, but we expect a wide mass range
with typical masses of several 10s of M⦿

•
•

disks unstable: first stars in binaries or part of small clusters
current frontier: include feedback and magnetic fields and possibly
dark matter annihilation...

reducing fragmentation
•
•

from present-day star formation theory we know, that
- magnetic fields: Peters et al. 2011, Seifried et al. 2012, Hennebelle et al. 2011
- accretion heating: Peters et al. 2010, Krumholz et al. 2009, Kuipers et al. 2011
can influence the fragmentation behavior.
in the context of Pop III
- radiation: Hosokawa et al. 2012, Stacy et al. 2012a
- magnetic fields: Turk et al. 2012, but see also Bovino et al. 2013

Schleicher et al. 2010, Sur et al. 2010, Federrath et al. 2011, Schober et al. 2012ab, 2013

•

all these will reduce degree of fragmentation

•

DM annihililation might become important for disk dynamics and
fragmentation (Ripamonti et al. 2011, Stacy et al. 2012b, Rowan Smith et al. 2012)

(but not by much, see Rowan Smith et al. 2011, 2012, at least for accretion heating)
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Star formation is intrinsically a multi-scale and multi-physics problem.
Many different processes need to be considered simultaneously.

•

stars form from the
of competing processes (such as
pressure

•

thermodynamic properties
in the star formation process

•

detailed studies require the
physical processes

•

star formation is
poorly understood

•

primordial star formation
star formation
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research agenda for the coming years

•

theoretical

•

it requires a
and

•

technical development
with
various

•

scientific goal
dynamics of the interstellar medium
and star clusters
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research agenda for the coming years

•

questions

-

what regulates star formation on galactic scales? global SF relations?

-

what are the initial conditions for star cluster formation?
how does cloud structure translate into cluster structure?

-

what processes determine the initial mass function (IMF) of stars?

-

star formation in extreme environments (galactic center, starburst,
etc.), how does it differ from a more “normal” mode?

what drives interstellar turbulence turbulence?
how do molecular clouds form and evolve?
is there unaccounted (molecular) gas in galaxies?

how does star formation depend on metallicity? how do the first stars
form?

Carina with HST

T H A N K S
galaxy formation
and evolution
Milky Way,
Galactic dynamics

first stars, early
comic evolution

star formation
ISM dynamics
solar system, Earth
protostellar disks,
extrasolar planets

