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decrease in spatial scale / increase in density 

• density

- density of ISM: few particles per cm3

- density of molecular cloud: few 100 particles per cm3

- density of Sun: 1.4 g /cm3

• spatial scale

- size of molecular cloud: few 10s of pc

- size of young cluster: ~ 1 pc

- size of Sun: 1.4 x 1010 cm

Andromeda (R. Gendler)

NGC 602 in LMC (Hubble)

Proplyd in Orion (Hubble)

Sun (SOHO)
Earth
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decrease in spatial scale / increase in density 

Andromeda (R. Gendler)

NGC 602 in LMC (Hubble)

Proplyd in Orion (Hubble)

Sun (SOHO)
Earth

        http://www.ita.uni-heidelberg.de/research/klessen/index.shtml

• contracting force
-  only force that can do this compression 

 is GRAVITY 

• opposing forces
-  there are several processes that can oppose gravity

-  GAS PRESSURE
-  TURBULENCE
-  MAGNETIC FIELDS 
-  RADIATION PRESSURE

Modern star formation 
theory is based on the 
complex interplay between 
all these processes.
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Figure 1. Star formation rates and surface densities of 13 STING galaxies. Black symbols show the data, and gray lines show 50 random
draws from the posterior. For reference, (red) dashed lines shows the bisector fit with N=1.1 to all data (shown together in last panel).

the ΣSFR - Σmol trend. For the galaxies with the largest
deviations from the bisector, such as NGC 772, NGC 3147,
and NGC 4254, the data strongly evinces a sub-linear KS
relationship.

Table 1 shows the Bayesian parameter estimates of the
KS relationship (with A = log a) for all individuals and the
population. Columns 3 - 7 present the KS parameter esti-
mates for each individual galaxy, including the 2σ extent and
the scatter σscat about the regression. The last row indicates
the parameter estimates for the population. For five of the
thirteen galaxies, the data is inconsistent with a linear KS
relationship at the 2σ level. Further, the mean slope of the
ensemble is estimated to be between 0.58 and 0.94, favoring
a sub-linear KS relationship with 95% confidence. Similar to
the results from SKB13, there is significant galaxy-to-galaxy
variation, indicating that no single KS relationship provides
an accurate fit for all galaxies.

Since the posterior contains PDFs for the unknown pa-
rameters for each individual, we can take differences in N
to ascertain whether the galaxies have similar KS relation-
ships. For NGC 0772 and NGC 4273, for instance, this PDF
contains no values close to zero, revealing that these galaxies
have different KS relationships.

We can also estimate, generically, how many galaxies
would have sub-linear KS slopes. Though we have find that
five individual galaxies from the STING sample have sub-
linear slopes at 95% confidence, the total number of galaxies
with sub-linear slopes predicted by the posterior may differ-
ent. At the end of the MCMC analysis, we can evaluate the
PDF of the number of galaxies with sub-linear slopes. The
Bayesian results indicate that at 95% confidence at least 9
galaxies will have sub-linear KS relationships.

4.2 The molecular gas depletion time of STING
galaxies

The gas depletion time is defined as

τCO
dep = Σmol/ΣSFR, (2)

where we include “CO” in the superscript to emphasize that
τCO
dep corresponds to the depletion time of the gas traced by

CO. Figure 2 shows τCO
dep using the measured values of Σ̂SFR

and Σ̂mol in Equation 2 directly, as well as the Bayesian fit
with the 2σ uncertainty range. The Bayesian model predic-
tions for each galaxy at four values of Σmol=50, 100, 150,
and 200 M⊙ pc−2 are provided in Table 1.

As with the KS relationship itself in Figure 1, there is
no single τCO

dep that holds for all galaxies. Further, for those

galaxies with a strongly sub-linear relationship, τCO
dep clearly

increases with increasing gas surface density.
For instance, for NGC 772 where the median N=0.51,

the median τCO
dep varies from <

∼ 5 Gyr at Σmol=50 M⊙ pc−2,

to >
∼ 9 Gyr at Σmol=200 M⊙ pc−2. Altogether, a constant

value of τCO
dep=2 Gyr can be ruled out at 95% for all Σmol!

50 M⊙ pc−2 for this galaxy. Note that some galaxies are
consistent with a constant depletion time. NGC 5713, for
example, has τCO

dep≈2±1 Gyr.

5 CAVEATS

There are a number of caveats and assumptions that enter
our analysis. Missing flux intrinsic to interferometric obser-
vations, uncertainties other than random uncorrelated er-
rors, and variable conversion factors are all likely to affect
any parameter estimates.

As noted by R11, large scale diffuse emission may not
be detected by interferometers. Single-dish observations are
needed for recovering this component (e.g. Helfer et al.
2003). This diffuse emission will certainly have an impact
on any estimated KS relationship, as it will tend to increase
the flux more in the low density regime, steepening the esti-
mated slope. For the one galaxy for which we do have single
dish data, NGC 4254, the impact of correcting for missing
flux results in a slope increase of less than 0.1. Fully ac-
counting for large scale emission may therefore impact the
KS parameter estimates. In our analysis we have attempted
to minimize the effect of diffuse emission by only considering
CO bright regions (with Σmol ! 20 M⊙ pc−2). In principle,
for completeness single-dish observations would be required.

In the hierarchical modelling, we have only considered
random statistical uncertainties. However, we have been

c⃝ 2013 RAS, MNRAS 000, 1–7

CO-dark gas in the Milky Way 9

Figure 7. Morphology of the molecular gas in our Milky Way simulation. The greyscale background image shows the H2 column density
(c.f. Figure 4), while the purple points show the strength of the CO velocity-integrated intensity, WCO, estimated as described in the
text. Many of the clouds in the inter-arm region have no portions with integrated intensities above 0.1 K km s−1 and thus would appear
entirely ‘dark’ in CO observations.

can be determined. If we instead average over all of the gas
in our high-resolution region, including the CO-dark clouds,
we obtain a larger value, XCO = 3.9×1020 cm−2K−1km−1s.

3.4 Quantifying the dark gas fraction

To quantify the amount of CO-dark molecular gas in our
simulations, we define a dark gas fraction

fDG(x) =
Mx

H2

MCO
H2

+Mx
H2

, (4)

where Mx
H2

is the mass of CO-dark H2 with emission be-
low an intensity of x = WCO, and MCO

H2
is the mass of

CO-bright H2 above this threshold. Our dark gas fraction
therefore is the ratio of the CO-dark molecular gas to the

total molecular gas. This definition is equivalent to that used
in Wolfire et al. (2010), but differs from that used by some
other authors, who define the dark gas fraction relative to
the total gas mass (i.e. the sum of the atomic and molecular
masses).

Clearly, in order to compute fDG, we need to be able to
distinguish between CO-dark and CO-bright gas. However,
it is not immediately obvious how to do this: how faint does
the CO emission from a cloud of gas need to be before we
call that gas CO-dark? In our analysis, rather than adopting
an arbitrary emission threshold for distinguishing between
CO-dark and CO-bright gas, we have instead computed fDG

as a function of the choice of threshold (x). The results are
plotted in Figure 9. We see from the Figure that in practice,
the value we derive for fDG is not particularly sensitive to

Magnetic field amplification by gravity-driven turbulence 7

Fig. 3.— a) Spherical slice of the gas density inside the Jeans volume at � = 12 for our run with 128 cells per Jeans length. b) Velocity
streamlines on a linear color scale ranging from dark blue (0 km s�1) to light gray (5 km s�1). c) Magnetic field lines, showing a highly
tangled and twisted magnetic field structure typical of the small-scale dynamo; yellow: 0.5mG, red: 1mG. d) Four randomly chosen,
individual field lines. The green one, in particular, is extremely tangled close to the center of the Jeans volume. e) Contours of the vorticity
modulus, |⌅⇥ v|, showing elongated, filamentary structures typically seen in subsonic turbulence (e.g., Frisch 1995). f) Spherical slice of
the divergence of the velocity field, ⌅ · v; white: compression, red: expansion.
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Figure 1. Star formation rates and surface densities of 13 STING galaxies. Black symbols show the data, and gray lines show 50 random
draws from the posterior. For reference, (red) dashed lines shows the bisector fit with N=1.1 to all data (shown together in last panel).

the ΣSFR - Σmol trend. For the galaxies with the largest
deviations from the bisector, such as NGC 772, NGC 3147,
and NGC 4254, the data strongly evinces a sub-linear KS
relationship.

Table 1 shows the Bayesian parameter estimates of the
KS relationship (with A = log a) for all individuals and the
population. Columns 3 - 7 present the KS parameter esti-
mates for each individual galaxy, including the 2σ extent and
the scatter σscat about the regression. The last row indicates
the parameter estimates for the population. For five of the
thirteen galaxies, the data is inconsistent with a linear KS
relationship at the 2σ level. Further, the mean slope of the
ensemble is estimated to be between 0.58 and 0.94, favoring
a sub-linear KS relationship with 95% confidence. Similar to
the results from SKB13, there is significant galaxy-to-galaxy
variation, indicating that no single KS relationship provides
an accurate fit for all galaxies.

Since the posterior contains PDFs for the unknown pa-
rameters for each individual, we can take differences in N
to ascertain whether the galaxies have similar KS relation-
ships. For NGC 0772 and NGC 4273, for instance, this PDF
contains no values close to zero, revealing that these galaxies
have different KS relationships.

We can also estimate, generically, how many galaxies
would have sub-linear KS slopes. Though we have find that
five individual galaxies from the STING sample have sub-
linear slopes at 95% confidence, the total number of galaxies
with sub-linear slopes predicted by the posterior may differ-
ent. At the end of the MCMC analysis, we can evaluate the
PDF of the number of galaxies with sub-linear slopes. The
Bayesian results indicate that at 95% confidence at least 9
galaxies will have sub-linear KS relationships.

4.2 The molecular gas depletion time of STING
galaxies

The gas depletion time is defined as

τCO
dep = Σmol/ΣSFR, (2)

where we include “CO” in the superscript to emphasize that
τCO
dep corresponds to the depletion time of the gas traced by

CO. Figure 2 shows τCO
dep using the measured values of Σ̂SFR

and Σ̂mol in Equation 2 directly, as well as the Bayesian fit
with the 2σ uncertainty range. The Bayesian model predic-
tions for each galaxy at four values of Σmol=50, 100, 150,
and 200 M⊙ pc−2 are provided in Table 1.

As with the KS relationship itself in Figure 1, there is
no single τCO

dep that holds for all galaxies. Further, for those

galaxies with a strongly sub-linear relationship, τCO
dep clearly

increases with increasing gas surface density.
For instance, for NGC 772 where the median N=0.51,

the median τCO
dep varies from <

∼ 5 Gyr at Σmol=50 M⊙ pc−2,

to >
∼ 9 Gyr at Σmol=200 M⊙ pc−2. Altogether, a constant

value of τCO
dep=2 Gyr can be ruled out at 95% for all Σmol!

50 M⊙ pc−2 for this galaxy. Note that some galaxies are
consistent with a constant depletion time. NGC 5713, for
example, has τCO

dep≈2±1 Gyr.

5 CAVEATS

There are a number of caveats and assumptions that enter
our analysis. Missing flux intrinsic to interferometric obser-
vations, uncertainties other than random uncorrelated er-
rors, and variable conversion factors are all likely to affect
any parameter estimates.

As noted by R11, large scale diffuse emission may not
be detected by interferometers. Single-dish observations are
needed for recovering this component (e.g. Helfer et al.
2003). This diffuse emission will certainly have an impact
on any estimated KS relationship, as it will tend to increase
the flux more in the low density regime, steepening the esti-
mated slope. For the one galaxy for which we do have single
dish data, NGC 4254, the impact of correcting for missing
flux results in a slope increase of less than 0.1. Fully ac-
counting for large scale emission may therefore impact the
KS parameter estimates. In our analysis we have attempted
to minimize the effect of diffuse emission by only considering
CO bright regions (with Σmol ! 20 M⊙ pc−2). In principle,
for completeness single-dish observations would be required.

In the hierarchical modelling, we have only considered
random statistical uncertainties. However, we have been
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CO-dark gas in the Milky Way 9

Figure 7. Morphology of the molecular gas in our Milky Way simulation. The greyscale background image shows the H2 column density
(c.f. Figure 4), while the purple points show the strength of the CO velocity-integrated intensity, WCO, estimated as described in the
text. Many of the clouds in the inter-arm region have no portions with integrated intensities above 0.1 K km s−1 and thus would appear
entirely ‘dark’ in CO observations.

can be determined. If we instead average over all of the gas
in our high-resolution region, including the CO-dark clouds,
we obtain a larger value, XCO = 3.9×1020 cm−2K−1km−1s.

3.4 Quantifying the dark gas fraction

To quantify the amount of CO-dark molecular gas in our
simulations, we define a dark gas fraction

fDG(x) =
Mx

H2

MCO
H2

+Mx
H2

, (4)

where Mx
H2

is the mass of CO-dark H2 with emission be-
low an intensity of x = WCO, and MCO

H2
is the mass of

CO-bright H2 above this threshold. Our dark gas fraction
therefore is the ratio of the CO-dark molecular gas to the

total molecular gas. This definition is equivalent to that used
in Wolfire et al. (2010), but differs from that used by some
other authors, who define the dark gas fraction relative to
the total gas mass (i.e. the sum of the atomic and molecular
masses).

Clearly, in order to compute fDG, we need to be able to
distinguish between CO-dark and CO-bright gas. However,
it is not immediately obvious how to do this: how faint does
the CO emission from a cloud of gas need to be before we
call that gas CO-dark? In our analysis, rather than adopting
an arbitrary emission threshold for distinguishing between
CO-dark and CO-bright gas, we have instead computed fDG

as a function of the choice of threshold (x). The results are
plotted in Figure 9. We see from the Figure that in practice,
the value we derive for fDG is not particularly sensitive to

Magnetic field amplification by gravity-driven turbulence 7

Fig. 3.— a) Spherical slice of the gas density inside the Jeans volume at � = 12 for our run with 128 cells per Jeans length. b) Velocity
streamlines on a linear color scale ranging from dark blue (0 km s�1) to light gray (5 km s�1). c) Magnetic field lines, showing a highly
tangled and twisted magnetic field structure typical of the small-scale dynamo; yellow: 0.5mG, red: 1mG. d) Four randomly chosen,
individual field lines. The green one, in particular, is extremely tangled close to the center of the Jeans volume. e) Contours of the vorticity
modulus, |⌅⇥ v|, showing elongated, filamentary structures typically seen in subsonic turbulence (e.g., Frisch 1995). f) Spherical slice of
the divergence of the velocity field, ⌅ · v; white: compression, red: expansion.
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HI Maps

SFR Maps

H2 Maps

• HI gas more extended

• H2 and SF well correlated

atomic  
hydrogen

molecular  
hydrogen

star  
formation

galaxies from THINGS and HERACLES survey  
(images from Frank Bigiel, ZAH/ITA)



• QUIZ: do you see a universal 

• ANSWER:  - probably not  
                 - in addition, the relation often is sublinear

Shetty et al. (2014, MNRAS, 437, L61, see also Shetty, Kelly, Bigiel, 2013, MNRAS, 430, 288)
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Figure 1. Slope and intercept of test galaxies in Group A. Black cross shows the true values. Red and orange squares show the
OLS(ΣSFR|Σmol) and OLS(Σmol|ΣSFR) results, with their 1σ uncertainties, respectively. The gray circles indicate the estimate provided
by the median of hierarchical Bayesian posterior result, and the contours mark the 1σ deviation. The filled blue squares mark the bisector
estimates. The last panel on the bottom row shows the group parameters and fit estimates.

For the OLS(Σmol|ΣSFR), the fit slope is the inverse of the
desired quantity in Equation 2, so that:

NΣmol|ΣSFR
=

Var(Σ̂SFR)

Cov(Σ̂mol, Σ̂SFR)
(30)

The bisector slope NBis is a weighted mean of the
OLS(ΣSFR|Σmol) and OLS(Σmol|ΣSFR) slopes.

NBis = (NΣmol|ΣSFR
+NΣSFR|Σmol

)−1 (31)

×

[

NΣSFR|Σmol
NΣmol|ΣSFR

− 1 +

√

(1 +N2
ΣSFR|Σmol

)(1 +N2
Σmol|ΣSFR

)

]

Equations 29 - 31 illustrate what we stated earlier: that
the three different slope estimates are just three different
statistics (or summaries) derived from the same joint dis-
tribution. Choosing one estimate over the other does not
imply that one quantity “causes” the other, as is sometimes

claimed to be implied by the terminology of “independent”
and “dependent” variables. However, the different slope esti-
mates do differ in interpretation. The OLS(ΣSFR|Σmol) slope
describes how the mean value of ΣSFR varies with Σmol while
the OLS(Σmol|ΣSFR) slope describes how the mean value of
Σmol changes with ΣSFR. Thus, both OLS slopes are easily
interpretable. In contrast, the bisector slope is a weighted
average of the two OLS slope, and it is not clear how this
should be interpreted.

The OLS slopes are therefore strongly dependent on
the statistical properties of Σ̂SFR and Σ̂mol. For the syn-
thetic data of both groups, Var(Σ̂mol) = 0.39, pooling all
data from each galaxy together. For Group A, Var(Σ̂SFR) =
0.33, and Cov(Σ̂mol, Σ̂SFR) = 0.32. In Group B, Var(Σ̂SFR)
= 0.41, and Cov(Σ̂mol, Σ̂SFR) = 0.36. The covariances and
Var(Σ̂SFR) of the two groups are similar, as the adopted
slopes only differ by ≈ 10%. More importantly, the covari-
ance is < 1. As the covariance occurs in the denominator
of the OLS(Σmol|ΣSFR) slope, but in the numerator of the

c⃝ 2012 RAS, MNRAS 000, 1–17

Shetty et al. (2013, MNRAS, 430, 288)

Hierarchical Bayesian 
models give more reliable 
estimates of the slope and 
the intercept of a power-law 
fit compared to least-
square fits (or bisector fits).

true value

Bayesian fit  
(with 1 sigma area)

NSFR vs. Ngas

Ngas vs. NSFR 

bisector fit



Hierarchical Bayesian model for STING galaxies indicate varying depleting 
times. 

Shetty et al. (2014, MNRAS, 437, L61)

4 R. Shetty et al.
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Figure 2. Depletion time τCO
dep

and surface density of STING Galaxies. Points indicate the directly measured values. Solid line is the

median of the Bayesian estimate, and thin lines mark the 2σ interval. The red dashed line indicates τCO
dep

=2 Gyr. The efficiency per free

fall time (ϵCO
ff

) is marked on the right ordinate.

As with the KS relationship itself in Figure 1, there is
no single τCO

dep that holds for all galaxies. Further, for those

galaxies with a strongly sub-linear relationship, τCO
dep clearly

increases with increasing gas surface density.
For instance, for NGC 772 where the median N=0.51,

the median τCO
dep varies from <

∼ 5 Gyr at Σmol=50 M⊙ pc−2,

to >
∼ 9 Gyr at Σmol=200 M⊙ pc−2. Altogether, a constant

value of τCO
dep=2 Gyr can be ruled out for all Σmol! 50 M⊙

pc−2. Notice that for some galaxies favoring a linear KS
relationship, such as NGC 3593, the hierarchical Bayesian
fit provides results consistent with previous investigations,
τCO
dep≈2±1 Gyr. However, taken together the data do not

favor a constant τCO
dep for all galaxies in the sample.

5 DISCUSSION & SUMMARY

We have applied a hierarchical Bayesian fitting method to
the STING sample of nearby galaxies for estimating the KS
parameters. Our main results are as follows:

1) The KS parameters vary from galaxy to galaxy. The
median slope estimate ranges from as low as 0.43 (NGC
3147) to as high as 1.0 (NGC 3593). The range in slopes
of the STING sample is consistent with that found from
the SKB13 analysis of the Bigiel et al. (2008) HERACLES
sample.

2) For eight out of the fifteen galaxies, at 95% confidence
the KS slope is sub-linear. The posterior predicts that 11 to
15 galaxies have sub-linear slopes. Additionally, the mean
value of the KS slope is also sub-linear, with the median of
the PDF falling at 0.73. A linear slope for the population is
excluded at the 2σ level.

3) A sub-linear KS relationship is indicative of an in-
creasing τCO

dep at higher Σmol. As the KS slope is not constant,

the value of τCO
dep at a given Σmol also varies depending on

the galaxy. For instance, for Σmol=100 M⊙ pc−2, τCO
dep varies

from <
∼ 1 to >

∼ 9 Gyr. Equivalently, the star formation effi-

ciency per free-fall time decreases with increasing CO lumi-
nosity.

These results stand in contrast with the idea of a con-
stant τCO

dep≈2 Gyr. There are two primary reasons for the
discrepancies. As we discussed in SKB13, by pooling all
data together intrinsic variations between galaxies may be
veiled, with the outcome dependent on those galaxies with
the tightest KS relationship, and with the largest number of
datapoints. Second, the bisector is a statistical measure that
is difficult to interpret, because a slope of unity can result
from different scenarios, including those without any correla-
tion between the predictor and response (see also Isobe et al.
1990).

The significant variation in the KS parameters between
galaxies indicates that ΣSFR depends on other physical prop-
erties besides just Σmol. For instance, the relative effects of
the gas fractions, magnetic fields, metallicity, and/or stel-
lar mass may have stronger influence on the ΣSFR than
Σmol. In fact, Shi et al. (2011) demonstrate a tighter cor-
relation between ΣSFR with the stellar mass, compared to
Σmol. Leroy et al. (2013) also find strong evidence that the
KS relationship varies between galaxies as well as between
the galactic centers and outer disk regions. Their analysis
indicates that the diverse gas depletion times relates to the
variation in the dust-to-gas ratio. Taken these results to-
gether, ΣSFR may need to be assessed in the context of other
physical properties besides just Σmol.

We employed the common assumptions of constant con-
version factors. Accordingly, the result of a mean sub-linear
KS relationship may simply suggest that on average, CO is
not a direct tracer of star formation activity (compare, e.g.
Gao & Solomon 2004). One possible interpretation is that
CO is abundant away from star forming cores. Similarly,
the increasing τCO

dep with Σmol may be due to the presence
of excited CO in the diffuse or non-star-forming ISM (e.g.
Liszt et al. 2010). For instance, towards the centers of galax-
ies the ISM conditions may be conducive for CO formation,
as the higher overall ambient densities may lead to effective
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ff
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As with the KS relationship itself in Figure 1, there is
no single τCO

dep that holds for all galaxies. Further, for those

galaxies with a strongly sub-linear relationship, τCO
dep clearly

increases with increasing gas surface density.
For instance, for NGC 772 where the median N=0.51,

the median τCO
dep varies from <

∼ 5 Gyr at Σmol=50 M⊙ pc−2,

to >
∼ 9 Gyr at Σmol=200 M⊙ pc−2. Altogether, a constant

value of τCO
dep=2 Gyr can be ruled out for all Σmol! 50 M⊙

pc−2. Notice that for some galaxies favoring a linear KS
relationship, such as NGC 3593, the hierarchical Bayesian
fit provides results consistent with previous investigations,
τCO
dep≈2±1 Gyr. However, taken together the data do not

favor a constant τCO
dep for all galaxies in the sample.

5 DISCUSSION & SUMMARY

We have applied a hierarchical Bayesian fitting method to
the STING sample of nearby galaxies for estimating the KS
parameters. Our main results are as follows:

1) The KS parameters vary from galaxy to galaxy. The
median slope estimate ranges from as low as 0.43 (NGC
3147) to as high as 1.0 (NGC 3593). The range in slopes
of the STING sample is consistent with that found from
the SKB13 analysis of the Bigiel et al. (2008) HERACLES
sample.

2) For eight out of the fifteen galaxies, at 95% confidence
the KS slope is sub-linear. The posterior predicts that 11 to
15 galaxies have sub-linear slopes. Additionally, the mean
value of the KS slope is also sub-linear, with the median of
the PDF falling at 0.73. A linear slope for the population is
excluded at the 2σ level.

3) A sub-linear KS relationship is indicative of an in-
creasing τCO

dep at higher Σmol. As the KS slope is not constant,

the value of τCO
dep at a given Σmol also varies depending on

the galaxy. For instance, for Σmol=100 M⊙ pc−2, τCO
dep varies

from <
∼ 1 to >

∼ 9 Gyr. Equivalently, the star formation effi-

ciency per free-fall time decreases with increasing CO lumi-
nosity.

These results stand in contrast with the idea of a con-
stant τCO

dep≈2 Gyr. There are two primary reasons for the
discrepancies. As we discussed in SKB13, by pooling all
data together intrinsic variations between galaxies may be
veiled, with the outcome dependent on those galaxies with
the tightest KS relationship, and with the largest number of
datapoints. Second, the bisector is a statistical measure that
is difficult to interpret, because a slope of unity can result
from different scenarios, including those without any correla-
tion between the predictor and response (see also Isobe et al.
1990).

The significant variation in the KS parameters between
galaxies indicates that ΣSFR depends on other physical prop-
erties besides just Σmol. For instance, the relative effects of
the gas fractions, magnetic fields, metallicity, and/or stel-
lar mass may have stronger influence on the ΣSFR than
Σmol. In fact, Shi et al. (2011) demonstrate a tighter cor-
relation between ΣSFR with the stellar mass, compared to
Σmol. Leroy et al. (2013) also find strong evidence that the
KS relationship varies between galaxies as well as between
the galactic centers and outer disk regions. Their analysis
indicates that the diverse gas depletion times relates to the
variation in the dust-to-gas ratio. Taken these results to-
gether, ΣSFR may need to be assessed in the context of other
physical properties besides just Σmol.

We employed the common assumptions of constant con-
version factors. Accordingly, the result of a mean sub-linear
KS relationship may simply suggest that on average, CO is
not a direct tracer of star formation activity (compare, e.g.
Gao & Solomon 2004). One possible interpretation is that
CO is abundant away from star forming cores. Similarly,
the increasing τCO

dep with Σmol may be due to the presence
of excited CO in the diffuse or non-star-forming ISM (e.g.
Liszt et al. 2010). For instance, towards the centers of galax-
ies the ISM conditions may be conducive for CO formation,
as the higher overall ambient densities may lead to effective
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• maybe strong shear in dense arms (example M51, Meidt et al. 2013)...

• maybe non-star forming H
densities (recall H

Shetty et al. (2013, MNRAS, 437, L61, see also Shetty, Kelly, Bigiel, 2013, MNRAS, 430, 288)

physical origin of this behavior?

data from STING survey (Rahman et al. 2011, 2012)
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• maybe a large fraction of H
dense clouds, but in a diffuse state!  

in addition:

Shetty et al. (2014, MNRAS, 422, 2208)
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Fig. 9.— Relation between CO luminosity and H2 mass for GRS/UMSB (left) and Mark data (right)

Fig. 10.— Total diffuse, dense, and noise H2 masses in Rgal bins (of width 0.1 kpc) vs Rgal for GRS/UMSB (left) and Mark data (right),
in linear (top) and log (bottom) space

Fig. 11.— Map of the total (left), dense (middle), and diffuse (right) Galactic surface density of molecular gas in the Milky Way. The
coverage of the two surveys is indicated by the grey/white contrast

total gas dense clouds diffuse gas

Spacial distribution

INNER GALAXY:  
Galactic Ring Survey (GRS)

OUTER GALAXY:  
Mark Heyer’s survey



Roman-Duval et al. (2015, in prep.)

Diffuse gas fraction as function of Galactic radius. 

INNER GALAXY: Galactic Ring Survey (GRS) OUTER GALAXY: Mark Heyer’s survey

Diffuse gas fraction as function of Galactic radius 
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Fig. 7.— Detected and noise 12CO and 13CO luminosities in Rgal bins (of width 0.1 kpc) vs Rgal for GRS/UMSB (left) and Mark data
(right), 12CO (top) and 13CO (bottom)

Fig. 8.— Diffuse and dense luminosities in Rgal bins (of width 0.1 kpc) vs Rgal for GRS/UMSB (left) and Mark data (right), in linear
space (top), and log space (bottom). In the bottom panel, the scale is identical for GRS/UMSB and Mark’s data to show the continuity
in the trends between the two data sets, based on different noise properties and observing strategies.
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Fig. 7.— Detected and noise 12CO and 13CO luminosities in Rgal bins (of width 0.1 kpc) vs Rgal for GRS/UMSB (left) and Mark data
(right), 12CO (top) and 13CO (bottom)

Fig. 8.— Diffuse and dense luminosities in Rgal bins (of width 0.1 kpc) vs Rgal for GRS/UMSB (left) and Mark data (right), in linear
space (top), and log space (bottom). In the bottom panel, the scale is identical for GRS/UMSB and Mark’s data to show the continuity
in the trends between the two data sets, based on different noise properties and observing strategies.



NGC 602 in LMC (Hubble)

A sub-linear and non-universal KS relationship 3

1.0

1.5

2.0

NGC 772

log
(Σ

SF
R) 

(M
o G

yr−1
 pc

−2
)

NGC 3147 NGC 3593 NGC 3949 NGC 4254 NGC 4273 NGC 4654

1.5 2.0 2.5

1.0

1.5

2.0

NGC 5371

log(Σmol) (Mo pc−2)

log
(Σ

SF
R) 

(M
o G

yr−1
 pc

−2
)

1.5 2.0 2.5

NGC 5713

log(Σmol) (Mo pc−2)
1.5 2.0 2.5

NGC 6951

log(Σmol) (Mo pc−2)
1.5 2.0 2.5

NGC 1637

log(Σmol) (Mo pc−2)
1.5 2.0 2.5

NGC 3198

log(Σmol) (Mo pc−2)
1.5 2.0 2.5

NGC 4536

log(Σmol) (Mo pc−2)
1.5 2.0 2.5

All Galaxies

log(Σmol) (Mo pc−2)

Figure 1. Star formation rates and surface densities of 13 STING galaxies. Black symbols show the data, and gray lines show 50 random
draws from the posterior. For reference, (red) dashed lines shows the bisector fit with N=1.1 to all data (shown together in last panel).

the ΣSFR - Σmol trend. For the galaxies with the largest
deviations from the bisector, such as NGC 772, NGC 3147,
and NGC 4254, the data strongly evinces a sub-linear KS
relationship.

Table 1 shows the Bayesian parameter estimates of the
KS relationship (with A = log a) for all individuals and the
population. Columns 3 - 7 present the KS parameter esti-
mates for each individual galaxy, including the 2σ extent and
the scatter σscat about the regression. The last row indicates
the parameter estimates for the population. For five of the
thirteen galaxies, the data is inconsistent with a linear KS
relationship at the 2σ level. Further, the mean slope of the
ensemble is estimated to be between 0.58 and 0.94, favoring
a sub-linear KS relationship with 95% confidence. Similar to
the results from SKB13, there is significant galaxy-to-galaxy
variation, indicating that no single KS relationship provides
an accurate fit for all galaxies.

Since the posterior contains PDFs for the unknown pa-
rameters for each individual, we can take differences in N
to ascertain whether the galaxies have similar KS relation-
ships. For NGC 0772 and NGC 4273, for instance, this PDF
contains no values close to zero, revealing that these galaxies
have different KS relationships.

We can also estimate, generically, how many galaxies
would have sub-linear KS slopes. Though we have find that
five individual galaxies from the STING sample have sub-
linear slopes at 95% confidence, the total number of galaxies
with sub-linear slopes predicted by the posterior may differ-
ent. At the end of the MCMC analysis, we can evaluate the
PDF of the number of galaxies with sub-linear slopes. The
Bayesian results indicate that at 95% confidence at least 9
galaxies will have sub-linear KS relationships.

4.2 The molecular gas depletion time of STING
galaxies

The gas depletion time is defined as

τCO
dep = Σmol/ΣSFR, (2)

where we include “CO” in the superscript to emphasize that
τCO
dep corresponds to the depletion time of the gas traced by

CO. Figure 2 shows τCO
dep using the measured values of Σ̂SFR

and Σ̂mol in Equation 2 directly, as well as the Bayesian fit
with the 2σ uncertainty range. The Bayesian model predic-
tions for each galaxy at four values of Σmol=50, 100, 150,
and 200 M⊙ pc−2 are provided in Table 1.

As with the KS relationship itself in Figure 1, there is
no single τCO

dep that holds for all galaxies. Further, for those

galaxies with a strongly sub-linear relationship, τCO
dep clearly

increases with increasing gas surface density.
For instance, for NGC 772 where the median N=0.51,

the median τCO
dep varies from <

∼ 5 Gyr at Σmol=50 M⊙ pc−2,

to >
∼ 9 Gyr at Σmol=200 M⊙ pc−2. Altogether, a constant

value of τCO
dep=2 Gyr can be ruled out at 95% for all Σmol!

50 M⊙ pc−2 for this galaxy. Note that some galaxies are
consistent with a constant depletion time. NGC 5713, for
example, has τCO

dep≈2±1 Gyr.

5 CAVEATS

There are a number of caveats and assumptions that enter
our analysis. Missing flux intrinsic to interferometric obser-
vations, uncertainties other than random uncorrelated er-
rors, and variable conversion factors are all likely to affect
any parameter estimates.

As noted by R11, large scale diffuse emission may not
be detected by interferometers. Single-dish observations are
needed for recovering this component (e.g. Helfer et al.
2003). This diffuse emission will certainly have an impact
on any estimated KS relationship, as it will tend to increase
the flux more in the low density regime, steepening the esti-
mated slope. For the one galaxy for which we do have single
dish data, NGC 4254, the impact of correcting for missing
flux results in a slope increase of less than 0.1. Fully ac-
counting for large scale emission may therefore impact the
KS parameter estimates. In our analysis we have attempted
to minimize the effect of diffuse emission by only considering
CO bright regions (with Σmol ! 20 M⊙ pc−2). In principle,
for completeness single-dish observations would be required.

In the hierarchical modelling, we have only considered
random statistical uncertainties. However, we have been
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CO-dark gas in the Milky Way 9

Figure 7. Morphology of the molecular gas in our Milky Way simulation. The greyscale background image shows the H2 column density
(c.f. Figure 4), while the purple points show the strength of the CO velocity-integrated intensity, WCO, estimated as described in the
text. Many of the clouds in the inter-arm region have no portions with integrated intensities above 0.1 K km s−1 and thus would appear
entirely ‘dark’ in CO observations.

can be determined. If we instead average over all of the gas
in our high-resolution region, including the CO-dark clouds,
we obtain a larger value, XCO = 3.9×1020 cm−2K−1km−1s.

3.4 Quantifying the dark gas fraction

To quantify the amount of CO-dark molecular gas in our
simulations, we define a dark gas fraction

fDG(x) =
Mx

H2

MCO
H2

+Mx
H2

, (4)

where Mx
H2

is the mass of CO-dark H2 with emission be-
low an intensity of x = WCO, and MCO

H2
is the mass of

CO-bright H2 above this threshold. Our dark gas fraction
therefore is the ratio of the CO-dark molecular gas to the

total molecular gas. This definition is equivalent to that used
in Wolfire et al. (2010), but differs from that used by some
other authors, who define the dark gas fraction relative to
the total gas mass (i.e. the sum of the atomic and molecular
masses).

Clearly, in order to compute fDG, we need to be able to
distinguish between CO-dark and CO-bright gas. However,
it is not immediately obvious how to do this: how faint does
the CO emission from a cloud of gas need to be before we
call that gas CO-dark? In our analysis, rather than adopting
an arbitrary emission threshold for distinguishing between
CO-dark and CO-bright gas, we have instead computed fDG

as a function of the choice of threshold (x). The results are
plotted in Figure 9. We see from the Figure that in practice,
the value we derive for fDG is not particularly sensitive to

Magnetic field amplification by gravity-driven turbulence 7

Fig. 3.— a) Spherical slice of the gas density inside the Jeans volume at � = 12 for our run with 128 cells per Jeans length. b) Velocity
streamlines on a linear color scale ranging from dark blue (0 km s�1) to light gray (5 km s�1). c) Magnetic field lines, showing a highly
tangled and twisted magnetic field structure typical of the small-scale dynamo; yellow: 0.5mG, red: 1mG. d) Four randomly chosen,
individual field lines. The green one, in particular, is extremely tangled close to the center of the Jeans volume. e) Contours of the vorticity
modulus, |⌅⇥ v|, showing elongated, filamentary structures typically seen in subsonic turbulence (e.g., Frisch 1995). f) Spherical slice of
the divergence of the velocity field, ⌅ · v; white: compression, red: expansion.
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modeling molecular cloud formation

- Arepo moving mesh code (Springel 2010) 
- time dependent chemistry (Glover et al. 2007) 
  gives heating & cooling in a 2 phase medium 
- two layers of refinement with mass resolution down to  
  4 M⦿ in full Galaxy simulation 

- UV field and cosmic rays 
- TreeCol (Clark et al. 2012) 
- external spiral potential (Dobbs & Bonnell 2006) 
- no gas self-gravity, SN, or magnetic fields yet

GMC’s

(Smith et al., 2014, MNRAS, 441, 1628)



CO-dark gas in the Milky Way 5

Figure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
gas has a range of morphologies, from dense spiral arms, to filamentary spurs, to diffuse inter-arm regions.

As an example of the results we obtain from our stan-
dard grid, we show in Figure 2 a map of the total column
density in the high-resolution section of the Milky Way sim-
ulation. We see from the map that the gas exhibits very
different morphologies, ranging from dense spiral arms, to
filamentary spurs, to diffuse inter-arm regions. Each of these
regions has a different degree of shielding to the ambient ra-
diation field and consequently a different molecular hydro-
gen abundance.

Figure 3 shows the fractional abundance of molecu-
lar hydrogen relative to hydrogen in all forms as a func-
tion of column density. In this work, we define the frac-
tional abundance of H2 via the relationship fH2 ≡ nH2/n,
where nH2 is the number density of hydrogen molecules and
n ≡ 2nH2+nH+nH+ is the total number density of hydrogen
nuclei. With this definition, the maximum value of the frac-
tional abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molec-
ular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).

Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the

total column density

(Smith et al., 2014, MNRAS, 441, 1628)
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Figure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
gas has a range of morphologies, from dense spiral arms, to filamentary spurs, to diffuse inter-arm regions.

As an example of the results we obtain from our stan-
dard grid, we show in Figure 2 a map of the total column
density in the high-resolution section of the Milky Way sim-
ulation. We see from the map that the gas exhibits very
different morphologies, ranging from dense spiral arms, to
filamentary spurs, to diffuse inter-arm regions. Each of these
regions has a different degree of shielding to the ambient ra-
diation field and consequently a different molecular hydro-
gen abundance.

Figure 3 shows the fractional abundance of molecu-
lar hydrogen relative to hydrogen in all forms as a func-
tion of column density. In this work, we define the frac-
tional abundance of H2 via the relationship fH2 ≡ nH2/n,
where nH2 is the number density of hydrogen molecules and
n ≡ 2nH2+nH+nH+ is the total number density of hydrogen
nuclei. With this definition, the maximum value of the frac-
tional abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molec-
ular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).

Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the

HI column density

(Smith et al., 2014, MNRAS, 441, 1628)



preliminary image from THOR Galactic plane survey (PI H. Beuther): continuum emission around 21 cm

next step: produce all sky maps at various positions in the model galaxy (use RADMC-3D)

(Smith et al., 2014, MNRAS, 441, 1628)



preliminary image from THOR Galactic plane survey (PI H. Beuther): continuum emission around 21 cm

next step: produce all sky maps at various positions in the model galaxy (use RADMC-3D)

http://www.mpia.de/thor/Overview.html
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Figure 4. Map of H2 column density for the highly resolved section of the disc in the Milky Way simulation. H2 is predominantly found
in the spiral arms and in long filaments in the inter-arm regions.

galactic disc which will have higher column densities than in
our face-on disc. The observations of Gillmon et al. (2006)
along sight-lines perpendicular to the disc (shown by the
bold diamonds in Figure 3) are in good agreement with our
data. This gives us confidence that the small-scale galactic
structure is sufficiently resolved to accurately describe its
chemical makeup.

Figure 4 shows the column density of molecular hydro-
gen in the highly resolved disc segment. Molecular hydrogen
is predominantly present in the spiral arms, but there is also
molecular gas in inter-arm spurs and in the inner regions of
the disc. In the inter-arm regions molecular hydrogen is often
found in long filaments that were originally spurs connected
to the spiral arms but that were sheared off as the disc ro-
tated. Figure 5 shows the ratio of H2 to CO column densities
in the gas. There is considerable variation in the abundance
of CO. In particular, the long inter-arm filaments, which

are so apparent in Figure 4, are much less visible in CO.
This can be attributed to their narrow filamentary geome-
try being inefficient at shielding the gas from the ambient
radiation field. Due to the low abundance of CO in these
regions, the molecular gas there is likely to appear ‘dark’ in
observations of CO emission.

3.2 The relationship between CO and H2 column

densities

Although our simulations provide us with information on the
full 3D distributions of the H2 and CO abundances, in gen-
eral these are not observable quantities. For comparison with
observations, it is more useful to examine the correlation
between the H2 and CO column densities, and the column-
averaged abundance of CO relative to H2, ZCO = NCO/NH2 .

The left panel of Figure 6 shows the relation between
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Figure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
gas has a range of morphologies, from dense spiral arms, to filamentary spurs, to diffuse inter-arm regions.

As an example of the results we obtain from our stan-
dard grid, we show in Figure 2 a map of the total column
density in the high-resolution section of the Milky Way sim-
ulation. We see from the map that the gas exhibits very
different morphologies, ranging from dense spiral arms, to
filamentary spurs, to diffuse inter-arm regions. Each of these
regions has a different degree of shielding to the ambient ra-
diation field and consequently a different molecular hydro-
gen abundance.

Figure 3 shows the fractional abundance of molecu-
lar hydrogen relative to hydrogen in all forms as a func-
tion of column density. In this work, we define the frac-
tional abundance of H2 via the relationship fH2 ≡ nH2/n,
where nH2 is the number density of hydrogen molecules and
n ≡ 2nH2+nH+nH+ is the total number density of hydrogen
nuclei. With this definition, the maximum value of the frac-
tional abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molec-
ular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).

Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the

(Smith et al., 2014, MNRAS, 441, 1628)
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Figure 4. Map of H2 column density for the highly resolved section of the disc in the Milky Way simulation. H2 is predominantly found
in the spiral arms and in long filaments in the inter-arm regions.

galactic disc which will have higher column densities than in
our face-on disc. The observations of Gillmon et al. (2006)
along sight-lines perpendicular to the disc (shown by the
bold diamonds in Figure 3) are in good agreement with our
data. This gives us confidence that the small-scale galactic
structure is sufficiently resolved to accurately describe its
chemical makeup.

Figure 4 shows the column density of molecular hydro-
gen in the highly resolved disc segment. Molecular hydrogen
is predominantly present in the spiral arms, but there is also
molecular gas in inter-arm spurs and in the inner regions of
the disc. In the inter-arm regions molecular hydrogen is often
found in long filaments that were originally spurs connected
to the spiral arms but that were sheared off as the disc ro-
tated. Figure 5 shows the ratio of H2 to CO column densities
in the gas. There is considerable variation in the abundance
of CO. In particular, the long inter-arm filaments, which

are so apparent in Figure 4, are much less visible in CO.
This can be attributed to their narrow filamentary geome-
try being inefficient at shielding the gas from the ambient
radiation field. Due to the low abundance of CO in these
regions, the molecular gas there is likely to appear ‘dark’ in
observations of CO emission.

3.2 The relationship between CO and H2 column

densities

Although our simulations provide us with information on the
full 3D distributions of the H2 and CO abundances, in gen-
eral these are not observable quantities. For comparison with
observations, it is more useful to examine the correlation
between the H2 and CO column densities, and the column-
averaged abundance of CO relative to H2, ZCO = NCO/NH2 .

The left panel of Figure 6 shows the relation between
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Figure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
gas has a range of morphologies, from dense spiral arms, to filamentary spurs, to diffuse inter-arm regions.

As an example of the results we obtain from our stan-
dard grid, we show in Figure 2 a map of the total column
density in the high-resolution section of the Milky Way sim-
ulation. We see from the map that the gas exhibits very
different morphologies, ranging from dense spiral arms, to
filamentary spurs, to diffuse inter-arm regions. Each of these
regions has a different degree of shielding to the ambient ra-
diation field and consequently a different molecular hydro-
gen abundance.

Figure 3 shows the fractional abundance of molecu-
lar hydrogen relative to hydrogen in all forms as a func-
tion of column density. In this work, we define the frac-
tional abundance of H2 via the relationship fH2 ≡ nH2/n,
where nH2 is the number density of hydrogen molecules and
n ≡ 2nH2+nH+nH+ is the total number density of hydrogen
nuclei. With this definition, the maximum value of the frac-
tional abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molec-
ular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).

Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the
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Figure 7. Morphology of the molecular gas in our Milky Way simulation. The greyscale background image shows the H2 column density
(c.f. Figure 4), while the purple points show the strength of the CO velocity-integrated intensity, WCO, estimated as described in the
text. Many of the clouds in the inter-arm region have no portions with integrated intensities above 0.1 K km s−1 and thus would appear
entirely ‘dark’ in CO observations.

can be determined. If we instead average over all of the gas
in our high-resolution region, including the CO-dark clouds,
we obtain a larger value, XCO = 3.9×1020 cm−2K−1km−1s.

3.4 Quantifying the dark gas fraction

To quantify the amount of CO-dark molecular gas in our
simulations, we define a dark gas fraction

fDG(x) =
Mx

H2

MCO
H2

+Mx
H2

, (4)

where Mx
H2

is the mass of CO-dark H2 with emission be-
low an intensity of x = WCO, and MCO

H2
is the mass of

CO-bright H2 above this threshold. Our dark gas fraction
therefore is the ratio of the CO-dark molecular gas to the

total molecular gas. This definition is equivalent to that used
in Wolfire et al. (2010), but differs from that used by some
other authors, who define the dark gas fraction relative to
the total gas mass (i.e. the sum of the atomic and molecular
masses).

Clearly, in order to compute fDG, we need to be able to
distinguish between CO-dark and CO-bright gas. However,
it is not immediately obvious how to do this: how faint does
the CO emission from a cloud of gas need to be before we
call that gas CO-dark? In our analysis, rather than adopting
an arbitrary emission threshold for distinguishing between
CO-dark and CO-bright gas, we have instead computed fDG

as a function of the choice of threshold (x). The results are
plotted in Figure 9. We see from the Figure that in practice,
the value we derive for fDG is not particularly sensitive to

CO column density

(Smith et al., 2014, MNRAS, 441, 1628)



H2 forms above column densities of 1020 cm-2 

CO columns jump after NH2 ~ 1021 cm-2

H2 fraction vs. column density N CO col. density vs. H2 col. density

(Smith et al., 2014, MNRAS, 441, 1628)



details of CO emission
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relation between CO and H2

(Smith et al., 2014, MNRAS, 441, 1628)



Filamentary molecular clouds in inter-arm regions are 
likely only the observable parts of much larger structures.

relation between CO and H2



46% molecular gas below CO column densities of 1016 cm-2 

42% has an integrated CO emission of less than 0.1 K kms-1

fDG = 0.42 Xco=2.2 × 1020 cm-2K-1km-1s

jump due to 
shielding

dark gas fraction

(Smith et al., 2014, MNRAS, 441, 1628)



dark gas fraction

Observational estimates:  

Grenier et al. (2005)           fDG = 0.33-0.5 

Planck coll. (2011)*            fDG = 0.54 

Paradis et al. (2012)* fDG = 0.62  

    (inner fDG = 0.71, outer fDG = 0.43) 

Pineda et al. (2013)             fDG= 0.3 

Roman-Duval et al.              fDG ~ 0.5  
(in prep.)   

* dust methods have large uncertainties. 

fDG = 0.42

(Smith et al., 2014, MNRAS, 441, 1628)



• there is increasing evidence, that a significant fraction 
of the H2 gas in galaxies is not traced by CO  
(e.g. Pringle, Allen, Lubov 2001, Hosokawa & Inutsuka 
2007, Clark et al. 2012)

• 3D simulations of colliding HI gas forming molecular 
clouds at the stagnation region performed by Paul 
Clark in Heidelberg 

- SPH (also with FLASH)
- full fledged CO chemistry
- TREECOL for calculating extinction
- ‘standard’ dust model
- sink particles to account for local collapse (star formation)
- two models: slow and fast flow

is there CO-dark H2 gas?
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Figure 3. Evolution with time of the maximum density (blue, solid line)
and minimum temperature (red, dashed line) in the slow flow (top panel) and
the fast flow (bottom panel). Note that at any given instant, the coldest SPH
particle is not necessarily the densest, and so the lines plotted are strictly
independent of one another.

owing to the fact that in this case, star formation begins before all
of the low-density, unshocked gas has had time to cool sufficiently
to reach the cold phase.

As well as forming significantly more cold gas, we also see that
the fast flow forms more dense gas. Indeed, gas at number densities
n ≥ 104 cm−3 – the minimum density characteristic of the structures
identified observationally as pre-stellar cores – appears after only
about 2.5 Myr in the fast flow, in comparison to 19 Myr in the slow
flow. We also see that the evolution of the density fractions in the
slow flow is more stochastic, indicating that much of the structure
that is formed during the collision between the streams is transient.
This transient structure is either ripped apart by the ram pressure of
the flows or pushed apart by internal thermal pressure and turbulent
motions. In the fast flow, we do not see this behaviour; typically, the
mass above each of our threshold densities is continually rising.

4 C H E M I C A L A N D O B S E RVATI O NA L
TIME- SCA LES

In this section, we first give an overview of the general chemical
evolution of the flows and how long it takes to form a ‘molecular’

cloud in each case – i.e. one that would be seen by an observer
via CO emission. We then go on to look at how the post-processed
CO maps of HH08 compare to our fully self-consistent and time-
dependent treatment of the cloud chemistry. Finally, we look at how
the observable properties of the CO vary with time as the clouds
(and star-forming regions) are assembled.

4.1 General chemical evolution of the flows

An overview of the chemical state of the gas can be found in Fig. 6.
The left-hand plots depict how the global chemical state of the gas
evolves as the flow advances. They show the fraction of the available
hydrogen that is in the form of H2 and the fraction of the available
carbon that is in the form of C+, C or CO. The fraction of the total
carbon that is incorporated into other molecules, such as HCO+, is
always very small and is not plotted. The right-hand plots show the
maximum abundances of H2 and CO within the simulation, which
tells us whether there are any molecular-dominated regions within
the flow. Note that in this plot, the abundances are given with respect
to the overall number of hydrogen nuclei (a conserved quantity),
such that gas in the form of pure H2 will have a fractional abundance
of H2 that is 0.5, whereas gas in which all of the carbon is in the
form of CO will have a fractional abundance of CO that is 1.4 ×
10−4.

We start by looking at the evolution of the H2 in the cloud in Fig. 6.
The left-hand plot shows that the gas goes from being completely
atomic – as in our initial conditions – to having around 10 per cent of
its hydrogen in molecular form by the point at which star formation
sets in (∼7 per cent in the case of the slow flow and ∼12 per cent in
the case of the fast flow). The initial rise in the amount of H2 is also
sharp, going from essentially zero to around a per cent over a period
of less than 2 Myr in each flow. Such a rapid rise can be understood
by looking at the density evolution in Fig. 4. We see that for each
flow, the sudden rise in the H2 fraction is accompanied by a rapid
rise in the amount of gas with a density above 100 cm−3. Since the
formation time of H2 is of the order of 109/n Myr (Hollenbach &
McKee 1979), where n is the number density of the gas, we see
that once the gas density exceeds 100 cm−3, the time required to
convert a large fraction of the hydrogen to molecular form becomes
of the order of a few Myr. Therefore, the sudden appearance of H2

is simply a consequence of the structure that is formed in the flows.
Fig. 6 also shows that some pockets of gas can become almost

fully molecular very early in the calculation, as shown the right-
hand plots of Fig. 6. Again this is simply a reflection of the density
evolution that we see in Fig. 4. What is interesting is that these
pockets of H2 appear very early in the flows’ evolution, well before
the onset of star formation. In the slow flow, the pockets of molecular
gas appear more than 10 Myr before the first star-forming core,
and even in the fast flow, these pockets precede the star formation
by about 3 Myr. In both cases, the regions of molecular hydrogen
appear long before the flows have been able to assemble anything
that could be construed as a star-forming cloud. As such, they exist
in relative isolation during the pre-assembly phase.

In contrast to the early appearance of H2, the appearance of CO
occurs extremely late. The simulations start with all of their carbon
in the form of C+, and we see that most of the carbon stays in this
form as the flows evolve, even once star formation has begun within
the dense gas. Very shortly after the start of the simulation, a small
fraction of the C+ recombines, yielding neutral atomic carbon, and
the amount of this that is present in the flow rises over time as the
amount of cold, dense gas increases. In particular, the same increase
in density that is seen in Fig. 3 also causes the amount of neutral
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Figure 5. The gas temperature–density distribution in the flows at the onset
of star formation.

In our calculations, the visual extinction is calculated during
the tree walk to get the gravitational forces, using our recently
developed TREECOL algorithm (Clark, Glover & KlessenClark et al.
2012), as described in Section 2.1. This yields a 48-pixel map of
the column densities (and hence visual extinctions) seen by each
SPH particle. We use this map to compute a mean visual extinction
AV,mean for each particle, using the following expression:

AV,mean = − 1
2.5

ln

[
1
48

48∑

i=1

exp(−2.5AV,i)

]
, (1)

where AV,i is the visual extinction associated with pixel number i,
and we sum over all 48 pixels. The weighted mean that we calculate
in this fashion accounts for the fact that the photodissociation rates
of molecules such as CO and the photoelectric heating rate of the
gas all depend on exponential functions of AV, rather than directly
on AV itself.

In Fig. 7 we show the distributions of temperature and mean
visual extinction for the particles in both flows, at a point 0.8 Myr
after the onset of star formation (recall that star formation occurs
at a time of 16 Myr in the slow flow and 4.4 Myr in the fast flow).
The points are coloured by the CO abundance of the corresponding
SPH particle, and results are only shown for SPH particles with
fractional CO abundances greater than 10−8. This means that very
little of the warm gas in the flows appears in the plot, since this
material typically has a CO abundance below this threshold. In the
case of the slow flow, we see from the figure that high CO fractions
are present only in gas with a mean visual extinction AV,mean > 2
and a temperature lower than 20 K. In this case, adopting the higher
temperature threshold and lower extinction threshold used by HH08

would lead to an overestimate of the fraction of the flow that would
be traced by CO, and thus identified as a molecular cloud. In the
fast flow, the HH08 approach fares better. In this case, the transition
from low to high CO abundances does indeed occur for AV,mean ∼
1, although for gas with a temperature below around 20–30 K; gas
with T ∼ 50 K and AV,mean ∼ 1 has a very low CO abundance.
Similar results were found in the one-dimensional calculations of
Bergin et al. (2004), who found that the gas must typically sit above
AV,mean ∼ 2 for CO to form efficiently.

The motivation for the extinction threshold adopted in HH08 was
provided by the study of van Dishoeck & Black (1988), who demon-
strated that in uniform density, plane-parallel cloud models, CO is
abundant in regions that have visual extinctions AV > 1. However,
the van Dishoeck & Black (1988) study did not account for density
inhomogeneities in the gas, which have the effect of significantly
complicating the relationship between the CO abundance and the
visual extinction (see e.g. Glover et al. 2010). The HH08 approach
therefore implicitly assumes that all of the gas with AV,mean ! 1 and
T < 50 K is dense enough to sustain a high CO abundance. As we
see in Fig. 7, this is not the case in our model clouds: the scatter in
the relationship between AV,mean and n is quite large, and so much
of the gas with AV,mean ∼ 1 has a density below 1000 cm−3, and
hence although it is relatively cold (T < 50 K), it is nevertheless too
diffuse to have a high CO abundance. A similar density threshold of
around 1000 cm−3 is also found in more idealized turbulent-cloud
models (see e.g. Molina, Glover & Federrath 2011).

One can see by just how much the true mass of the clouds would
be overestimated by looking at Fig. 8, which shows the cumulative
temperature distribution in terms of the flow mass. We see that there
is around an order of magnitude more gas with a temperature in the
range 20 < T < 50 K than a temperature T < 20 K has. Given that the
mean visual extinction of gas with T < 50 K is generally quite high,
as shown in Fig. 7, we see that the HH08 approach will typically
result in inferred ‘molecular clouds’ that are about 10 times more
massive than those predicted by our more self-consistent approach.

Nevertheless, it is clear that the basic motivation underlying the
HH08 approach is sound. Our results suggest that instead of using
a threshold of T < 50 K and AV,mean > 1, the values T < 20 K and
AV,mean > 2 would give a more accurate picture of the location of
the CO-bright gas, at least in the early stages of cloud assembly that
we focus on here.

4.3 Detection via CO emission

The plots in Fig. 6 show us that CO becomes highly abundant in
some regions of the cloud shortly before the onset of star formation.
However, this on its own does not tell us whether these regions
would actually be detectable in CO emission. In this section, we
post-process our results using the RADMC-3D1 radiative transfer code
in order to construct maps of the 12CO (1–0) line emission coming
from the region immediately surrounding the first star-forming core
in each flow. To compute the CO level populations, we use the large
velocity gradient approximation (Sobolev 1957), as implemented in
RADMC-3D by Shetty et al. (2011a,b). The SPH data are interpolated
on to a 2563 grid of size 6.48 pc, centred on the star-forming core. In
this manner, the self-consistently computed abundances of the CO
from the simulations can be used as the basis of the radiative transfer
calculation. The radiative transfer is done along the x-axis of the
grid, such that the rays are fired from negative x to positive x. The

1 http://www.ita.uni-heidelberg.de/~dullemond/software/radmc-3d/
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Figure 6. Chemical evolution of the gas in the flow. In the left-hand column, we show the time evolution of the fraction of the total mass of hydrogen that is
in the form of H2 (red solid line) for the 6.8 km s−1 flow (upper panel) and the 13.6 km s−1 flow (lower panel). We also show the time evolution of the fraction
of the total mass of carbon that is in the form of C+ (green dashed line), C (orange dot–dashed line) and CO (blue double-dot–dashed line). In the right-hand
column, we show the peak values of the fractional abundances of H2 and CO. These are computed relative to the total number of hydrogen nuclei, and so the
maximum fractional abundances of H2 and CO are 0.5 and 1.4 × 10−4, respectively. Again, we show results for the 6.8 km s−1 flow in the upper panel and the
13.6 km s−1 flow in the lower panel. Note that the scale of the horizontal axis differs between the upper and lower panels.

resulting maps are hence those that would be seen by an observer
sitting at positive x (i.e. one who is looking along the flow).

The images in Fig. 9 show the results from the radiative transfer
calculations, along with the column number density for the same
region. The line transfer data are shown as the velocity-integrated
intensity (WCO) – the quantity that is commonly used to deter-
mine H2 column densities via the so-called ‘X-factor’ (Solomon
et al. 1987; Young & Scoville 1991; Dame, Hartmann & Thaddeus
2001). We perform the radiative transfer at four times in each flow’s
history, spanning a period from 2 Myr before the onset of star for-
mation to 0.8 Myr after the onset of star formation (which is also the
point at which we halt the simulations due to the rapidly increasing
computational expense).

We see that in both cases, WCO is large in the region immediately
surrounding the star-forming core, and that the dense pre-stellar
core is embedded in a larger region of diffuse CO emission. The
range of values for WCO in this region – from a few K km s−1 to
around 20–30 K km s−1 – appears to be consistent with the range
of values found in local clouds such as the Taurus molecular cloud
(Goldsmith et al. 2008; Narayanan et al. 2008). However, the length-
scale associated with the CO-bright regions does differ between the
two flows. For the slow flow, the region around the pre-stellar core is
2 pc in length at the onset of star formation, while in the fast flow the
region is somewhat smaller, having a diameter of roughly 0.5 pc.

In both cases, the extent of the CO emission reflects the column
density distribution in the gas. In general, however, it seems that at
these early times the CO is confined to regions that are undergoing
gravitational collapse.

The images shown in Fig. 9 also demonstrate that both the size of
the CO-bright region and the strength of the emission from this re-
gion vary strongly with time. At a time of 2 Myr before the onset of
star formation, there is essentially no visible CO emission coming
from the fast flow, and only one small region of relatively faint emis-
sion in the slow flow.2 However, the size of the CO-bright region and
the strength of the emission from this region both increase rapidly as
the pre-stellar core begins to undergo gravitational collapse. From
the column density images, we can see that this change largely just
reflects the change in the column density distribution that occurs
as the core collapses. Although the observational definition of ‘de-
tection’ of a molecular cloud via CO emission can vary, depending
on the method used to extract the cloud from the data set and the
telescope used to conduct the survey, a value ofWCO ! 1 K km s−1

2 Strictly speaking, there is a very low level of CO emission coming from
every part of the cloud, but in the image we only indicate the emission when
WCO ≥ 0.1 K km s−1, as emission below this threshold would not in practice
be detectable.
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Figure 9. The images show the evolution of the column number density, N, and the velocity-integrated intensity in the J = 1–0 line of 12CO, WCO (1–0),
for the region in which the first star forms in each of the flows. Four times are shown: 2 Myr prior to star formation (upper left-hand panels), 1 Myr prior to
star formation (upper right-hand panels), the point of star formation (lower left-hand panels) and 0.8 Myr after the onset of star formation (lower right-hand
panels). The CO-integrated intensity map is obtained via a radiative transfer calculation performed with the RADMC-3D code and uses the large velocity gradient
approximation to compute the CO level populations.

simulation before the onset of star formation, and hence correspond
to a time less than 105 yr prior to the formation of the first sink
particle.3

3 We produce output snapshots every 105 yr during the runs.

As in the previous sections, we again see a very different picture
when we compare the conditions surrounding the star-forming core
in each flow. The main difference between the simulations is that
the slow flow is almost entirely Jeans unstable by the onset of star
formation (i.e. its gravitational energy is greater than its thermal
energy), while the fast flow is in general gravitationally stable. This
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summary

• the global SF relation may not be universal and linear, 
instead there seem to be galaxy-to-galaxy variations and 
often ΣSFR vs. Σgas is sub-linear

• there is a considerable diffuse and extended component 
of CO emitting gas in the Milky Way as well as in other 
disk galaxies

• in addition, there is a substantial fraction of CO-dark 
molecular gas typical L★ spirals
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